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Cosmological Simulations of the Effects of Primordial Molecules on the First
Generation of Stars

by Matthew UNTERSLAK

In this study I present new results based on the implementation of molecular cool-
ing and primordial streaming velocities into the hydro-dynamical simulation code
GASOLINE. I demonstrate that the inclusion of molecular cooling as a cooling branch
in the primordial gas and the addition of a homogeneous streaming velocity in the
initial velocity field, are both critical to the study of Pop III stars. Pop III stars have a
profound impact on galaxy formation, completely altering the chemical composition
and thermal evolution of the gas. Future observations with the SKA telescope are
expected to reveal some of the signatures of primordial star formation and thus enable
the comparison with the numerical predictions. Numerical simulations employed
to model the evolution of the primordial gas are able to capture the dynamics well-
enough to predict the formation times of Pop III stars. The present study confirms
that H, and HD are the most dominant coolants at high redshifts. The implementa-
tion of a homogeneous streaming velocity field, generated by the decoupling of gas
and DM at the epoch of decoupling (z ~ 1100), delays the collapse of the gas at the
centre of the DM haloes and thus delays Pop III star formation. The overall result of
the implementation of molecular cooling and primordial streaming velocities is that
they compensate each other to a certain degree, such that the formation times of the
first stars remain roughly unchanged - accelerated by the inclusion of molecules and
decelerated as a consequence of the primordial streaming velocities, but it is unclear
whether these effects exactly compensate one another.
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Chapter 1

Introduction

Understanding how the first stars developed is a key topic in cosmology, as their
appearance ended the cosmic dark ages, completely transforming the early Universe.
It is generally accepted that they formed within haloes of ~ 10°® M, and that collapse
began between z ~ 20 — 30 (Yoshida et al., 2003). They produced hydrogen-ionizing
photons which caused the epoch of reionization, and their supernova (SN) explosions
ejected trace amounts of D and Li and predominantly large amounts of heavier
elements (Karlsson, Bromm, and Bland-Hawthorn, 2013). The exact time of their
formation is critical to how the Universe evolved, completely altering the evolution
of the primordial gas with signatures possibly observable with the future SKA. This
formation time depends critically on the chemical composition of the gas.

Early numerical simulations assumed that hydrogen and helium atoms, with their
ions, were sufficient to capture the chemistry of the early Universe, as they were the
dominant species. However, these prove inefficient coolants, leaving the gas at ~ 10*
K. Since the formation of stars depends on a density threshold (generally between
10~ 'and1), these simulations produced very heavy stars, as large quantities of hot gas
were needed to meet this threshold. Theoretically, stars are meant to form at ~ 0 K,
so it was clear that additional cooling was required. Molecules provide a physical
avenue as they have rotational and vibrational modes, and line cooling, as potential
branches for radiating away thermal energy. This makes them ideal candidates for
improved cooling models.

The first molecule identified as an excellent addition was H». In low-metallicity
environments (such as the primordial Universe), H, collisions are important coolants
between 5000 and 200 K (Glover and Mac Low, 2007 ; Gnedin and Kravtsov, 2010),
and have a strong influence on early star formation (Jappsen et al., 2007). In addition,
the formation of cold, dense gas clouds enables shielding of the interior gas from UV
photons and thus avoids photo dissociation of the molecules (Krumholz, Leroy, and
McKee, 2011; Glover and Clark, 2012). H; offers both increased cooling rates at low
temperatures, and effective gas shielding. The addition of H; therefore provides a
more accurate modelling of the primordial cooling process.

Although H; drastically changes the temperature of the gas at early times, HD is
the dominant coolant below 200 K. Its abundance is coupled to the H, abundance,

which is generally % ~ 1072 — 1072 (e.g. Puy et al., 1993; Galli and Palla, 1998).

Nevertheless, it is an extremely efficient coolant, and is able to allow much smaller
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characteristic masses to collapse at high redshifts. This is due to its permanent electric
dipole moment, releasing radiative energy via collisions with H and He. It also allows
dipole rotational transitions which generally have energies about two times smaller
than those of the Hy quadrupole transitions. The combination of H, and HD provides
an effect molecular network at high redshifts, leading to star formation at smaller
virial masses.

The chemical composition of the gas is not the only contributor to accurately
modelling the dynamics of the gas which produces the first stars. At the epoch of
decoupling (z ~ 1100), the baryons lose most of their momentum to the cosmic
microwave background (CMB) photons. This sets up a relative streaming velocity
between the gas and the dark matter (DM). The work by Tseliakhovich and Hirata,
2010 found that this was homogeneous over a few Mpc (comoving) and had an rms
value of 30 kms~!. Numerical simulations done by Maio, Koopmans, and Ciardi,
2011, Stacy, Bromm, and Loeb, 2011 and Greif et al., 2011b found that the inclusion
of a streaming velocity delays the formation of the first stars. A streaming velocity
should therefore be added to the model.

This study will show that both the addition of H, and HD to the chemical network,
and the addition of a streaming velocity to the initial conditions, are crucial to
providing a more accurate description of the environment in which the first stars
form. The addition of molecular cooling will be shown to hasten the formation of the
tirst stars and completely alter the thermal evolution of the gas in comparison to a
chemical network without them. Finally, this study will confirm that star formation is
indeed delayed by the inclusion of a streaming velocity, which effectively suppresses
the formation of stars in small-mass DM haloes at early times. The net effect is to have
star formation times which roughly agree with simulations which neglect molecular
cooling and streaming velocities all together.

This dissertation is laid out in the following way. The theory behind the first stars:
how they form and die, the chemical composition of the primordial gas and how it
is modelled, and the theoretical origins of the streaming velocity are discussed in
chapter 2. The numerical implementation of the star formation cycle, atomic and
metallic gas cooling and streaming velocities are detailed in chapter 3. The method
for introducing molecules into the already existing version of the cosmological code
GASOLINE, the method to including a streaming velocity into the initial conditions
of a cosmological simulation, and the exact parameters and setups used for the
simulations conducted in this study are outlined in chapter 4. The analysis and
discussion of the results of these simulations are in chapter 5. The conclusions drawn
from these results, and a discussion of future endeavours are contained in chapter 6.
Finally, Appendix A gives a brief outline of the way in which GASOLINE’s cooling
implemented and details all the changes made to add molecular cooling into the code
and Appendix B tabulates the entire chemistry reaction network implemented in our
version of GASOLINE.



Chapter 2

Theory - First Stars and Primordial
Winds

In this chapter, we will discuss how the first stars formed and why they are so
critical in the study of the evolution of the cosmos, as well as in the study of large scale
structures (such as galaxies). Since we are interested in how stars form, this chapter is
mainly focussed on the theory behind their formation (section 2.1) and the conditions
necessary for them to form. The chemical and thermal composition and evolution of
the gas are critical to this formation, and are discussed in detail in section 2.2. Having
a full understanding of the chemical environment in which stars form, and the effects
both after they form and once they die, is crucial to modelling star formation as
accurately as possible. The final section in this chapter, section 2.3, discusses the
effects on star formation from streaming velocities generated during the epoch of
decoupling. With all this information, we aim to construct the theoretical foundation
from which an accurate and detailed star formation model can be constructed.

The current understanding of star and galaxy formation is that DM and gas begin
by collapsing into small haloes, through gravitational collapse and subsequent viriali-
sation. The haloes progressively merge into larger haloes, a process which is referred
to as hierarchical structure formation. In contrast to the DM, the gas can radiate off
energy. Thus it cools and sinks to the centres of the DM haloes where some fraction
of it forms stars.(White and Rees, 1978; Mo, van den Bosch, and White, 2010). The
gas settles into a rotating disc due to the conservation of angular momentum, leading
to star formation within the disc.

The infall of the gas on the disc is governed by radiative cooling, thermal pressure
(Binney, 1997; Rees and Ostriker, 1977) and the incident radiation field (Rees, 1986;
Efstathiou, 1992; Cantalupo, 2010; Gnedin and Hollon, 2012). It is therefore clear
that for accurate numerical modelling a complete description of the cooling rate is
required in order to determine the amount of fuel available for star formation.

The mass of a star dictates how long it lives for and how it dies. A discussion of
these will follow in this chapter, but the first stars, Population III (Pop III) stars, have
masses of ~ 100 solar masses. These die very quickly as massive SN explosions which
eject hot gas (and metals within it) into the inter-stellar and inter-galactic mediums,
which contain cold gas. This creates heating and ionization of the gas in these regions.
Gas cooling is therefore incredibly important for allowing the hot gas to become cold
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again and allow the next generation of stars to be formed. This will theoretically
happen at ~ 0 K, and so the purpose of section 2.2 is to model how to do this. The
combination of these processes: star formation, stellar winds and supernovae (SNe)
re-heating the gas and then gas cooling again to form stars, is referred to as the star
formation cycle. The numerical implementation of the star formation cycle follows in
the next chapter.

2.1 Pop III Stars and their Formation

Pop III stars have a significant impact on cosmic evolution due to their radiative,
mechanical and chemical feedback mechanisms (Ciardi and Ferrara, 2005). In order
to discuss stellar evolution, we make the distinction that any elements heavier than
He will be referred to as metals. There are three main populations of stars: Pop III,
IT and I stars. Pop III stars form in regions of metal-free gas (comprised of H and
He atoms and molecules) and are formed first, followed by Pop II and Pop I stars.
Pop II stars have ~ 0.5% metals and Pop I stars have ~ 1% metals. The effects of
primordial chemistry on star formation are discussed in section 2.2. Two different sub-
populations of Pop III stars exist, and we adopt nomenclature used by O’Shea et al.,
2008. Pop 1111 stars are those with an electron fraction ~ 10~* eV. Pop II1.2 stars are
those whose formation was affected by the radiative or kinematic feedback produced
by pre-existing stars. Note that Pop III.2 stars are named differently depending on
the author (e.g. Pop II.5 Mackey, Bromm, and Hernquist, 2003). The distinction
between Pop III.1 and Pop IIL.2 stars is important because they form differently due
to the molecular composition of the gas.. The differences and their correspondingly
different stellar evolutions are discussed in section 2.2.

The Pop III stars emit far-ultraviolet (FUV) photons, which have energies in the
Lyman-Werner (LW) bands between 11.2 and 13.6 eV, that initiate the reionization of
the intergalactic medium (IGM) by ionizing the circumstellar gas to form H* regions.
These FUV photons have the ability to suppress star formation in their haloes (
Omukai and Nishi, 1999; Glover and Brand, 2001). Another impact is from SNe. The
mass of a star corresponds to the way in which it dies. In particular, Pop III stars with
masses > 150 M will completely evacuate the gas from the halo in which they form
(Bromm, Yoshida, and Hernquist, 2003; Wada and Venkatesan, 2003). Even smaller
stars with masses 20 — 40 M, have SN explosions which blow out a considerable
amount of material, in this case some of the gas eventually may fall back into the halo
(Ritter et al., 2012) and contribute to further star formation. The material ejected into
the IGM, via galactic winds from both SNe and star formation, enriches it with metals,
and providing the chemical environment necessary for the formation of Pop II-I stars.
The extent to which these feedback mechanisms influence the cosmic environment
depends critically on the particular initial mass function (IMF) chosen and the star
formation rate (SFR). This interplay between the birth and death of the first stars
and the IGM, in conjunction with metal cooling in the presence of a UV background,
regulates star formation at later stages. The model for star formation is discussed in
detail in section 3.2.

The formation of stars, in any regime, is governed by the Jean’s mass. This sep-
arates all gaseous objects into either those which will, or will not, collapse under a
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gravitational instability. Any object with a mass above the Jean’s mass, will collapse.
Those objects with lower mass do not collapse because pressure can build up suf-
ficiently fast to counteract gravity. For a perfect, isothermal gas, the Jean’s mass is
defined as:

=

3
. 7T kBT 2 _
M=o <ymHG> 0 (2.1.1)

From this, it is clear that total density and temperature are the major driving forces
for star formation. These are both related to the thermal evolution and chemical
composition of the gas, which are studied in more detail in section 2.2, where we
discuss, in particular, the role of the cooling function.

Pop III stars are more massive than Pop II-I stars, affecting the feedback effects
and stellar winds. The subsequent discussion follows the work of Maio et al., 2010.
Within their simulations, the first star bursts occur for stars with masses between
100 and 500 M. All these stellar populations were distributed via a Salpeter IMF
(Salpeter, 1955). The stellar lifetimes of ~ 100M, stars is ~ 3 x 100 years, while stars
which are > 100M¢, have very short lifetimes. The stellar lifetimes of these stars are
important as they dictate the change of regime from Pop III to Pop II-I star formation.
This occurs because of metal pollution provided by the PISN of Pop III stars, typically
having a mass in the range 140 M and 260 M. The metallicity of the environment
therefore dictates the change in regime.

Once the particle metallicity, Z, reaches (or passes) the critical density, Z.;, the
regime change occurs. Pop II-I stars have masses in the range 0, 1M to 100M.
These can be assumed to also follow a Salpeter IMF. The substantial difference in
mass leads to stars which live longer. Still, the ~ 100M, stars still live for ~ 3 x 10°
years, as before, but the ~ 0, 1M, stars have lifetimes of ~ 2 x 1010 years.

The winds and feedback which distribute metals within the interstellar medium
(ISM) and IGM are therefore critical to determining the generation of stars produced
in a particular region of the Universe. They are also crucial for the regulation of
star formation. The details pertaining to winds are deferred to the next chapter as
the complexity means that our understanding of them is based on the results from
simulations, but a brief outline of their importance is included here.

The typically assumed scenario is that star formation is the driving force in creating
galactic winds, which dominate IGM enrichment (Aguirre and Schaye, 2007).These
winds can be the result of a combination of: ejecta of a large number of co-existing
SN explosions (Heckman, Armus, and Miley, 1990), or SN and stellar winds, both
mechanisms inject momentum in the ISM which drive the winds, or starbursts and
AGNs which drive winds via radiation pressure (Murray, Quataert, and Thompson,
2005).
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Galactic winds and outflows have a crucial role in a number of different areas,
which include chemical enrichment, and possible heating, of the IGM (Nath and
Trentham, 1997; Aguirre et al., 2001a; Aguirre et al., 2001b; Aguirre et al., 2001c;
Madau, Ferrara, and Rees, 2001); dust pollution of the IGM (Aguirre, 1999b; Aguirre,
1999a); and, on somewhat larger scales, enrichment of the intracluster medium and
the intragroup medium. Galactic winds have been observed (e.g. Heckman, 2001;
Pettini et al., 2001) to have velocities ~ 10> — 10° kms~! and lose mass at rates which
are comparable to the rates at which stars form. Wind material exhibits a structure
which is both multi-phase and complex, the hot phase is believed to contain the
bulk of the metal population (Veilleux, Cecil, and Bland-Hawthorn, 2005, and the
references within it).

2.2 Chemistry Models for Star Formation

This section outlines how chemical cooling is modelled theoretically. Subsection
2.2.1 shows where the cooling function comes from and why it is only temperature
dependent. The cooling function is used to find the amount of energy lost (or gained)
by atoms and molecules due to their reactions with one another, or with an external
UV field. Atomic and molecular cooling of the primordial elements are treated in
a separate manner from metals, which is the subject of subsection 2.2.2. The final
subsection, 2.2.3, discusses the cooling of metals and their effects on the cooling
function. They also interact differently to the presence of an external UV field. The
complexity of the effects of chemical cooling is highlighted in this section and is
used within the discussion of how chemical elements and their effects are added to
numerical codes, which appears in the next chapter.

2.2.1 Modelling the Cooling of the Gas

Two important time-scales exist for chemical cooling of the primordial gas: the
free-fall time (f7) and the cooling time (f.o0;). In the case where t.,,; < tsf the gas
will condense. The free-fall time for a sphere of density p is defined as:

3

br=\map - (2.2.1)

where G is the gravitational constant. The cooling time can be expressed in terms
of the number density of the gas n, the temperature of the gas T, and the cooling
function .Z (T, n;). Indicating the number densities of various species within the gas
as n; the cooling time is given by:

3 YlkBT

teool = 2 m (22.2)

< represents the amount of energy which is emitted per unit time and unit volume.
This is far too complex to solve in cosmological simulations, and so a low-density
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limit is opposed for two-body interactions. can re-express the cooling function .Z in
terms of the quantum mechanical function A in the form .2 (T, ny, n,) = A(T)nyn,.
This is the same A as is used in the star formation recipes, where it represents the
cooling function of the gas.

A represents the cooling function for the gas and has greatest dependence on the
density (A ~ nz,), ionization state and metallicity. The gas densities are determined
by the local gas hydrodynamics, while the metallicity is determined by chemical
enrichment via stellar evolution. The ionization state of the gas is dependent on
the incident radiation field and gas temperature, with active galactic nuclei (AGNs)
and stars being the major contributors. Most galaxy formation models represent
this radiation field as a uniform background which uses the histories of cosmic star
formation and quasar luminosity to determine how it evolves with redshift (Haardt
and Madau, 2012). A detailed discussion of these various effects and the way they
are modelled follows in the next few subsections.

2.2.2 Primordial Chemistry

From Big Bang Nucleosynthesis (BBNS), we know that the primordial gas was
~75%H, 25 % He, 10° % D, and trace amounts of heavier elements and molecules.
What follows is the discussion of the formation of Pop III stars and the chemical
composition and evolution of the environment in which they form. What is essential
is the fact that the gas is meant to be ~ 0 K so that stars can form. Our goal is therefore
to find the best model for getting the gas to such low temperatures We begin this
discussion by highlighting the differences in the formations of Pop III.1 and Pop III.2
stars.

Pop III stars are expected to form in small protogalactic DM haloes ~ 10°M;, in
size. The gas, theoretically, should reach ~ 0 K in order to form stars. The goal of the
chemistry models created are therefore to get the temperature of the gas as close to 0
K as possible.

Pop IIL.1 stars, in a A cold dark matter (CDM) universe, are predicted to form
within haloes of ~ 106M@ (Couchman and Rees, 1986; Haiman, Thoul, and Loeb,
1996; Tegmark et al., 1997). During the protostellar collapse of these stars, when
the gas temperature T > 10* K, cooling is dominated by the collisions of hydrogen
atoms (H-atoms) which make up ~ 93 % of all atoms. A will also have a relationship
substantially depending on hydrogen, scaling as A ~ n%;, with ny representing
the number density for H. Once the temperature drops below the virialization
temperature so that T < 10* K, He becomes a more effective and efficient coolant of
the gas, allowing cooling to ~ 10° K.

However, during the protostellar collapse, Hy is the only coolant below 10° K, and
is produced via an electron-catalysed reaction called the H™ channel (Peebles and
Dicke, 1968; Hirasawa, Aizu, and Taketani, 1969):
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Ht+e —H +7 (2.2.3)

H +H——Tte . (2.2.4)

Once the gas has a temperature T ~ 200 K, and a number density ~ 10* cm 3, the
Jeans mass sets the characteristic fragmentation masses at ~ 10°M;, (Abel, Bryan,
and Norman, 2002; Bromm, Coppi, and Larson, 1999; Bromm, Coppi, and Larson,
2002; Yoshida et al., 2006; and reviews by Bromm and Larson, 2004; Glover, 2005).
The final masses of stars formed in this regime are set by the growing protostar’s
radiative feedback, and are ~ 10 — 10> M. This is much higher than present-day stars
(Omukai and Palla, 2001; Omukai and Palla, 2003; O’Shea and Norman, 2007; McKee
and Tan, 2008; Yoshida, Omukai, and Hernquist, 2008; Hosokawa et al., 2011; Stacy,
Greif, and Bromm, 2012; Susa, 2013; Hirano et al., 2014). Such large Pop IIl masses are
seen in simulations with only Hy, due to little subfragmentation during later stages
of the collapse, and because high gas temperatures lead to high protostellar accretion
rates.

In contrast, Pop II1.2 form in regions, which are still metal-free, but have been af-
fected by the formation of earlier generations of stars which have produced kinematic
or radiative feedback. Pop III.2 stars have been generally found to form in haloes
dominated by atomic-cooling which have virial temperatures > 10* K (Greif et al.
2008; O’Shea and Norman, 2008). For example, defunct Pop III stars produce relic
H" regions in which Pop IIL.2 stars have been found to form (Kitayama et al., 2004;
Whalen, Abel, and Norman, 2004; Abel, Wise, and Bryan, 2007; Yoshida et al., 2007).
Within scenarios such as this, the H™ channels produced an amount of H; equal to
~ 1073 which is more than is produced within scenarios for Pop III.1 which produce
about ~ 10~* in comparison (e.g O’Shea et al., 2005).

These Pop II1.2 stars allow us to introduce the molecule hydrogen deuteride (HD)
into our calculations, as the temperature of the gas will plummet to lower temper-
atures where HD could become effective. To determine the impact of introducing
HD, and whether or not it is a good choice, we need to investigate whether enough
HD actually forms to make a difference. We begin by considering the main reactions
involved in its creation and destruction (thereby regulating the amount of HD). These
are:

Hy +D" — HD 4+ HT (2.2.5)

HD +H" — H, + D™ (2.2.6)

These reaction equations highlight that the fraction of HD to Hj is an important
determinant of the efficiency of HD as a coolant. Reaction 2.2.5 is exothermic and
reaction 2.2.6 is endothermic by 462 K. Therefore, chemical fractionation occurs at
low temperatures, leading to the fraction of HD to H; being enhanced above that of
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D to H by a large numerical factor. As the temperature decreases, the HD cooling
rate per molecule also decreases, but the the HD cooling rate per volume can in fact
increase. Thus, HD has the potential to be the most effective coolant below 200 K.

A problem which has been debated is that, in some calculations, HD seems to be
unimportant. This is because the fractional ionization in conventional calculations for
Pop III star formation (e.g. Abel, Bryan, and Norman, 2002) is generally small, and
due to PdV heating, the gas never reaches a temperature which is low enough for
chemical fractionation to become an efficient process. This would suggest that HD
cooling is completely negligible. However, if the gas is initially in an ionized state
and is then cooled, more H; forms because of non-equilibrium fractional ionization
present in the cooling of the gas (Shapiro and Kang, 1987). The presence of more H;
cools the gas further than in conventional calculations and so chemical fractionation
now becomes very important since is it is now much more efficient. This results in
HD now becoming dominant.

Combining these results, HD is the dominant coolant once the gas is below 200 K,
particularly around 150 K where HD production is very rapid. It also remains effective
up to high gas number densities of ~ 10° cm—3 . As a result, HD cools the gas to
~ 30 K (e.g. Nagakura and Omukai, 2005) leading to stars with characteristic masses
of ~ 10M;, (Uehara and Inutsuka, 2000; Nakamura and Umemura, 2002; Mackey,
Bromm, and Hernquist, 2003; Machida et al., 2005; Nagakura and Omukai, 2005;
Johnson and Bromm, 2006; Yoshida et al., 2007; Yoshida, Omukai, and Hernquist,
2007; Wolcott-Green and Haiman, 2011; Hosokawa et al., 2012), although the most
massive stars that can form under these conditions reach ~ 40Mg. It must be noted
here that in relic primordial H" regions, the characteristic masses of objects collapsing
from the gas have already been demonstrated to be smaller O’Shea et al., 2005. What
is evident, however, is that Pop III.2 stars are more massive than ordinary present-day
stars, but less massive than their predecessor Pop III.1 stars. As a consequence, Pop
II1.2 stars have longer lifetimes and can delay the transition between Pop III and Pop
II-I stars.

The introduction of HD cooling relies heavily on the accuracy of the H; calcula-
tions. It turns out that, when introducing Hj calculations, several issues need to be
considered (Glover and Abel, 2008). We will briefly discuss each of these.

There are two quantum mechanical spin-states for molecular hydrogen. Ortho-
hydrogen has spin quantum number I = 1 and para-hydrogen has spin quantum
number I = 0. The first problem is that most calculations of the H, abundance
assume that the ratio of ortho-hydrogen to para- hydrogen is

(2Iortho + 1)
(2Ipum + 1)

This relationship suggests a ratio of 3:1 for ortho-hydrogen to para-hydrogen
(ortho-para), i.e. 75 % of all molecular hydrogen is in the ortho-hydrogen state. This
only holds so long as the H, population is in local thermodynamic equilibrium (LTE)
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and is warm, since many of the rotational and vibrational levels will be populated.
Once H; is at low temperatures and low densities, the ortho-para ratio may differ
drastically from 3:1. The significance lies in the differences between the rotational
and vibrational level transitions of ortho-hydrogen and para-hydrogen. To illustrate
this, the energy of the rotational transition of para-hydrogen fromv =0,/ =2 = 0
is Eyp = 509.85 K, while the energy of the rotational transition of ortho-hydrogen
fromv =0,] =3 — 11is E3; = 844.65 K. Therefore, para-hydrogen can continue to
cool the gas at lower temperatures where ortho-hydrogen cannot. It has also been
demonstrated that at lower temperatures, the fraction of para-hydrogen exceeds that
of ortho-hydrogen and that at ~ 20 K, pure para-hydrogen exists since it is more
stable. The increase of para-hydrogen drives the temperature of the gas down to the
low temperatures required for HD dominance. Therefore the model we implement
must be sensitive to the ortho-para ratio, or HD will not dominate.

A second problem lies in uncertainty surrounding the low-temperature behaviour
of H. An interaction potential is used to calculate the H — H» excitation cross-sections,
and how sensitive the low-energy cross-sections are to this potential is still unknown.
Most calculations apply a fitting function to the low-density cooling rate for H, so
that studying HD is possible. The most widely used fit was made by Galli and Palla,
1998. For temperatures T < 600 K, their fitting function used the Forrey et al., 1997
excitation rates, whose equations were determined utilising the BKMP2 potential
energy surface proposed by Boothroyd et al., 1996. A new set of excitation rates for
H; was published by Wrathmall and Flower, 2007, which was based on calculations
which utilised the Mielke, Garrett, and Peterson, 2002 potential energy surface. A fit
of the Wrathmall and Flower, 2007 coefficients produces a very different H, cooling
function from that of Galli and Palla, 1998 when T < 1000 K. The impact of this
difference has not yet been explored in much detail. Our model is based on the work
by Galli and Palla, 1998.

Thirdly, most calculations only consider collisional excitations between H, and
atomic hydrogen. However, H, can also be collisionally excited by H, , He , H" and
e~ . The implementation of these extra collisional species is dealt with in section 4.1.
We include some of the neglected processes as outlined in Glover and Abel, 2008.

The fourth point is related to the above. Several uncertainties exist in relation to
several key rate coefficients for reactions involved in the creation and destruction of
Ho. Itis noted, however, that the rate coefficient uncertainties were studied previously
by Savin et al., 2004 and Glover, Savin, and Jappsen, 2006.

As was mentioned in section 2.1, Pop III stars emit large amounts of FUV photons.
These photons prevent the gas from cooling efficiently by photodissociating Hb.
Gas in haloes is also vulnerable to external FUV photon irradiation, which severely
regulate Pop III.1 star formation (e.g. Haiman, Rees, and Loeb, 1997). In larger
haloes, Pop III.2 star formation is relatively unaffected since atomic cooling remains
relatively undisturbed, even when subjected to a FUV background (Haiman, Rees,
and Loeb, 1997; O’Shea and Norman, 2008). Pop II.2 could in all likelihood make up
the major portion of the Pop III stellar population, and contributing large amounts of
radiative and chemical feedback which alter subsequent stellar populations (Trenti
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and Stiavelli, 2009; de Souza, Yoshida, and Ioka, 2011). As has been mentioned
earlier, the longer lifetimes of Pop III.2 stars mean that they could have survived
until as recently as z ~ 6 (Tornatore, Ferrara, and Schneider, 2007; de Souza, Yoshida,
and Ioka, 2011; Johnson, Dalla Vecchia, and Khochfar, 2013). It is possible, with the
assumption that this holds true, that future facilities could detect SNe and gamma-ray
bursts (GRBs) produced by Pop III.2 stars and provide data which will allow us to
probe the nature of primordial stars in more detail (Nakauchi et al., 2012; Tanaka,
Moriya, and Yoshida, 2013; Whalen et al., 2013).

Some studies consider scenarios (such as in large-mass haloes) where the density
of the gas is lower, thereby exposing more molecules to the FUV photons (Yoshida,
Omukai, and Hernquist, 2007; Wolcott-Green and Haiman, 2011). They find that this
slightly suppresses the abundance of H, by photodissociation, leading to significant
suppression HD formation . In such a case as this, Pop III.2 stars would evolve
identically to Pop III.1 stars, and share the same characteristic masses. A study by
Nakauchi, Inayoshi, and Omukai, 2014 concludes that there are several important
effects which favour HD cooling and make Pop IIL.2 stars fairly common. These
effects are outlined below.

Shocks occur ubiquitously during the galaxy formation epoch, for instance during
the virialization of haloes or SN explosions. HD and H; formation and cooling are
more efficient due to the elevated ionization degree present within a shocked gas
(Uehara and Inutsuka, 2000; Mackey, Bromm, and Hernquist, 2003; Vasiliev and
Shchekinov, 2005; Johnson and Bromm, 2006; Shchekinov and Vasiliev, 2006; Greif
et al., 2008; Bovino et al., 2014). When a strong shock occurs, the post-shock gas
cools as a function of density, with its temperature dropping as the density increases
(e.g. Shapiro and Kang, 1987). Free-falling clouds existing within relic H" regions
experience very swift cooling which is also a function of density, but the temperature
drops with constant density rather than increasing density (as before; Johnson and
Bromm, 2006; Yoshida, Omukai, and Hernquist, 2007; Wolcott-Green and Haiman,
2011). Higher column densities provide more effective shielding from the FUV
radiation field. Thus, the post-shock flows have a lower FUV flux than the relic H"
regions. Despite this, previous studies (e.g. Wolcott-Green and Haiman, 2011) did
not fully account for the isobaric nature of the evolution.

An additional radiation field, the cosmic ray (CR) background, is also associated
with star formation and is generated by the CR acceleration in SN remnants. Once
more, the ionization degree is enhanced by CR irradiation, increasing HD and H,
production and cooling (Jasche, Ciardi, and Enfilin, 2007; Stacy and Bromm, 2007;
Inayoshi and Omukai, 2011). It is therefore possible that the negative feedback
associated with FUV radiation could be counteracted by irradiation produced by the
CR background. Previous to the Nakauchi, Inayoshi, and Omukai, 2014 study, the
effects of combining both fields into one study had not been done (Jasche, Ciardi, and
Enfilin, 2007; Stacy and Bromm, 2007; Wolcott-Green and Haiman, 2011), leaving the
effects of these joined fields not well understood. Nakauchi, Inayoshi, and Omukai,
2014 show that, within free-falling clouds which exist within relic H* regions, the
intensity of the FUV photons tends to be an order of magnitude lower than the
intensity which exists within a cloud compressed by plane-parallel steady shocks.
The most important conclusion they find is that Pop III.2 stars forming where HD
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is the dominant coolant of the gas is fairly common during the epoch of galaxy
formation.

According to the above discussion it is extremely important to include HD in
the modelling cosmological star formation. The numerical implementation of the
primordial chemistry models constitutes the main focus of the present study and will
be described exhaustively in section 4.1.

2.2.3 Metal Enrichment

So far, we have discussed the primordial chemistry and how HD affects the forma-
tion of Pop III stars. However, metals play the crucial role of differentiating Pop III
stars from later stellar populations. Without the tracking of metals, the numerical star
formation models cannot determine if Pop III stars are still in existence, nor when the
Pop III regime has ended.

Through observations of metal absorption lines (e.g. Crir , Crv , Sin , Stv , and Opy )
in quasar spectra, it has been found that the IGM far outside galaxies ( pm’i — <10)is
metal enriched (e.g. Songaila and Cowie, 1996; Davé et al., 1998; Ellison et al., 2000;
Schaye et al., 2000; Pettini et al., 2003; Schaye et al., 2003; Aguirre et al., 2004; Simcoe,
Sargent, and Rauch, 2004). Evidence exists that enrichment extends back to z > 5 (
Pettini et al., 2003; Simcoe, 2006), although metallicities are very low between z = 4
and z = 2 (Schaye et al., 2003). Due to the fact that metals are created within stars
which reside within galaxies, the only way for the IGM to become enriched is by

metals escaping from galaxies as already discussed in section 2.1.

The mixing of metals between the wind and the surrounding gas also plays an
important role. SN explosions have been identified as a major driver of the large
amount of turbulence within the ISM (Mac Low and Klessen, 2004). Large velocity
shears (which exist between winds and gaseous haloes) also produce turbulence
and mixing. Metals and thermal energy are redistributed (changing the metallicity
and temperature) between the winds and ambient gas via turbulent mixing, altering
the future evolution of the gas. The impact of metal mixing on the IGM is unclear.
For example, Schaye, Carswell, and Kim, 2007 observed ~ 100pc compact, highly
enriched, transient Cry absorbers, indicative of poor small-scale chemical mixing. To
explain these absorbers, it was suggested that they were enriched clumpy medium
immersed in hot galactic winds. Supposing that the major mechanism generating
turbulent mixing between winds and the surroundings is velocity shear, then the
clouds being carried by hot winds at the same speed would account for this poor
small-scale mixing. Investigating this would require resolving wind structures, which
is impossible in cosmological simulations at present.
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2.3 Streaming Velocities - the Primordial Winds

This section introduces the work by Tseliakhovich and Hirata, 2010, which showed
that the relative velocities existing between DM and gas from the epoch of decoupling
were an order of magnitude or two larger than previous studies suggested. The fact
that, due to the relative streaming velocities the gas might take longer to fall into DM
haloes and therefore has the potential to delay star formation, is critical to the overall
model for star formation. This section outlines the theory behind how these winds
are generated, and gives a rough value for the velocity of such a wind. We begin by
explaining where these winds originated.

The epoch of recombination is of particular interest because it directly impacts
the initial conditions for cosmological simulations. Before recombination, Thomson
scattering tightly coupled baryons and photons to one another, forming a plasma
which is radiation-dominated and has a sound speed cs ~ \%c. Due to the fact that the

CDM components and radiation do not have a significant electromagnetic interaction,
they do not create a significant drag on one another. This means that perturbations in
the CDM components are allowed to grow. The expansion and subsequent cooling of
the Universe gives rise to kinematic decoupling, which happens at z ~ 1020, of the
baryons from the radiation, allowing the baryons to be able to fall into CDM potential
wells. This event, occurring slightly after the surface of last scattering, happens
because the baryons have a lower inertia than the microwave background photons
during this epoch. The Universe then becomes transparent because the protons and
electrons now recombine to form atoms, of which ~ 75% is Hydrogen and ~ 25% is
Helium.

Post-recombination, the baryonic sound speed in the gas is

A i ks Ty 2.3.1)
U my

where 7 = g for an ideal monatomic gas, the mean molecular weight, y = 1.22,
includes the He mass fraction of 0.24, mp is the mass of the hydrogen atom, and T is
the kinetic temperature of the baryons. This temperature represents the competition
between the adiabatic cooling and Compton heating (due to the CMB photons). The
RECFAST code was used to find T}, (Seager, Sasselov, and Scott, 1999, Seager, Sasselov,
and Scott, 2000] and parametrize it as:

TcmBo an 1 1
T = ~ 11+ —2 = — =— T =2726 K
b(a) + ;W= g 2= g5 0 Temso 6

(2.3.2)

Before decoupling, the relativistic sound speed of the plasma created pressure
which prevented the baryons from being trapped in any of the CDM potential wells.
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Thus, the gas forms a static plasma below which the CDM is accelerating due to
the underlying gravitational field. After decoupling, the photons decouple from the
baryons, taking most of the momentum with them, while the baryons recombined
into atoms. The velocities of the baryons dropped rapidly to thermal velocities.
The CDM, having an insignificant electromagnetic component, evolved following
gravitational interactions and formed proto-haloes. The result of this is that the
velocity of the CDM was unaffected, and so the relative velocity between the CDM
and the gas is now significant. It is expressed as

Vie(k) = = [0p(k) — 6c(k)] (2.3.3)

>\~\ ~>

Here, k is the unit vector in the direction of k, and the velocity divergence is
represented by § = a~!V - v. The variance is given by

k ¢
dk
= ?Aibc(k) (2.3.4)

where, A%(k) = 2.42 x 1077 is the initial curvature perturbation per Ink Dunkley
et al., 2009. By integrating (2.3.4) at the time of recombination (z,.. = 1020), it is
shown that there is a relative velocity between the dark matter and the gas of ~
30 km s~!. This corresponds to a Mach number of .# equivs ~ 5.This motion is
supersonic, resulting in baryons being advected out of DM potentlal wells. This
results in significant suppression of structural growth at wave numbers above

~ 40 Mpc ™! (2.3.5)
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FIGURE 2.1: This plot shows the variance of the relative velocity perturbation per Ink
as a function of k, A%hc (k), showing where A%hc (k) is non-zero. From this, the coherence

length of vy, can be determined. As can be seen from the plot, once k > 0.5 Mpc !, the
power spectrum decays rapidly, showing that the relative velocity, vy, is only coherent
over scales smaller than a few Mpc comoving.

Figure 2.1 shows the relative contributions to the relative velocity v, from the
varying scales. From this plot, it is clear that the largest scales provide no contribution
to vy, since at the decoupling time these are the regions which were outside the sound
horizon. The dominant contributions are provided by the region of the plot where it
looks Gaussian, due to the fact that this corresponds to the areas of the plasma where
acoustic oscillations were present. These had velocities which were generally a few
times ¢ and were unaffected by Hubble damping at early epochs when p > p, (Hu
and Sugiyama, 1995). The smallest scales are those regions where photon diffusion
damped the baryonic acoustic oscillations, and the Hubble drag during the radiation
era suppressed the CDM velocities. We therefore conclude that vy is most affected
by scales ranging from the sound horizon down to the Silk dampening length. The
conclusion drawn from this information, and the explanation thereof, is that the
system has a separation of scales: the first baryonic objects form at scales of ~ 10 kpc,
which is much smaller than the coherence length at which the relative velocity field
setup by these oscillations is generated (this is usually ~ a few Mpc). This is clearly
crucial to the study of the early Universe when considering structure formation.

We will use this information to modify the initial conditions of simulations to
see how these changes will affect the formation time of stars and the dynamics of
the gas in surrounding regions. In section 3.4, we will discuss several simulations
implementing coherent homogeneous velocity fields in their initial conditions and
discuss their results and conclusions.
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Before concluding this chapter, the work of Ahn, 2016 needs to mentioned briefly.
The fact that the streaming velocity is only coherent within a few Mpc comoving
means it is only homogeneous within small regions. The boundaries of these regions
could have different gas streams colliding, producing regions where matter builds-
up. The effect of these build-ups could differ from the description of Tseliakhovich
and Hirata, 2010. Ahn, 2016 claims to have constructed a mathematical model that
naturally generates these matter build-ups by coupling the density and velocity fields
on both small and large scales, as opposed to the Tseliakhovich and Hirata, 2010
model which only couples these fields on large scales. This model has not been
studied in enough detail to verify this result. The model has never been implemented
into the initial conditions of cosmological simulations.

In this chapter, how stars form - particularly focussing on Pop III star formation
- has been explained theoretically. What becomes important for simulations is that
the DM haloes will trap cooling gas, thereby forming sites for star formation. We
then covered in detail the chemical composition of the gas in the early Universe, and
included a discussion of the effects produced by stars once they die. These details
allowed us the full picture of star formation, allowing us a clear distinction between
when Pop III stars form and when later generations of stars will form. With these
two major ideas, the discussion of what the simulations require to form Pop III stars
can be discussed in sections 3.2 and 3.3.Finally, we discussed the dynamics of the gas
at z ~ 1100 and concluded that the early- time baryonic acoustic oscillations play a
critical role in the relative velocity field between the gas and DM. Putting all of this
information together, it is clear that cosmological simulations of the first stars need to
have detailed chemical networks and accurate star formation models, along with all
the feedback mechanisms and winds, in place before the addition of the velocity fields
can be studied. In the next chapter, we will outline and discuss the way in which star
formation and destruction are modelled within cosmological simulations (section
3.2), which chemical networks already exist and how they are implemented (section
3.3), and finally conclude with a discussion of what velocity fields have already been
implemented in cosmological simulations and what the impact of these velocity fields
were (section 3.4).
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Chapter 3

Simulations

This chapter focusses on the numerical models used to regulate star formation in
cosmological simulations. Each numerical code differs in its approach producing
variation in the final results. This makes comparisons between the results obtained
by different groups difficult. However, the broad features seem to match fairly well.

Three different methods are currently employed in modelling gas physics within
simulations: Eulerian grid codes, Lagrangian particle codes, and adaptive mesh
refinement (AMR) codes incorporating elements from both of these.

Eulerian codes (e.g. Cen and Ostriker, 1993; Kravtsov, 1999; O’Shea et al., 2004) use
a fixed grid of cells to track the movement of gas. They use the analytical Riemann
solution of the Euler equations coupled with the upwind scheme of Courant, Isaacson,
and Rees, 1952 to numerically evolve fluid systems on this discretized mesh. Such
schemes deal very well with properties of the gas, such as density and temperature,
but have trouble with the motion of the gas, since propagating the gas requires
moving it from cell to cell rather than point to point, adding numerical errors to the
results.

Lagrangian codes (e.g. Springel, Yoshida, and White, 2001; Wadsley, Stadel, and
Quinn, 2004) model the fluid through particles and discretise their masses. Modelling
the gas requires a further treatment called smoothed particle hydrodynamics (SPH;
Monaghan, 1992), where particle motion is easily modelled and particles concentrate
naturally in dense regions of interest, improving resolution. The gas properties
are difficult to resolve, and so SPH codes use a spline kernel to interpolate over
neighbouring particles to determine these quantities. These are then used to solve
the equations of hydrodynamics. This study uses an SPH code, and so the focus of
this thesis is on the numerical recipes used in SPH codes.

There are two competing approaches to star formation: “explicit” or “ordinary”
star formation, and stochastic star formation. The first tracks the gas explicitly and
forms stars using the densities of individual gas particles. This is the model adopted
by Springel and Hernquist, 2003a. The second uses the densities and temperatures of
the gas particles, together with a criterion relating to whether they are collapsing to
ascertain potential star producing particles. A subset of these are chosen to proba-
bilistically form stars. The comparison between these methods and their strengths
and weaknesses are discussed in section 3.2.
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These two models are implemented in the codes GASOLINE (Wadsley, Stadel, and
Quinn, 2004) and GADGET (Springel, Yoshida, and White, 2001). Their different star
formation recipes mean that they introduce the cooling function’s role in the code
in different places, but they both implement and follow the cooling in the same way
due to their use of the Lagrangian SPH approach. The description of the cooling and
diffusion models used for primordial and metal cooling are the subject of section 3.3.

Forming a more detailed and accurate simulation of Pop III star formation requires
the inclusion of a streaming velocity (discussed in section 2.3). Several authors (Maio,
Koopmans, and Ciardi, 2011; Stacy, Bromm, and Loeb, 2011; Greif et al., 2011b) have
implemented these streaming velocities and the initial setups and final results from
each of these have been summarised in section 3.4.

3.1 SPH Simulation Codes: GASOLINE AND GADGET

This work utilises the parallel tree and SPH code GASOLINE (Wadsley, Stadel, and
Quinn, 2004), which extends the N-body gravity code PKDGRAV (Stadel, 2001). A
spline kernel is used to interpolate between neighbouring particles when solving
the hydrodynamical equations, which is 32 nearest-neighbours in GASOLINE. Each
particle’s gravitational component is calculated by using the tree elements which
span, at most, 8 = 0.7 of the tree element’s distance from the particle in question. .

GASOLINE has been extensively used to study galaxy formation and evolution.
It has proven itself to be successful in the reproduction of the Tully—Fisher relation
(Governato et al., 2009). Dwarf galaxies and their rotation curves (Governato et al.,
2010), and disc galaxies” internal structures (Governato et al., 2007; Roskar et al.,
2008; Brooks et al., 2009; Stinson et al., 2009) have been well-produced in GASOLINE
simulations. Damped Ly-a systems have been studied through simulations and their
column density distributions have matched closely with observations (Pontzen et al.,
2008; Pontzen et al., 2010). GASOLINE has also been employed to study the observed
stellar mass- metallicity relationship (Brooks et al., 2007).

GASOLINE models gravity and gas dynamics, and also incorporates physical pro-
cesses which include a UV background, gas cooling rates, ion abundances, star
formation and feedback from SNe. These were significantly improved by Shen, Wad-
sley, and Stinson, 2010 who added detailed metal cooling and turbulent mixing. A
semi-implicit integrator is used to calculate the gas cooling rates and non-equilibrium
ion abundances using collisional ionization rates (Abel et al., 1997), radiative recom-
bination (Black, 1981; Verner and Ferland, 1996), photoionization, bremsstrahlung,
and cooling from H, He (Cen, 1992) and metal lines (Shen, Wadsley, and Stinson,
2010). A redshift-dependent UV background is incorporated into the code based on
radiation from external stars and galaxies (Haardt and Madau, 1996), which affects
the radiative recombination and ionization rates. The version of GASOLINE used in
this work contains all of these components, onto which molecular cooling is added
with updated rates from Glover and Abel, 2008.
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An alternative star formation model was developed by Springel and Hernquist,
2003a and introduced into their code GADGET (Springel, Yoshida, and White, 2001;
Springel and Hernquist, 2002; Springel and Hernquist, 2003a; Springel and Hernquist,
2003b; ), and this star formation recipe is compared to alternative recipe used in
GASOLINE.

GADGET is a massively parallel TreeSPH code which implements an N-body ap-
proach for studying collisionless fluids and SPH to track gas particles. As in the case
of GASOLINE, A spline kernel is used to interpolate between neighbouring particles
when solving the hydrodynamical equations, with the kernel usually set to 32 nearest
neighbours. GADGET has been used in the study of many cosmological problems.
The additions of chemical network and atomic cooling were added by Yoshida et al.,
2003. Molecular hydrogen cooling was added by Yoshida et al., 2006, with Maio et al.,
2007 adding HD and HeH" onto this already existing framework. A UV background
is implemented in the same way as GASOLINE, following the work of Haardt and
Madau, 1996. This work is not a comparison between the two SPH codes, but rather
an overview of their differences since they are the major SPH competitors.

3.2 Simulating Stars

Including the modelling of stars in a cosmological simulation requires implement-
ing the complete star formation cycle: cold gas condenses into stars, hot gas is ejected
via SNe into the ISM and then hot gas must cool and reform cold clouds from which
stars form. The interplay between these processes is far too costly for cosmological
simulations to resolve at present. Simulating individual stars within a cosmological
simulation is completely impossible. As a result, a large number of simplifying
assumptions are made to reduce the complexity of the processes so that a simplified
but effective regulated star formation model can be constructed.

Various methods have been employed to convert SPH gas particles into stars. Early
simulations converted dense gas into “galaxy particles”, but the improvements in
computational power have allowed the development of codes capable of converting
dense gas into “star particles” representing “clusters of stars”.

Cosmological simulations are setup for the formation of stars 2 100 Mg, and
therefore introduce an IMF to study the sub-grid physics. Moving to a resolution
where stars of much smaller masses (~ 1 M) would require disregarding the IMF
and finding a recipe for star formation which would handle the physics of individual
star formation.

This study does not introduce a new model for star formation, and so discusses the
stellar models which utilize an IMF. The two most widely used models are discussed
in this section both suffer from this resolution problem, but employ completely
different descriptions for forming stars. Springel and Hernquist, 2003a formulated
a multiphase model which explicitly calculates “ordinary” star formation, while
Stinson et al., 2006 employ a stochastic approach based on a star formation efficiency.
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These two approaches are contrasted in this section so that it is clear that no ideal
solution exists as yet, as both methods suffer from weaknesses.

3.2.1 Star Formation Models

This subsection provides an overview of the methods of star formation mentioned
previously. The multi-phase ISM model of star formation developed by Springel and
Hernquist, 2003a is investigated first, followed by the blastwave model developed by
Stinson et al., 2006.

3.2.1.1 GADGET - Multiphase Star Formation

The model for quiescent self-regulated star formation outlined here comes from
Springel and Hernquist, 2003a which is implemented in GADGET. All the the equations
derived and presented in this subsection do not contain any terms related to changes
in temperature, due to expansion or contraction.

From the previous chapter, it is clear that the total density and star formation are
linked. This model assumes a multi- phase medium comprised of hot ambient gas,
cold clouds and stars, whose local densities are pj;, p. and p., respectively. These
are all averages over the ISM - due to the inability of cosmological codes to resolve
individual molecular stars and clouds. From these, the total gas density is defined as

P =pPntpc - (3.2.1)

It is assumed that a coarse-graining procedure has already been carried out implic-
itly, and that the average densities are calculated over an ISM which has constant
volume. An expression for the average thermal energy per unit volume (¢) can then
be defined in terms of pj, and p. as

€= ppuy + pclie (3.2.2)

where 1, is the energy per unit mass of the cold clouds and u, is the energy per
unit mass of the hot ambient gas. This expression will be used later to find the full
energy equation. In order to do this, it is assumed that a characteristic time-scale (t.)
can be defined for cold clouds to be converted into stars, and that the mass fraction
of total stars which are short-lived and instantly die as SNe can be expressed by a
parameter f.

These are massive stars with masses > 8 M. It is important to note that 8 depends
on the stellar IMF , which is employed to set the initial mass distribution of the stellar
population represented by the star particle. In principle, the time taken between the
formation of a star and its death by a SN explosion does exist, usually ~ 107 yrs.
For star formation within a quiescent regime, the speed at which self-regulation is
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established is so fast that the time delay is negligible, and is therefore neglected from
the model. Within this context, self-regulating star formation is able form stars from
cold clouds, model SN explosions to eject hot gas into the cold clouds and then cool
the gas again to form stars. This cycle does not, for example, need cold gas to be
pumped into the system. Using these assumptions, the star formation rate is defined
as

dp _ Pc _ oPc _ 1 p\Pe
i t*_(l 5)t* : (3.2.3)

In this equation, f—: represents the rate at which the reservoir of the cold clouds is
depleted during star formation. Once these stars explode as SNe, their ejections are
assumed to return hot gas which will increase the mass of the ambient hot-phase gas.
This process is expressed by ,Bf—:.

The value of B depends on the IMF due to its dependence on the masses of stars
above 8 M), which are affected by the choice of IMF, since B depends on the choice of
the masses of the heaviest and lightest stars. These then affect the value of the slope
of the IMF. The choice of the IMF is therefore important; for instance if a Salpeter IMF
(Salpeter, 1955) is assumed, with a mass range between 0.1 M and 40 M, and with
a power law slope of -1.35, the value of B = 0.106.

3.2.1.2 GASOLINE - Stochastic Star Formation

In contrast to the prescription in GADGET, GASOLINE implements the blastwave
model Stinson et al., 2006) for its star formation and feedback recipes, which is still
a quiescent model for star formation. Stars form from dense (1,,;, = 0.1 cm~3) and
cold (Tyin = 30 K) gas particles. Of the gas particles which meet these criteria, only
a subset are selected stochastically to form stars, using the commonly adopted star
formation equation

dM* —c Mgas
dt " tayn

, (3.2.4)

where M. represents the mass of stars which are created, c, represents the star
formation efficiency and is constant, Mg,s represents the mass of gas from which
the star is formed, dt represents how frequently star formation is calculated, and
t4yn Tepresents the dynamical time of the gas. For the simulations in this work, c.
was 0.15, so that the simulations obey a Kennicutt-Schmidt law (Kennicutt, 1998),
in agreeance with the work by Stinson et al., 2006. Gas particles which meet these
conditions will produce a single star particle which represents a stellar population
spanning the entire IMF (Kroupa, Tout, and Gilmore, 1993). Their mass is set to % of
the gas mass when they form, but they lose mass according to their initial IMFE. The
mass lost is returned to the mass of the surrounding gas particles. Stellar lifetimes
as a function of stellar masses are based on the stellar evolution model by Raiteri,
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Villata, and Navarro, 1996. This approach allows gas particles to maintain their own,
unique character and temperature, hot, cold or warm.

At this point, both models need to prescribe a way for SN feedback to produce
effective galactic outflows. Their approaches are very different and it is still widely
contested as to which resembles the physical process better. An assessment in that
regard requires a discussion of the effects of these galactic outflows.

3.2.2 Stellar Winds and SN Feedback

To date, the ISM in galaxies has been studied by a number of hydrodynamical sim-
ulations (e.g. Mac Low and Ferrara, 1999;Strickland and Stevens, 2000;Williams and
Dyson, 2002) which have been able to produce galactic outflows and thus facilitated
the investigation of various wind properties and different gas phases on the overall
gas dynamics.

Winds have the dual ability to reheat material which has collapsed with the centre
of a galaxy and transport it from here to the extended DM halo surrounding it (and
further in some cases). This leads to a reduction in the overall cosmic SFR so that
it is consistent with observation constraints. However, implementing realistic wind
models and tracking winds directly in cosmological simulations is a still developing
area of research. It has been shown that without any implementation of SN (or
black hole) feedback, simulations suffer from the over-cooling problem (Navarro and
Steinmetz, 1997) which leads to unrealistically concentrated simulated galaxies.

In order to counter this, a number of 'subgrid” wind and stellar feedback models
have been created. These models fulfill two main functions: firstly the regulation of
star formation(Scannapieco, Ferrara, and Broadhurst, 2000; Scannapieco and Broad-
hurst, 2001b ; Scannapieco and Broadhurst, 2001a) and secondly the (re-)distribution
of the gas and any newly formed metals both within and into the environment around
galaxies. Two main approaches to achieve this have been implemented: energetic
feedback and kinematic feedback. The last approach is analogous to increasing the
effective pressure. What follows is a discussion of these approaches and their effects.

The simplest way of introducing energetic feedback is to add the stellar feedback
as a thermal energy of the ambient gas particles, but this causes over-cooling as
demonstrated by Katz, Weinberg, and Hernquist, 1996. Kinematic feedback (e.g.
Navarro and White, 1993; Springel and Hernquist, 2003b; Oppenheimer and Davé,
2006; Dalla Vecchia and Schaye, 2008) converts some of the SN energy into kinematic
energy and injects it into the gas. The resolution and hydrodynamic method adopted
are critical to the effectiveness of kinematic feedback. This feedback model, although
generally called SN feedback, has been able to capture the feedback from several
types of stellar feedback, examples of which are radiation energy which is deposited
locally and winds. The energy injection rate is represented as a function which is based
on the stellar population’s current age and masses.
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3.2.21 GADGET - Superwind Model

The previous discussion is used to continue the two star formation models we were
discussing, as both require SNe and stellar winds to be included to make themselves
self-regulating regimes, by constructing feasible methods within their models to
transport hot gas into the cold gas clouds. The star formation model in GADGET is
considered first, followed by the GASOLINE model.

We have derived the expression governing star formation (equation 3.2.3). A
simplified model for SNe needs to be introduced for the metal enrichment of the ISM
and releasing energy into the local environment surrounding star formation sites.
The precise amount of energy that is released depends on the IMF chosen, which in
this case has an expected average value of 4 x 10* erg M 61 for each Mg in stars

formed, given a canonical value of 1051 erg supernova ~1. The heat generated by SNe
can then be expressed as:

d dps
—(onun) | =esn
dt . dt
do. )
=esn (1—PB) df , using (3.2.3)
d _
= P usn dfc , usy =B lesy (1-B) (3.2.5)

It is now possible to express ugy in terms of an equivalent ‘supernova temperature”:

2
Tsn = % ~ 108 K (3.2.6)

The amount of material returned by SNe to the ambient gas is still unknown and
some assumptions are needed to reduce the complexity of the problem. It is assumed
that the feedback energy from SNe directly heats the ambient hot phase and that
thermal conduction is the dominant process for evaporating cold clouds within the
hot bubbles. If the amount of hot gas released into the cold clouds is identical to the
amount of cold gas which is heated, then

dpc B Pc
@, AB e (3.2.7)

where A represents the efficiency of the evaporation process. A is expected to be
a function of the local environment and, for simplicity,we only consider it to have
a theoretical dependence on density, A « p_% (McKee and Ostriker, 1977). A is
treated as a parameter of the model as it is not estimated from first principles. Once a
plausible temperature structure for the ISM is imposed, a limited range of values is
then permissible for A.
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This is the description for the stellar winds model adopted by Springel and Hern-
quist, 2003a. It has been demonstrated that an effective pressure is created in the
multi-phase ISM by regulated star formation. This system is strongly hydrodynami-
cally coupled, and does not produce galactic outflows naturally.

To combat this problem, Springel and Hernquist, 2003a construct a “superwind”
model where fluid elements in the star- forming (SF) region are ejected from the region
at a fixed speed and are simultaneously hydrodynamically decoupled until they have
left the galaxy. A modification was later made by Oppenheimer and Davé, 2006 by
linking the velocity dispersion of the host galaxy to the velocity of the wind and the
mass loading factor. A wind with this link is referred to as a momentum-driven wind.

The inherent problem with the superwind model is that stars are formed in connec-
tion with their parent gas particles. When feedback occurs, it is possible that stars
which are still tied in this fashion may be hydrodynamically accelerated, with the
possibility existing that these stars could be ejected from the galaxy in which they
form, which is not physical.

The blastwave model does not couple gas particles to star particles, but it does not
capture the level of detail about the dynamics of the gas as the superwind model
does. This leads to a possible problem where the mass of all the star particles is
fixed, which could possibly lead to an under-production of stars in regions which
are particularly dense, such as in star-burst galaxies (Telesco, 1988; Chapman et al.,
2003). Stinson et al., 2006 tested the formula derived by Elmegreen and Efremov, 1997
which determines the fractional amount of gas which will be converted to stars, using
the density and the pressure of the gas. Stinson et al., 2006 concluded that reduced
star formation would only occur if the gas consumption times were less than 5 Myr,
which is seldom, if ever, observed in simulations. The simulations run in this study
do not encounter such a scenario, and the results are therefore not compromised by
such an eventuality.

The superwind model has been extensively utilised in a number of problems,
including damped Lyman-« (DLA) absorbers (Nagamine, Springel, and Hernquist,
2004a; Nagamine, Springel, and Hernquist, 2004b) and in high and low redshift
studies of the enrichment of the IGM (Oppenheimer and Davé, 2006; Oppenheimer
and Davé, 2009). These studies demonstrate that superwind feedback is critical in
suppressing the overproduction of stars, and in recreating the cosmic star formation
history (SFH) at high redshift. It also resolves the ‘missing baryons’ problem at z = 0,
by increasing the local fraction of the warm-hot IGM (WHIM) to 40 — 50 %.

3.2.2.2 GASOLINE - Cooling Mechanisms

The superwind model is unable to include variable mass loading, which is im-
portant for modelling the quantity of wind which escapes from galaxies, and in the
morphology of galaxies (Dalla Vecchia and Schaye, 2008). The superwind model
has been found to struggle with such scenarios (Nagamine, Springel, and Hernquist,
2004a). One solution to this problem is the adiabatic cooling model.
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Adiabatic cooling is a refined version of energetic cooling by inhibiting the gas from
cooling until the hot SN bubbles can be resolved (e.g. Thacker and Couchman, 2000;
Kay et al., 2002; Sommer-Larsen, Gotz, and Portinari, 2003; Stinson et al., 2006). This
approach has been introduced by Shen, Wadsley, and Stinson, 2010 in the GASOLINE
code (Wadsley, Stadel, and Quinn, 2004) which is used in this study.

In GASOLINE the winds are produced because the ISM is accelerated by pressure
generated by the hot gas. This method approaches direct ISM modelling in the high-
resolution limit, and is also incorporated in the version of GASOLINE used in this
study.

Shen, Wadsley, and Stinson, 2010 include feedback from SN II, SN Ia, and stellar
winds. The Raiteri, Villata, and Navarro, 1996 model for metal enrichment from SN II
and SN Ia is adopted in GASOLINE, but AGB stellar feedback is neglected. Any stars
which have a stellar mass > 8 M, will explode as SN II during the actual time step,
in which they are born. The explosion is modelled using the analytical model for
blastwaves produced by these stars (McKee and Ostriker, 1977), which is described
in detail byStinson et al., 2006. During the expansion of the SN bubble, gas cooling is
suppressed. Less than half the energy of the explosion is transferred, as heat, to the
ISM, Esy = 4 x 10°° erg, while the remaining half is assumed to be radiated away.
The full energy is, however, used to calculate the blast radius and cooling shut-off
time.

The energy which is transferred to the ISM follows the volume weighting scheme
outlined by Mashchenko, Wadsley, and Couchman, 2008. Each gas particle has a

mass m; and density p;. Each gas particle affected by an explosion will receive a
m,‘W,'j

portion of the metals and SN energy proportional to , where W;; represents the

SPH smoothing kernel. Wiersma et al., 2009 used a simila1r method for the distribution
of energy and metals from SN Ia explosions. The blastwave model which is currently
implemented in GASOLINE has a bias to suppress cooling at early epochs when

compared to other methods.

Metals from SN II and SN Ia are treated differently in GASOLINE. In the case of SN
IT explosions, main sequence progenitors die and release metals and energy which are
distributed to the gas within the blast radius. The yields from Woosley and Weaver,
1995 were used in the analytical fits for iron and oxygen from SN II (Raiteri, Villata,
and Navarro, 1996) which are implemented in GASOLINE:

Mpge = 2.802 x 10~* M1-864 (3.2.8)
Mo = 4.586 x 10~* M%7 (3.2.9)

Stinson et al., 2006 describes the feedback from SN Ia according to Raiteri, Villata,
and Navarro, 1996, which is also incorporated in GASOLINE. For each SN Ia, metals
are ejected into the nearest gas particle, of which 0.63 Mg, is iron and 0.13 M, is oxy-
gen (Thielemann, Nomoto, and Yokoi, 1986). The stellar wind feedback implemented,
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is based on the work by Kennicutt, Tamblyn, and Congdon, 1994, and the function
derived by Weidemann, 1987 was used to calculate the returned mass fraction. The
gas which is returned has the identical metallicity of the star particle. The full model
for SNe and stellar winds in GASOLINE have been outlined and a discussion of their
testing follows.

Cosmological simulations utilising the adiabatic feedback model with cooling
turned off for 10 Myr for the feedback gas were conducted by Theuns et al., 2002 and
Kay et al., 2002. They found that strong winds carried enough metals to produce Cry
absorption lines which agree with observations. The optical depth of Cry and Cyy
absorption lines was investigated by Aguirre et al., 2005 using the same simulation,
and was compared to observations. They found that metal-enriched hot gas in their
simulation was too hot (10° — 107 K). The lack of metal cooling was suggested as
being the reason that the simulated Cyy absorption lines showed discrepancies from
observations.

With the inclusion of the Sutherland and Dopita, 1993 model for metal cooling,
Oppenheimer and Davé, 2006 found a better agreement with observational data
than Aguirre et al., 2005. The Oppenheimer and Davé, 2006 model was also used by
Choi and Nagamine, 2009 to investigate the effect of metal cooling on the growth of
galaxies, who found that the local SF efficiency and the accretion on to galaxies were
both increased.

3.2.3 Cold Cloud Enlargement

The last processes to be discussed in the context of simulating star formation is
how cold clouds come into existence and grow. The star formation and wind models
might differ in GADGET and GASOLINE, but they solve very similar equations for the
energy budget of the gas. The final expressions derived here (which are part of the
superwind model) are comparable to the hydrodynamic energy equations solved in
GASOLINE.

It is assumed that, in the region where the cold clouds and the hot phase coexist, a
thermal instability exists. The ambient gas and cold gas clouds will therefore exchange
mass between them (Field, 1965; Field, Goldsmith, and Habing, 1969; McKee and
Begelman, 1990). It is shown that cold clouds grow in mass due to hot gas radiating
energy, allowing it to cool from the temperature of the hot phase to that of the cold
phase. The mass flux is given by

dpc | _ _ dpw
1
= Uy — 1, Anet(Ph/ uh) , (3.2.10)

where A, is the cooling (or heating) function of the ambient hot medium which
must be calculated separately. Kennicutt, 1989 showed that star formation obeys
an observed threshold behaviour, motivating the adoption of a density threshold in
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this work to govern star formation once there is a thermal instability. This is chosen
to depend on the total density of the gas and has the form p > py;. This density
threshold is also related to the star formation time-scale,

t(p) = tg (;ih >_2 , (3.2.11)

where t; is an additional parameter of the model outlined above. The difference
in the GASOLINE implementation is that the density threshold is related to the star
formation mass. Combining the previous results allows on to derive an expression
for the mass evolution of the hot and cold phases:

de . pC pc 1 f
F T A e CA G (3.2.12)
don _ gPe pe  1-f
At - 'Bt* +A ;B t, Uy, — e Anet(phr uh) . (3.2.13)

Consider the right-hand side of the equations (3.2.12) and (3.2.13). The first term
describes the processes of star formation and feedback, the second term the process
of cloud evaporation, and the third term the growth of clouds resulting from the
radiative cooling of the gas. The energy budget of the gas can now be expressed as

d
a(phuh + pctte) = —Npet(on, un) + ,B —usn—(1-8) —uc , (3.2.14)

where B £ usy describes the non-gravitational energy which is ejected by exploding
SNe and (1 — B) f—: u. describes the loss of energy in this gaseous phase, due to
material which has been trapped in stars . By assuming that the cold clouds have a
constant temperature u., the temperature evolution of the gas has the form

n EZT =p f: (usn + e —up) + A !3 (uh —uc) = fAnet(pn,un) - (3.2.15)
In order to integrate equation 3.2.15 it must be augmented by pressure forces and
viscous effects. The evaporation caused by star formation in the cold clouds directly
reduces their density, and so lowers the rate at which stars form. By contrast, the
cooling rate increases when the density of the hot gas is higher replenishing the
clouds more rapidly, thereby increasing the star formation rate. At equilibrium, the
growth of cold clouds is balanced by the SN feedback which evaporates it. These
equations therefore govern a self-regulated cyclic model for star formation.

This section has highlighted the differences in the two most widely used models
for star formation and stellar feedback. Although both models have been proven
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to work in a number of scenarios, the dynamics of the ISM and IGM are not fully
captured within either description. Each choice of model therefore entails as number
of drawbacks that need to be taken into account in the analysis of the outcomes.
Finally, the hydrodynamic energy equations solved in GADGET have been derived in
order to show their similarity to the equations solved by GASOLINE, which appear in
the next section.

3.3 Chemistry Cooling Model - GASOLINE Description

3.3.1 General Description of Cooling and Heating in the Code

The hydrodynamic energy equations can be written as:

be_ Py u-lvriles
Dt o P o

H-A

(3.3.1)

Here, the specific internal energy of a fluid element of the gas is represented by ¢,
—%V -u represents the adiabatic work done on the gas due to the change in internal
energy as a result of PdV work, F represents the flux of heat that is conducted out of
the fluid element, ¥ represents the viscous dissipation rate, and H and A represent
the internal heating and cooling rates, respectively. H and A can be affected by a
number of processes.

H and A are both functions of each gas particle’s temperature (T), incident radiation
tield (J,) and of the density, n;, of each ion species present within it. This can be
summarised as:

R =T (332)

The density of each ion species is dependent on the formation and destruction rates
of each particular species, which are functions of nj, T and J,. These densities are
summarised as:

ng=f(n;,T,J,) , withj#i. (3.3.3)

Networks of differential equations are used to account for all the free electrons
available for ionization of atoms, which are then used to determine the densities of
the ion species. The number of elements considered in these networks can make them
arbitrarily complicated (Ferland et al., 1998; Gnat and Ferland, 2012; Oppenheimer
and Schaye, 2013a). The concept of non-equilibrium ionization is to carry the ion-
ization state of every species from timestep-to-timestep as the calculation is carried
out, rather than assuming ionizational equilibrium (e.g. Oppenheimer and Schaye,
2013b).
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Primordial cooling is responsible for the formation of Pop III stars. The mass of
these stars, and therefore the amount of metals they generate via SN explosions, is
governed by the primordial chemical abundances as these affect the efficient of the
gas cooling. Once these stars die via SNe the enrichment of the ISM and IGM by
metals alters which coolants are dominant. Metals cool more easily and much more
quickly than the primordial gas, and so become far more important in the evolution
of the cosmos. They also behave very differently once an external UV background is
present. Their inclusion in simulations is crucial to galaxy and structure formation,
and to be able to compare simulations to observational data. Metal cooling is therefore
discussed in the next subsection.

3.3.2 Metal Cooling under a UV Radiation Background

Line transitions within collisionally excited metal ions are significant coolants of
the IGM (see e.g. Sutherland and Dopita, 1993). The gas dynamics are altered by
metal cooling, since it affects both the gas temperature and the ionization states of
the observable metal species. Calculating the metal cooling rates during simulations
is not feasible, therefore tabulated cooling tables are interpolated (as in Oppenheimer
and Davé, 2006; Wiersma et al., 2009; Choi and Nagamine, 2009.) The metal cooling
rates are computed as functions of density, temperature, metallicity of the gas and
radiation background.

However, the IGM and ISM are exposed to a UV radiation background. Wiersma,
Schaye, and Smith, 2009 studied this and found that, in the temperature range
10* < T < 108 K, the UV background, on the whole, tends to suppress the cooling
rates and shifts the cooling curves’ peaks to higher temperatures. This suppression is
due to the UV radiation ionizing the plasma, thereby reducing the number of ions
that can be collisionally excited. When the temperature 100 < T < 10 K, the number
density of free electrons (n,) is increased by the UV background, thus enabling a
greater cooling due to forbidden line transitions from low ionized species, such as Cj,
Cr, Siy, Siip and Oy. In the enriched IGM at low temperatures, forbidden line cooling
is the dominant cooling process.

In low density regions (ny < 10~* cm~3), some higher-ionized species with strong
magnetic dipole transitions (such as Ney and Neyr) can be created by photoionization.
These ions provide more efficient cooling of the plasma, producing a local cooling
peak around 103 K (Shen, Wadsley, and Stinson, 2010). Once the density increases,
these ions disappear, making the less ionized species mentioned above the dominant
coolants. This is consistent with ISM cooling models (e.g. Wolfire et al., 2003).

Overall, the greatest effect of the radiation background is to substantially increase
the metal cooling rate between 100 and 10* K over collisional ionization equilibrium
(CIE). Shen, Wadsley, and Stinson, 2010 find that the adding the CIE model for metal
cooling to the primordial cooling rates results in severe over and under estimations
of the cooling rates, depending on the temperature. It must be noted that the UV
background they adopt overestimates the effect of photoionization on the metal
cooling rate, due to amplitude which is too high.
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To solve for the radiative cooling, the process is split into three components:

A = A He + Ametal + Acomp (3.3.4)

where Ay e represents the cooling due to the primordial H and He species (H, H*,
He, He", He™), Anetal represents the cooling due to metals, and Acomp refers to the
net Compton heating or cooling. The primordial gas ionization, heating and cooling
rates are calculated directly, using the non-equilibrium rates from Abel et al., 1997.
The difference between equilibrium and non-equilibrium cooling is important to this
discussion.

Equilibrium cooling assumes that the ions and free electrons are at an equilibrium
value for each time-step, and so assign them Boltzmann distributions each time they
are required for calculations. This has been shown to be an extremely inefficient
cooling model, leaving the gas temperature almost unchanged by the time Pop III
stars should form at z ~ 20. At high redshift, particularly around reionization, the
use of non-equilibrium rates can alter the temperature by several thousand degrees.
This is due to non-equilibrium methods keeping a record of the abundances of each
species considered at every time-step of the simulation.

We continue the discussion of the cooling function by considering the first term. The
abundance of hydrogen is unaffected by the inclusion of metals, but the abundance
of He is. For this reason, the relation from Jimenez et al., 2003, Shen, Wadsley, and
Stinson, 2010 estimated the helium mass abundance Y as a function of metallicity. In
the case where the metal mass abundance Z < 0.1 (~ 10 Mg),

AY
Y=Y, + (AZ) z, (3.3.5)

where Y}, = 0.236 represents the helium mass abundance for the primordial gas,
and % = 2.1 represents the helium mass to metal mass ratio produced in stars. In

the case where Z > 0.1, a linear decrease is applied to Y so that Y = 0 when there are
100% metals ( Z = 1.0).

The photoionization code CLOUDY (Ferland et al., 1998) was used to calculate the
metal heating and cooling rates under a UV radiation background, producing a
cooling table which was the same for every simulation run for this study. CLOUDY
assumes that metals are in ionization equilibrium, which is a good approximation
when an extragalactic UV background is used. The UV background is, generally, a
function of space and time. A uniform built-in extragalactic UV background was
called from CLOUDY to generate the metal cooling table. This UV background includes
both quasar and galactic radiation. The radiation field is a function of wavelength,
and is turned on at redshift z = 8.9. This radiation field is also used for the primordial
species, and is evolved for all species until redshift z = 0.
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Due to the time evolution of the radiation background, the metal cooling is de-
pendent on redshift. The metal cooling utilised in (our version of) GASOLINE is
the same as that of Shen, Wadsley, and Stinson, 2010 and assumes relative solar
abundances for the metal cooling. The default solar composition from CLOUDY was
utilized, containing the first 30 elements from the periodic table (data compiled from
Grevesse and Sauval, 1998, Holweger, 2001, Allende Prieto, Lambert, and Asplund,
2001, Allende Prieto, Lambert, and Asplund, 2002; for the documentation details, see
CLOUDY version 07.02 Table 9). To calculate the metal cooling rates, the primordial
cooling rates were subtracted from the sum of the first 30 elements cooling rates,
including those of H and He. The work by Shen, Wadsley, and Stinson, 2010 showed
that the net cooling rate depends linearly on the metallicity. Therefore, the metal rates
for solar abundance can be tabulated and then scaled according to the metallicity.
This allows the metal cooling rates to be represented as:

Z
Ametal(Tr Pz z, Z) - T@Ametal,®<T/ pr Z) ’ (336)

where T represents the temperature, p the density, z the redshift and Z the metallic-
ity of the gas.

3.3.3 Turbulent Metal Diffusion

SPH uses discrete particles to model the fluid so any metals which are newly created
and injected into the gas are locked within specific particles. A manifestation of this
artificial process had been discussed by Aguirre et al., 2005 where the simulated metal
distributions which were too inhomogeneous when compared with observations.
The importance of mixing was investigated by Wiersma et al., 2009 using SPH-
smoothed metallicities in comparison to conventional particle metallicities. They
found a significant increase in low-metallicity material being generated by smoothing,
but this approach suffers from an inability to preserve the spread of metals over time
with its impact on cooling and the thermal history of the gas. The direct modelling of
the turbulence within the ISM is not currently possible in cosmological simulations.
Smagorinsky, 1963 proposed a subgrid turbulent diffusion model which uses a
shear-dependent diffusion term to replace any unresolved turbulent mixing. The
version of the GASOLINE code utilised in this work employs a variant of this method,
implemented by Shen, Wadsley, and Stinson, 2010. In order for them to investigate
the non-local effects of metal cooling, they calculated metal cooling based metal
diffusion.

Since SPH is a Lagrangian scheme, it does not implicitly contain diffusion of scalar
quantities like metals. Even simple processes such as convection and Rayleigh-Taylor
instabilities have been demonstrated to have physically incorrect results (Wadsley,
Veeravalli, and Couchman, 2008). Wadsley, Veeravalli, and Couchman, 2008 were able
to match Eulerian grid code results (which naturally have turbulent mixing due to
the use of advection estimates for the propagation of hydro dynamical quantities) to
those of SPH by including a simple turbulent model. This model utilises a diffusion
coefficient D = C Av hspy, where Av represents the pairwise velocity, hspy the
resolution scale, and C ~ 0.1. It therefore was possible to use SPH to construct
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entropy profiles for similar non-radiative galaxy clusters which were comparable to
high- resolution grid codes. This was a major flaw in the cluster comparison made by
Frenk et al., 1999. SN remnants were simulated and studied, implementing a similar
scheme, by Greif et al., 2009.

As has been mentioned previously, mixing is critical for IGM studies due to galactic
outflows being highly turbulent. Turbulent mixing models have long been studied in
environmental and engineering fluid mechanics. The first proposed mixing estimator
for the atmospheric boundary layer by Smagorinsky, 1963 formed the basis for the
robust mixing estimator incorporated in GASOLINE. This atmospheric boundary
layer estimator is expressed as:

dA
E‘Diff =V(DVA) ,

D =C|S;|h* , (3.3.7)

where A represents any scalar, S;; represents the trace-free shear tensor, and h
represents the measurement scale (which in this case is ~ hspy. The choice for S;;
means that no diffusion occurs for compressive or purely rotating flows. The diffusion
expression for a scalar Ap, acting on a particle p is computed in SPH as follows:

~ 1
Sij|P = ; qu(0j|q - vj|p)vp,iwpq ’
P g
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dA Dy, + D,) (Ap — Ag) (1pg - VoW
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where we sum over the SPH nearest neighbours ¢, J;; is the Kronecker delta, W
represents the SPH kernel function, p, is the density, r,, refers to the separation
between particles as a vector, v;|, represents the component of the particle’s velocity
in the 7 direction, V|, represents the gradient operator of particle p (which operates
on W) and V,,; represents the ith component of the resultant vector. This differs
from the models adopted by Wadsley, Veeravalli, and Couchman, 2008 and Greif
et al., 2009 because, instead of using a simple velocity difference to calculate the
diffusion coefficient, our version of GASOLINE use the turbulent mixing model. Since
the diffusion coefficient depends on the velocity shear, shearing flows which have
mixing are better modelled using this scheme. In the case where two phases of fluids
have no shearing motion (for example when a clumpy medium is embedded within
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a hot wind, and the two fluids move at identical speeds) the turbulent diffusion is
not added. Shen, Wadsley, and Stinson, 2010 found that a value of 0.05 for C was
sufficient for cluster comparisons, which they obtained from turbulence theory.

3.4 Streaming Models

In this section, we will outline three simulations done by Maio, Koopmans, and
Ciardi, 2011, Stacy, Bromm, and Loeb, 2011 and Greif et al., 2011b. Each of them
implemented streaming velocities, but in varying box sizes and with varying numbers
of particles.

Their studies are all based on the work by Tseliakhovich and Hirata, 2010 who
predict an rms velocity of 30 kms~!, which is coherent over a few Mpc comoving.
Each of these studies adds homogeneous velocities to the x-components of the gas’s
velocity field. The model they adopt is given in detail in Stacy, Bromm, and Loeb,
2011, but a brief outline is given here, giving the relevant expressions within their
model and highlighting key points.

In order to characterise the gas collapse, the cosmological Jeans mass is used (as in
section 3.2). The virial velocity V;, is used to characterise the gravitational potential
of a mini-halo. The gas will begin to fall into the mini-halo when

kgT
Vvir > €s , Where cg = ChE (3.4.1)
Hmup

Here, c; is the sound speed. Once the infall begins, c¢; and V,;, become coupled
through adiabatic heating and the density scales as c3. The adiabatic phase of the
evolution of the gas continues until the virial mass of the mini-halo M,;, > M;j, where
M; is the Jeans mass. In the case where there is no streaming velocity,

= (5 &

(3.4.2)

Nj—

The adiabatic phase also has the criteria that the cooling time (driven by H») of the
gas teor < trr, where ty is the free-fall time of the gas. In order for the next phase of
rapid collapse to begin, both the Jeans criteria (M,;, > M;) and the cooling criteria
(tcoor < trp) must be satisfied. The gas then quickly reaches the maximum number
density 1,5, = 104 cm 3.

The difference between the non-streaming and streaming velocity cases lies in the
difference in their effective velocities. When a streaming velocity is introduced, the
effective velocity becomes
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Veff =/ C% + U% ’ (343)
Us,i

with vy = 115/ 80 that v, attenuates with decreasing redshift. Thus, the infall of gas
is delayed. The Jeans mass in this regime is now

mﬁw
\,\

M, = (%) . ; . (3.4.4)

Nl
NI=

The redshifts for collapse are found using expressions for V,;,, and the density of the
gas is also computed. The initial setups of the three studies are included as separate
subsections, with the overall results being summarised in the final subsection.

3.4.1 Maio et al. 2011

Maio, Koopmans, and Ciardi, 2011 uses the three-dimensional tree-SPH code
P- GADGET2 (Springel, 2005). The initial conditions are setup using the N-GENIC
code, at z; = 100 within box sizes of 0.7 and 1 Mpc h~!. A ACDM cosmology was
considered, with QO = 0.7, O, = 0.3, = 0.04, h = 1%% km s~ 1 Mpc‘1 = 0.7 (where
Hy is Hubble expansion rate at present), cg = 0.9 and a spectral index n; = 1. The
initial conditions contain 320° particles for both DM and gas. Within this framework,
the mass resolutions for the gas and DM are ~ 10> Mg h™! and ~ 7.5 x 10> Mg h ™},
respectively. For exploration of larger scale features and resolution studies a set of
simulations was conducted within boxes of 5 Mpc h~1.

They track the abundances of H, H, H™, H,, H,*, He, He*, He™, e, D, D" and
HD, using the chemical networks and cooling terms outlined in Maio et al., 2006,
Maio et al., 2007, Maio, 2009, Maio et al., 2010 and Maio et al., 2011. The chemical
abundances were initialized as in Maio et al., 2007 and Maio et al., 2010.

A homogeneous streaming velocity field was added to the gas in the x-direction
with v, = 0;3;6 km s, corresponding to velocities of 0, 30 and 60 km s~ 1 at the
epoch of recombination. These were implemented in accordance with the work of
Tseliakhovich and Hirata, 2010. The variance in these velocities is due to the variance
in the rms value for the velocity of 30 km s~ 1 as in Tseliakhovich and Hirata, 2010,
and can differ up to an order of magnitude. It is noted here that the initial redshift for
simulations z;,, > 200 is questionable and should therefore be closer to z;, ~ 200 for
reliable results.

3.4.2 Stacy et al. 2011

The simulations which were carried out using the three-dimensional SPH code
GADGET ( Springel, Yoshida, and White, 2001; Springel and Hernquist, 2002). The
box size chosen was 100 h~! kpc (comoving) and the initial conditions included both



3.4. Streaming Models 35

gas and DM particles, initialized at z = 100 with 1283 particles for each species. A
ACDM cosmology was chosen with )y = 0.7, Q),, = 0.3, (3 = 0.04 and h = 0.7. Two
values of the fiducial normalization of the power spectrum were tested: the standard
og = 0.9 and the accelerated case where 0g = 1.4. The accelerated case leads to
mini-halo formation occurring earlier, and therefore earlier star formation. The mass
of the gas particles within this framework is m; = 8 M, leading to a mass resolution
of Myes = 1.5 Nyyeignimg S 400 M, with N0, = 32 is the typical number of particles
in the SPH smoothing kernel (e.g. Bate and Burkert, 1997). The mass resolution here
allows the tracking of the evolution of the gas up to a maximum number density of
Hmax = 104 cm 3.

The chemical network, which was used to capture the thermal and chemical evolu-
tion of the gas, tracked the abundances of H, H*, H™, H, H,", He, He", He*", e7, D,
D*, D™, HD and HD?, using the same chemical network outlined in Greif et al., 2010
and the same cooling terms.

The simulations performed tested with and without a streaming velocity. The
streaming velocities implemented, at z; = 100, were v;; = 3;10 kms~!. This was
done to test the rms velocity of TH (Tseliakhovich and Hirata, 2010) which is 30
kms~! at recombination. This value can vary by an order of magnitude, and so the
second velocity was chosen to test the case where suppression is larger. The streaming
velocities will attenuate with z 4 1, hence the decrease from the recombination epoch.
These values for v, ; were chosen to be in a similar range to Maio, Koopmans, and
Ciardi, 2011, whose values are listed above. All the velocities were introduced in the
x- direction.

3.4.3 Greif et al. 2011

Greif et al., 2011b used the moving mesh code AREPO, which is based on a set
of grid points that are advected with the flow (Springel, 2010). This has a higher
efficiency and accuracy compared SPH simulations, while maintaining the natural
adaptivity of SPH. They argue that the Galilean invariance of AREPO is more ad-
vantageous for the study of supersonic bulk velocities than other adaptive mesh
refinement simulations.

The box size chosen was 500 kpc with 256% particles for both DM and gas. A
coarse DM simulation for each set of initial conditions was run in order to find the
Lagrangian region of the first mini-halo with a virial mass > 5 x 10° M. The particle
masses were 272 M and the comoving gravitational softening length was 68 pc.
A ACDM cosmology was considered, with Oy = 0.73, (), = 0.27, (), = 0.046, h
= 0.7 and ns = 0.96. The five-year Wilkinson Microwave Anisotropy Probe results
(Komatsu et al., 2009) were used to set the parameters above. Three values of the
fiducial normalization of the power spectrum oz = 0.9;1.1;1.3 were used in order to
alter the redshift of collapse, thereby extending the scope of the simulations given
that the box size is so limited. The initial conditions were computed for z = 99.

Once the location of a mini-halo, matching the selection criteria, is found in each
simulation, the refinement criteria described in Greif et al., 2011a in order to increase
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the mass resolution around the target halo. The masses of the DM and gas particles
are then reduced to 3.53 and 0.72 My, respectively. The comoving gravitational
softening length within this refined region is also reduced to 17pc. It was assumed
that the transfer functions for the gas and DM components were identical. Although
this can substantially affect the filtering mass scale (Naoz, Perets, and Ragozzine,
2010), it was argued that the same parameters were used for all the simulations, and
so the effects of the streaming velocities would affect all of them identically. Further,
only the effects of the steaming velocities were studied, so the results are therefore
independent of this choice.

A Streaming velocity was added to the gas in the x-direction, with v;; = 3 km
s~ 1. This corresponds, roughly, to the 1o peak. To ensure that only refined particles
collapse into the mini-haloes, the high-resolution region was extended in the x-
direction. The chemical network, which captured the chemical and thermal evolution
of the gas, tracked the abundances of H, H", H™, Hy, H,", He, He", He™, e~, D, D"
and HD (Glover and Jappsen, 2007; Greif et al., 2011a). This network included the
rotational and vibrational line cooling of H, and HD, collisionally-induced H; line
emission, collisionally-induced H; dissociation cooling, and heating via three-body
H; formation (see Greif et al., 2011a for further details).

3.4.4 Results

All three studies found that star formation was systematically delayed by the
inclusion of a streaming velocity, with Greif et al., 2011b finding a delay of Az = 4,
who found the initial redshift of collapse at z = 19.8. It was concluded that a higher
kinetic energy for the gas during the recombination epoch means that DM haloes
retain less material, the gas condenses more slowly making molecular formation
less efficient and effective, and thus resulting in less efficient cooling which delays
the formation of stars. This particularly applies to small primordial haloes with
masses ~ 10* — 108 Mg (see Tseliakhovich and Hirata, 2010), due to the fact that
their dimensions are comparable to, or smaller than, the baryon Jeans length. The
gas, in this case, does not fragment within the halo, and, since only large haloes are
capable of trapping such quantities of gas, the gas partially or wholly flows out of the
halo. This then affects the large scale growth of the Universe by altering the small
scale evolution, due to the strong suppression of the inflow and condensation of the
gas. Maio, Koopmans, and Ciardi, 2011 also found that streaming velocities have
practically no effect on DM- dominated haloes. Stacy, Bromm, and Loeb, 2011 found
that the thermal evolution of the gas was relatively unaffected by the addition of a
streaming velocity, except that, for low-density gas, the streaming velocity acted as a
heating term.

Due to the spatial coherence lengths of Tseliakhovich and Hirata, 2010 streaming
velocities, which correspond to many megaparsecs in the current Universe, it is plau-
sible that both reionization and the 21cm background could both carry observalble
imprints of such a streaming velocity ( Furlanetto, 2006; Barkana and Loeb, 2001).
There is the further possibility that these could affect conditions for observing Pop
III star SNe (e.g. Bromm and Loeb, 2002). Cosmological parameters, such as those
which are related to the properties of dark energy, whose parameters are based on
large-scale estimates could be affected by more massive objects forming at later times
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inheriting such a distribution. These are due to small-scale star formation effects
being able modify large-scale distributions, thereby affecting large-scale structure
formation and thus cosmological parameters could be affected.

In this chapter we have discussed the numerical recipe governing the formation of
stars, with the inclusion of a chemistry network. The effect this has on stellar feedback
has also been outlined, thus giving a detailed description of the chemical and thermal
evolution of the gas from early times. The additional study of simulations which
implemented a primordial streaming velocity, provides a holistic approach for cosmic
evolution from the time of decoupling and recombination. The next chapter will focus
on what was done in this work, detailing the improvements made to the chemistry
model, and on how a streaming velocity was added.
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Chapter 4

Numerical Implementation

The additions made in this work and the setup of the simulations run to test them
are laid out in this Chapter. The implementation of molecular cooling is discussed in
section 4.1. Including H» has been done by numerous authors and the species which
are required to form H, and into which H; can decay. The inclusion of HD is more
complex, due to the difficulties arising from the chemical network on which it relies.
This section will summarise these complexities and explain how the final chemical
network was chosen. The chemical network as employed in the simulations in this
study are tabulated in Appendix B. The summary of the various studies done on the
effects of streaming velocities is presented in section 3.4. All these studies confirm
that primordial streaming velocities have a significant impact on the evolution of
the gas and stars, most importantly they delay the formation of the first stars. The
implementation our streaming velocity model is detailed in section 4.2. The setups
and parameters for the GASOLINE simulations furnished with our models are given
in section 4.3.

4.1 Implementing Molecular Cooling

Adding in H; and HD are done via similar arguments, following the model adopted
by Christensen et al., 2012 who implemented H; in their version of GASOLINE. To
keep this discussion as brief and focussed as possible, each subsection introduces the
idea behind the process implemented, and then contains a sub-subsection (where
necessary) for Hp and HD, respectively.

An SPH approach is adopted by Christensen et al., 2012 in their model tracking the
non-equilibrium abundance of H, using the formation and destruction rates local to
each gas particle. Dense clouds have dust grains within them which are the major
contributors to H, formation, while photodissociation is the major branch for H»
destruction, both heavily affecting the abundance of Hy. The dust in these clouds
forms a natural shield for H, formation and must be included. Photodissociation for
both Hy and HD are discussed in this section, as they are important for regulated
star formation. Although implemented for both, our simulations did not introduce
external UV fields as this study is focussed on star formation before z ~ 10, which is
before these UV fields are really effective. The model we adopt for HD introduces the
same processes as Hp.
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To illustrate this for the reader, two reaction networks are shown. The first is for
He, which has a very simple network. This was chosen to illustrate that at least
one creation and one destruction reaction must be included for every species. The
reaction network is shown in table 4.1.

Creation Reactions Destruction Reactions

He*+e” —= He+y He+e  —— He" +2e”

He" +e”~ — He + o
(dielectronic radiation)

TABLE 4.1: A simple reaction network for He, illustrating that a network requires both

creation and destruction rates to balance the abundance of the species. The reaction rates

associated with these vary, and so the creation-to-destruction reaction ratio need not be
1:1.

To show how complicated these networks can become, the full network for H is
shown in table 4.2. In contrast to He, H, has more destruction reactions. The creation
mechanisms are sufficient to increase the abundance of H, down to T ~ 150 K, where
HD becomes abundant enough to be the dominant coolant, and the destruction
mechanisms for HD reduce the overall H, abundance.

Creation Reactions Destruction Reactions
H+H —Hy+e™ H,+H, — H,+2H
HD +H" — D" + H, H,+H —3H
HD+H—D+H, H,+H"—H,"+H

Hy+e™ —2H+e”
D+H, — HD+H
D"+H, — HD+H"

TABLE 4.2: A more complex reaction network is illustrated for H, giving the reader an
idea about the difficulties involved in creating a full network. The creation-to-destruction
reaction ratio is again not 1:1.

The introduction of HD into simulations is complicated by the number of species
which could possible affect its abundance. It has been found that the major cooling
species altering the abundance of HD are H, and D. To construct a sufficient model
to track these abundances, H-, D~ and D" are added to the chemical network. The
abundance of HD depends very heavily on the abundance of H,, with an expected
abundance for HD Yyp = 1072 — 10_3YH2 (e.g. Puy et al.,, 1993; Galli and Palla, 1998;
Flower, 2000). Lipovka, Nufiez-Lopez, and Avila-Reese, 2005 argue that HD can be
as an important a coolant as Hy at temperatures 2 3000 K.

Several other species have also been proposed as potentially being important.
D. Savin suggested that at low gas temperatures D, might be important for the
destruction of Hy, but the work by Glover and Abel, 2008 showed that this is not
the case. The abundances of H3* and HeH™ are far too small to have any noticeable
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impact unless the gas density becomes particularly high (and can be resolved at such
levels; Glover and Savin, 2006). Li and other heavier elements only occur in trace
amounts and are again unnoticeable in cosmological simulations. We exclude the
species discussed in this paragraph as they have negligible impact at the early stages
we are interested in.

Christensen et al., 2012 also implemented a model for LW radiation in GASOLINE.
Gnedin, Tassis, and Kravtsov, 2009 presented an implementation of LW radiation
which is intended for AMR simulations and is too computationally intensive to
be feasibly introduced into SPH simulations. Christensen et al., 2012 provided a
simplified form of this model, and this study implements the same model. LW
radiation introduced to resolve the over-cooling problem associated with an over-
production of H; at low redshifts. But other models have also been proposed the H,
over-cooling problem. Due to the lack of theoretical understanding we have decided
to not included the effects of LW radiation in our setup, as it is expected to have
negligible effects at high redshifts, which is where we expect the first stars to form
(z ~ 20 — 30).

Gas-phase formation and dissociation refer to the creation and destruction (of
any species in the chemical network) which rely on non-equilibrium reaction rate
coefficients, which are added together to find the net change which will be added
to the abundance of the species. Non-equilibrium rates are particularly effective
when metals aren’t included, as metal cooling is much more efficient than H and He
compounds. In particular, the H, abundance is very sensitive to this. An increase
in the abundance of Hy naturally drives up the abundance of HD. A semi-implicit
solver is implemented to calculate the H, abundance in each gas particle at every time
step, using cooling and heating rates. The integrator then calculates the abundances
of D and HD, respectively, using the same method.

The decision about which rates to include proved difficult because reaction net-
works often include the creation of minor species (such as H,"). This study chose
to consider only those reactions which had our species network (H, H", H™, He,
He*, He™, H,, D, D", D™, HD and HD*) which were involved on both sides of the
reaction rates chosen. The rates used are obtained from different authors (e.g. Verner
and Ferland, 1996; Galli and Palla, 1998; Abel et al., 1997; Glover and Abel, 2008) who
apply fitting functions to observational data. The curves of “best fit” each represent a
single non-equilibrium rate for a particular reaction. Glover and Abel, 2008 currently
provide the most up-to-date and detailed reaction network from which we implement
a reduced number of reactions (see Appendix B for the full network).

The simplified network incorporates the interactions between H,, D, D*, D~ HD
and HD". Each of these rates was included separately and then test runs were made
to check whether it worked and what effect it had. Quite a few of these rates caused
issues with the feedback code within GASOLINE and had to be excluded. Some
additional reactions where tested but would cause the feedback algorithm to stall
and therefore had to be excluded. These rates mainly involved HD*, which has a
very small impact on the overall HD abundance in cosmological simulations due to
their reduced resolution. The final network is tabulated in Appendix B.
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HD" was basically removed, leaving just four rates in which it is involved: two
creation and two destruction. It was found in testing that it remains at such a low
abundance level (due to its reduced network) that it has an insignificant impact
on cooling, but it does alter the abundances of the species, affecting the overall
abundance of HD. It is only included in the discussion of the gas phase formation of
various species within section 4.1.

The model we implement can be broken down into four components: formation on
dust grains, radiation shielding, gas-phase formation and dissociation, and heating
and cooling. Each of these are now examined in turn. The discussion of the HD
rates only affects the gas-phase formation and dissociation directly, as these depend
on the non-equilibrium rates. They affect the overall abundance of HD, which is
used in both the radiation shielding and heating and cooling calculations. The H;
abundance remains relatively unchanged by the excluded rates, but is affected (at low-
temperatures) by its destruction in order to form HD. The formation on dust grains
only concerns the abundance of Hj, and is therefore affected at low temperatures.
Although metal cooling is often included in discussions, its purpose is to regulate the
transition to regulated star formation, effective only once the first stars have formed
and have ejected metals. This study is concerned with the primordial gas and the
processes governing the abundances of the primordial species.

4.1.1 Dust Grain Formation

This subsection governs a formation to path for H; only after the introduction of
metals. It is included in this study because it is an important for the regime change
from primordial gas to metal enriched gas, and contributes to the amount of HD
which can be formed, but is negligible in comparison to gas phase formation and
dissociation in the primordial gas.

Dust grain formation is a very important formation path for Hy, but is an irrelevant
path for HD and is therefore only implemented for H,. It relies on the metals within
the chemical environment of the gas. Once metal pollution is present, even in small
pockets, dust grain formation will dominate over gas-phase formation. The equation
for the rate of dust formation (Rq) adopted in our model follows that of Wolfire et al.,
2008, which is observationally motivated by the same reasoning asGnedin, Tassis, and
Kravtsov, 2009. Within this regime, dust and gas density both affect the rate of H»
formation. The amount of dust is calculated by assuming that the ratio of dust-to-gas
is a function of metallicity, Z. The subgrid clumping factor and dust’s effects are both
contributors to the amount of H, formed by this process (Christensen et al., 2012).
The rate of dust formation is then,

Z
Rq =35 x 10—17Z—Cp cm®s71 (4.1.1)

©

where Z, is the solar metallicity and C, is the gas clumping factor. The value for C,

is set by assuming a log-normal density structure for the gas, with C, = eins were, 0
represents the width of the distribution. The best fitting value for C, is 10.0 as shown
by Gnedin, Tassis, and Kravtsov, 2009.
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The radiation shielding from LW and external UV background and is implemented
for Hy, Hy and HD. However, since it is not tested in this study because it will have
negligible effects at high-redshifts and has therefore been turned off, we exclude its
discussion in this work. Radiation shielding is mainly effective at z < 10, where the
external UV background and LW radiation become much more effective, increasing
the photodissociation rates of the gas and providing consistent heating of the gas. We
move the discussion to the gas phase formation and dissociation, since this has the
greatest effect on the primordial gas.

4.1.2 Gas-phase Formation and Dissociation
4.1.21 H2 Non-equilibrium Formation and Destruction

Gas-phase reactions affect the abundance of H;, and provide additional cooling
to the gas, particularly in low-metallicity regions. Gas-phase formation for H is
governed by two processes:

Hy"+H — Hy + H (4.1.2)

H +H—Hyte (4.1.3)

For H; formation via H™ we use the rate coefficient k;0 for the production of H™ and
k11 for 4.1.3, which can both be found in Appendix B, table B.2. We assume that the H;
abundance is primarily independent of the H" abundance.H is not only destroyed
via photodissociation, but also through collisions with Hy, H;, H" and e™. The rate
coefficients for these collisions were originally taken from Lepp and Shull, 1983, Dove
and Mandy, 1986, Abel et al., 1997 and Donahue and Shull, 1991, respectively, but
are now replaced by the rates from Martin, Keogh, and Mandy, 1998 and Shapiro
and Kang, 1987, Lepp and Shull, 1983 and Mac Low and Shull, 1986, Savin et al.,
2004, and Trevisan and Tennyson, 2002a. The resulting evolution equation for the
abundance ratio Xlg{z is:

XEP = nu(kionu- + kanip) + kasnygnap — n, (kianm, + kisnn (4.1.4)
+ kiang + kisne +kignp +kiznpe) (4.1.5)

where ny- is the equilibrium number density of H™ (Abel et al., 1997). The colli-
sional formation rates are given by ki, ko5 and kos. The collisional dissociation rates
are given by ki, ki3, k14, k15, k16 and ki7. The numbering of these rate coefficients
correspond to the numbers in our chemical network table (Appendix B, table B.2).
Following the work of Glover and Abel, 2008, we assume that the ortho-to-para
hydrogen ratio is constantly 3:1 for all gas-phase calculations. This is the ratio holds
unless the gas is extremely cold (< 30 K), when the amount of para-hydrogen in-
creases, becoming 1 at 0 K. If the ratio were taken into account, a model would need
to be developed to modify the way in which H, would react when it was only in its
para-hydrogen state.
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4.1.2.2 HD Non-equilibrium Formation and Destruction

The main formation mechanisms for HD are:

H, + D" —= HD+HT (4.1.6)
H,+D — HD+H (4.1.7)

The species D and D" cannot be implemented on their own, as they rely on D™, so
the evolution equations for all of these species are added to the model. HD" is also
included, but it has already been mentioned that its contribution is negligibly small.
The collisional interactions for each species are thus provided by: D interacting with
H, H", H and H,, D* with H, D~ and H,, and D~ with H, H*, D* and H,. HD"
interacts with H, H", H™, D, D" and e™. The gas phase equations for these species
are given below (with rates adopted from Glover and Abel, 2008).

For D,

Xlg)p =np- (kzonD+ + k23HH+) —+ nyg (k21HD+ + koonp- + kze”HD) + Ne- (kgzn]y + k27nHD+)
—np(kienn, + kignygr + kionu- + ksonp + koone + kaing) . (4.1.8)

The collisional formation rates are given by koo, ka1, k22, k23, ko6, ko7 and kzp. The
collisional dissociation rates are given by ki, k1s, k19, k30, k29 and k3;. The numbering
of these rate coefficients correspond to the numbers in our chemical network table
(Appendix B, table B.2).

For DY,

X]ga}z =N+ (klgnD + kZSnHD) — Np+ (k171”lH2 + koonp- + koynyg + kgzl’le) . (4.1.9)

The collisional formation rates are given by ki3 and k5. The collisional dissociation
rates are given by k7, koo, k21 and kzp. The numbering of these rate coefficients
correspond to the numbers in our chemical network table (Appendix B, table B.2).

For D7,

Xg =np(kiong- + kagtte- ) — np- (kaonps + kaongr + koany + kozngg=) . (4.1.10)

The collisional formation rates are given by k19 and kpg. The collisional dissociation
rates are given by kyo, k2z, ko3 and kps. The numbering of these rate coefficients
correspond to the numbers in our chemical network table (Appendix B, table B.2).
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For HD*,

Xlg)p, =ksinpny+ + kasnpng — nygp+ (koyne™ + kognp-) . (4.1.11)

The collisional formation rates are given by k3; and k33. The collisional dissociation
rates are given by kyy and kjg. The numbering of these rate coefficients correspond to
the numbers in our chemical network table (Appendix B, table B.2).

With these equations now setup, the gas-phase formation equation for HD can
finally be represented as:

Xlg‘l% =NH, (kienp + kiznp+ ) + nu(ksonp + koanp- ) + kogngp+np-
— nyp (kosngs + koehing) (4.1.12)

The collisional formation rates are given by ki, k17, k30, k24, and kpg. The collisional
dissociation rates are given by ko5 and k6. The numbering of these rate coefficients
correspond to the numbers in our chemical network table (Appendix B, table B.2).

4.1.3 Heating and Cooling
4.1.3.1 H2 Implementation

H> cooling in the code includes both the collisional processes of dissociation and
excited line emission. Hj collisional reactions are of particular importance in cooling
when 200 < T < 5000 K and p > 10 a.m.u cm ™3 (Gnedin and Kravtsov, 2010). The
rates and amount of emission outlined in (Abel et al., 1997) for collisions with Hp,
H, H" and e, were used to calculate the dissociative cooling due to collisions. The
collisionally induced line-cooling rates were calculated for H; and its interactions
with Hy, H, H", Hey and e~, using the low-density cooling rates presented by Glover
and Mac Low, 2007. Glover and Mac Low, 2007 presented cooling rates which were
determined using values calculated by Wrathmall, Gusdorf, and Flower, 2007 which
were based on the Mielke, Garrett, and Peterson, 2002 potential surface. These rates
have a substantial increase from those determined by Galli and Palla, 1998. Heating
due to H; is also included, along with the already existing photoionization for atomic
and ionized hydrogen and helium.

Christensen et al., 2012 ignored Deuterium cooling due to the inability of their
simulations to resolve the high densities needed for it to become a dominant coolant.
In our simulations, we aim to show that Deuterium and Hydrogen-Deuteride (HD)
are indeed resolvable, and modify the evolution of the gas and affect star formation.
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4.1.3.2 HD Implementation

HD cooling is particularly important for temperatures in the range 10 < T < 200
K. Line cooling was included for H, but proves inefficient for HD (Glover and Abel,
2008). This is due to the fact that H, has ortho and para-hydrogen states, where HD
does not have this separation of spin states.

The effects of a UV background on D are assumed to be identical to those of Hj. For
HD, the same regime as H» is adopted for an external UV background. The difference
is that the energy lost during H» dissociation is 4.476 eV (Glover and Abel, 2008),
while HD loses 5.086 eV during its dissociation Trevisan and Tennyson, 2002b).

A detailed review of the modifications made to the cooling code within GASOLINE,
including a description of how the cooling is handled, is given in Appendix A.
Simulations were run to test this implementation of molecular cooling against the
atomic and metal cooling version of GASOLINE. The setup is described in section 4.3.

4.2 Streaming Velocities

This section discusses how a streaming velocity is introduced into the initial condi-
tions for simulations. It follows similar lines to the work by Maio, Koopmans, and
Ciardi, 2011, Stacy, Bromm, and Loeb, 2011 and Greif et al., 2011b.

From the work by Tseliakhovich and Hirata, 2010, the rms velocity is v,,,; = 30
km s~!. We assume that this is the velocity is generated at z,,;,s = 1000. The initial
redshift of the simulation, z;, is used to calculate the appropriate streaming velocity
at that redshift from the expression:

vrms
= . 4.2.1
%=1 = (4.2.1)

This homogeneous velocity field is added to the velocity generated for the initial
conditions. This study adds a constant homogeneous velocity field, arbitrarily chosen
to be in the x-direction.

4.3 Simulation Setup and Parameters

We used the GASOLINE code to run high-resolution, 3-D, hydrodynamical simula-
tions which incorporate stellar evolution, star formation and efficient SN feedback.
A full description for metal pollution, primordial molecular chemistry (following
e ,HH",H ,He", He'", Hy, D, D", D, HD and HD")and fine structure metal tran-
sition cooling via equilibrium cooling using CLOUDY are also included. Metals-run
contains everything except molecular cooling, HD-run adds molecular cooling, and
Vstream-run adds a streaming velocity of 30 km S1
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The simulations were conducted within a cubic volume of 200 kpc on a side, starting
at redshift of 100 with 128 particles for both gas and the same number for the DM.
Consequently, the mass per gas particle is ~ 52 M. Similarly, the mass for the DM
particle is ~ 276 M. The initial abundances for Hj, He and D were set to 0.76, 0.06,
and 4 x107>, respectively. The rest of the species had an initial abundance of 0. We
adopt a ACDM matter cosmology with (5 = 0.6825, (3, = 0.3175, (O, = 0.049 and h
=0.671.

The density threshold for star formation is chosen to be ~ 10~! ecm~3. For the star
formation to be modelled in a physically justifiable way, each SPH particle must give
rise to two or more star particles. In our simulations, each star is allocated % of the
mass of the gas particle giving rise to it. A minimum mass per gas particle is set so
that gas particles do not become too small, which is now explained in detail. For each
original gas particle g; (at the beginning of the simulation) set by the initial conditions
(ICs) to have a mass m;, g; can never have its mass reduced by star formation to the
point where it is < &m;. If this occurs then the gas particle in question is removed
and its mass assigned to the nearest neighbours within the tree.

For the Vs4yeqm-run simulation a constant streaming velocity is added to the velocity
field of the ICs in the HD-run simulation (vy; = vx 4 Usream). Thus any differences
between the outcomes of the HD-run and Vsye,,-run simulation are due solely to the
streaming velocity. Since this run begins at redshift z = 100, the streaming velocity
can be shown to be vs = 2.727 ~ 3 km s~ !, which is in agreement with the streaming
velocities used by Maio, Koopmans, and Ciardi, 2011, Stacy, Bromm, and Loeb, 2011
and Greif et al., 2011b.

In this chapter a detailed molecular cooling model has been proposed, which will
significantly accelerate the time of formation and number of Pop III stars compared to
approaches which ignore the effect of molecular cooling on primordial star formation.
In addition to that, primordial streaming velocities have been introduced which
may may decelerate star formation (the implementation of the streaming velocities
discussed here may be oversimplified - a future more rigorous treatment will possibly
reveal acceleration and deceleration of the primordial star formation at the same time,
depending on the fine structure of the streaming velocity field.) The simulations
discussed in the next chapter will reveal how these adverse processes affect early star
formation.
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Chapter 5

Results

This chapter is broken into two sections discussing the effects of the inclusion of
molecules (section 5.1) and of the implementation primordial streaming velocities
(section 5.2). The main features we are interested in are: formation times of the first
stars; thermal evolution of the gas; and halo density and distribution. We find that
molecular cooling accelerates star formation by cooling the gas much more efficiently.
The increase of the feedback due to higher star formation activity at earlier times is
able to expel larger amounts of gas from the star forming regions and thus causes a
delay in the formation of the second generation of stars.The inclusion of a streaming
velocity also delays star formation and produces, in combination with the accelerated
star formation due to the inclusion of primordial chemistry, a similar distribution for
the gas temperature, density and metallicity to the simulation neglecting molecular
cooling and a streaming velocity. The ordering of the results within this chapter is by-
no-means the only way to present them, but was chosen in this way in order to show
the logical steps taken to ensure that the data obtained made sense. The simulations
will be referred to following the nomenclature introduced Chapter 4, namely: Metals-
run referring to the simulation with the base code (excluding molecular cooling),
HD-run being the simulation containing molecular cooling, and Vsyeqm-run indicating

the simulation with molecular cooling and a streaming velocity of 30 km s ~1.

5.1 Effects Resulting from the Inclusion of Molecular Cool-
ing

5.1.1 Evolution of the Temperature Distribution of the Gas

It is well understood that DM will collapse under gravity, providing DM haloes
into which the gas particles will eventually fall. The gas gradually sinks to the centre
of the halo, where run-away cooling is observed followed by rapid collapse in the
gas form stars. Run-away cooling and collapse happen far too fast in simulations for
the time-steps to be close enough together to pick this up. This is where molecular
cooling is dominant and it is difficult to capture it directly. Molecular cooling does,
however, leave a traceable signature in the temperature function for the gas. This can
be examined by constructing a thermal distribution for the gas. Once the first stars
form, the temperature function will spread out, with the bulk of the gas between 30
and 1000 K, with very little gas above 10000 K. The histograms for Metals-run (blue)
and HD-run (red) are presented plotted against one another for redshifts from z = 36
to z = 6, which are shown in figure 5.1.
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FIGURE 5.1: The thermal distribution of the gas particles at various redshifts, with Metals-
run in blue and HD-run in red. In the beginning the major peaks in Metals-run and
HD-run show a large separation and then merge at z = 6, indicating a similar thermal
evolution from that point on. Figure 5.1a shows an elongated distribution for HD-run,
foreshadowing the immediate star formation indicated by the sudden high-temperatures
seen in figure 5.1b due to SNe events. It can clearly be seen that molecules accelerate star
formation and alter the high-redshift thermal evolution, while tending towards the same
low-redshift distribution as Metals-run which is as expected.

In figure 5.1, the first key feature is that the bulk of the gas has a temperature
T < 1000 K, which is expected. Furthermore, the main peak temperature for HD-run
starts out at about 100 K at z = 36 and steadily decreases to the threshold temperature
of 30 K at z = 6. Metals-run follow a similar trend, but start out at a higher base
around 600 K at z = 36 , reducing gradually to the threshold temperature of 30 K
at z = 6. This illustrates that the two simulations differ greatly at high redshifts,
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but match more closely at low redshifts, indicating that the thermal evolutions will
coincide eventually which is expectedand also desired otherwise the results of the
cosmological simulations of galaxy formation would be questionable. Considering
figure 5.1a, the effect of molecular cooling can be clearly seen in comparison to the
Metals-run with the elongation of the distribution and peak being at a significantly
lower temperature. This indicates that star formation is immediate, which is indeed
the case as is seen in 5.1b, where supernova events have taken place. Another
interesting feature is the “double-peak” which is present throughout most of the
HD-run, but only appears in Metals-run at low redshifts. This is due to the advent of
a halo in which there is consistent star birth and death. The gas is constantly in a flux
of run-away cooling and SNe heating, leading to the trough between these two states.
These plots clearly indicate the effectiveness of molecules at high redshifts, drastically
altering the thermal evolution of the gas at high redshifts, but returning to a similar
evolution to Metals-run at low redshifts, indicating that the two will coincide in their
evolutions at z = 0. They also indicate that the star formation histories will differ at
high-redshifts, with HD-run being significantly earlier. This will be the focus of the
next set of results.

5.1.2 Star Formation History

Star formation within a simulation is categorised by two main features: the time
when the earliest stars form, and the rate at which the stars form. To investigate
both of these, we plot the distribution of the individual star formation times as a
function of redshift, by linearly binning these formation time by redshift. Metals-run
are plotted in blue and HD-run in red. The x-axis runs from redshift z = 40 — 6, and
the y-axis is the number of stars in the bins. The histograms are displayed in figure
5.2.
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FIGURE 5.2: Star formation history distributions for Metals-run and HD-run (the colour
difference shows the regions of overlap between the two histograms). Star formation
happens much earlier when molecules are included, and the star formation rate at high
redshifts is also increased, which is seen by the consistent number of stars produced at
high redshifts. Metals-run show a sudden spike in star formation around z ~ 10. It is
expected that molecular cooling accelerates star formation and that it will increase the
star formation rate, both of which are confirmed by this data. The consistent production
of large numbers of stars in HD-run suggests that the evolution of the gas’s temperature,
density and metallicity will all be very different from the Metals-run.

Figure 5.2 shows that HD-run forms stars much earlier than Metals-run, and that
it continuously produces large numbers of stars at high redshifts. The star formation
rate is therefore also increased by introducing molecular cooling. The single star
formed around z ~ 38, seem to be associated with an extremely high dark matter
density peak and confirms the ability of molecules to very efficiently cool the gas
in sufficiently dense environments. The spike in star formation at z ~ 10 in the
Metals-run indicates that it takes much longer for the gas to cool and produce stars,
illustrating the inefficiency of H and He as efficient coolants at low temperatures.
This burst of star formation is caused by the SN explosions of the earlier stars which
pollute the environment with metals, thereby allowing much more efficient cooling
of the gas.

The consistently high number of stars produced almost continuously in the HD-
run suggests that the temperature, density and metallicity evolution of the gas is very
different from that of the Metals-run. The next few subsections will illustrate that
this is indeed the case.
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5.1.3 Evolution of the DM

Before studying the evolution and properties of the gas, the DM distribution is
investigated. This will provide information about the structures forming within the
simulation volume and indicate whether there are any significant differences between
the Metals-run and HD-run DM evolutions. It is anticipated that the difference
between the DM distributions of the two runs will be rather small. To plot the DM
distribution, the DM particles are gridded according to their position within the box,
and then a colour-map is applied based on the number-density of particles within a
particular grid. The plots are projections along the entire z-axis of the box, showing
the distributions in the x — y plane, in units of Mpc. These are displayed in figure 5.3,
where the two runs are plotted 2 x 2, with HD- run on the left and Metals-run on the
right.
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FIGURE 5.3: DM density maps constructed by gridding the positions of the particles

and then colouring them according to number density.They are projected along the z-

axis through the entire box and show the distribution in the x-y plane. One side of the

square map corresponds to 200 kpc. Each row has the two panels on the left being the

HD-run evolution, and the two on the right being Metals-run. It is illustrated that the

DM distributions for Metals-run and HD-run are identical, reinforcing the fact that any
gaseous distribution differences will be the result of molecular cooling.

The evolution depicted in figure 5.3 shows no difference between the DM distri-
butions of the two runs. Therefore it can be anticipated that any changes in the gas
distributions will be due to the changes between the cooling mechanisms. It has
already been shown , by previous studies using GASOLINE, that the Metals-run code
evolves galaxy formation to z = 0 which matches features seen in observational data,
confirming that the data produce can be trusted (as is expected, otherwise the studies
would have been abandoned). Since the DM distribution for the HD-run is so similar
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to that of the Metals-run, this indicates that the HD-run would also match observa-
tional data at z = 0. This was not done in this study, but would provide a stronger
argument for the HD-run evolution being more accurate than the Metals-run. To
investigate the distribution of the gas, and whether the two evolutions are as similar
as this data, the thermal, density and metallicity evolutions of the gas are considered.

5.1.4 Thermal and Density Evolution of the Gas

So far, it has been demonstrated that the DM distributions are identical, but that
the temperature distributions are very different at high redshifts, but tend towards
each other at low redshifts, indicating an evolution which my match up atz = 0,
which is what is wanted for comparison to observational data. The star formation
histories were completely different, indicating that the evolution of the gas should be
very different. This section shows that this is the case by considering the thermal and
density evolutions of the gas.

5.1.4.1 Thermal Evolution

The thermal evolution is illustrated by a sequence of plots which apply a uniform
grid to the box and find the mean temperature density of each grid cell. A projection
is made through the entire box along the z-axis, showing the temperature distribution
of the gas in the x — y plane, with the axes in units of Mpc. On top of these we
over-plot the positions of the star particles showing that the hottest points correspond
to the locations of the stars. These temperature maps are illustrated in figure 5.4, with
HD-run and Metals-run plotted in the same fashion as figure 5.3.
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FIGURE 5.4: Temperature maps illustrating the thermal evolution of the gas. Each cell
represents the mean temperature density projected through the z-axis of the entire box.
The bright spots indicate high temperatures. The over-plotted red dots represent the
positions of the stars. One side of the square map corresponds to 200 kpc. Each row has
the two panels on the left being the HD-run evolution, and the two on the right being
Metals-run. Molecular cooling increases star production at high redshifts, increasing
the number of SN explosions which re-distribute the gas all of the box. The HD-run
shows a temperature distribution which is more dispersed, due to the small DM haloes
being unable to trap the SN ejections as effectively at high redshifts in comparison to the
Metals-run. Smaller DM haloes in the HD-run are are able to trap the gas more easily
due to the increased efficiency of molecular cooling.

The temperature maps in figure 5.4 illustrate a massive difference in where the hot
gas is located within the box. The formation of stars happening so much earlier, and
so much more frequently, in the HD-run run means that the DM haloes are smaller
and are not able to trap the SN gas expelled within their haloes. The gas is therefore
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blow out very frequently, re-distributing it throughout the box. This is seen very
clearly at low redshifts, where most of the gas within the box is at high temperatures.
The fact that the more efficient cooling allows smaller DM haloes to more effectively
trap the gas also influences the time and location of star formation, contributing to
the more dispersed temperature distribution seen in the HD-run.

In comparison, the Metals-run gas collects into filaments and one very large halo,
with some smaller haloes appearing around it. The delay in the first stars allows more
gas to be trapped within the DM haloes, leading to a more “structured” distribution
in the gas. A detailed discussion of the evolution of the gas below z ~ 9 is incomplete
due to the lack of an external UV background. It looks as though the two distributions
will begin to mirror one another with the decrease in the star formation rate for HD-
run, as indicated by the clustering of the stars in a similar position to the Metals-run.
Molecules do clearly modify the thermal evolution of the gas.

5.1.4.2 Gas Density Evolution

The density evolution of the gas is constructed by a sequence of plots which apply
a uniform grid to the box and find the mean density of each grid cell. A projection is
made through the entire box along the z-axis, showing the density distribution of the
gas in the x — y plane, with the axes in units of Mpc. The density maps are shown in
figure 5.5, with HD-run and Metals-run plotted in the same fashion as figure 5.4.
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FIGURE 5.5: Density maps of the density evolution of the gas particles are shown, with
each cell representing the mean temperature density projected along the z-axis of the
entire box. The blue and white regions indicate high and low densities, respectively. One
side of the square map corresponds to 200 kpc. Each row has the two panels on the left
being the HD-run evolution, and the two on the right being Metals-run. These illustrate
the same effects seen in the temperature maps, where the HD-run has a more disrupted
density distribution in comparison to the smooth gas density field in the Metals-run, with
stars formed all over the box. Molecules therefore have a significant impact on the density

evolution of the gas.

The density maps in figure 5.5 illustrate the same large differences as was shown in
the temperature distributions. The same arguments about high redshift star formation
and efficient molecular cooling in the HD-run apply here. The effect is that the HD-
run shows a more disrupted gas density field in comparison to Metals-run. This
reinforces the conclusions drawn from the temperature maps. Once again, the lack of
UV background limits the discussion about the evolution beyond z ~ 9.
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5.1.5 Evolution of the Gas Metallicity

Having seen that the temperature and density evolutions have been altered so
much, and concluding that smaller DM haloes can trap the gas, leading to more
wide-spread star formation, the effects of metal pollution become important. They
have the ability to make gas cooling even more efficient, which could explain the
large difference in the distributions of the gas density fields between HD-run and
Metals-run.

The evolution of the gas metallicity is illustrated by a sequence of plots which
apply a uniform grid to the box and find the mean metallicity of each grid cell. A
projection is made through the entire box along the z-axis, showing the distribution
of metals in the x — y plane, with the axes in units of Mpc. We once more over-plot
the positions of the star particles showing the locations of the stars. These metallicity
maps are illustrated in figure 5.6 with HD-run and Metals-run plotted in the same
fashion as figures 5.4 and 5.5.
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FIGURE 5.6: Metallicity maps illustrating the distribution metals in the box by placing a
uniform grid on it. Each cell represents the mean metallicity projected along the z-axis of
the entire box. One side of the square map corresponds to 200 kpc.. The darker the region,
the more metals that are present within it. The red dots represent the positions of the
stars. Each row has the two panels on the left being the HD-run evolution, and the two
on the right being Metals-run. The greater pollution by metals in the HD-run, and the
fact that they get spread out so much, means stars can form all over the box. This results
in a greater production of stars, and in a very different evolution for the gas, resulting

from the inclusion of molecular cooling.

The metallicity maps in figure 5.4 show the same structural differences between
the HD-run and metals as were seen before, due ot the same arguments. These maps
show that the distribution of metals happens much earlier HD-run, thereby cooling
the gas even more, and allowing stars to form earlier and more rapidly. The extra
time taken for stars to form in the Metals-run is responsible for the reduction in
metal pollution, leading to rapid star formation only within the largest haloes. The
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wide-spread distribution of metals in the HD-run allows much smaller haloes to
produce stars. It is therefore clear that molecular cooling modifies the evolution of
the gas in all aspects.

51.6 Summary

It has been illustrated in this section that molecular cooling has an enormous impact
on the evolution of the gas and stars, but leaves the DM evolution untouched. Stars
form much earlier when molecular is included as DM haloes can more effectively trap
the gas due to its more efficient cooling. Earlier star formation creates SN explosions
which populate the gas with metals much earlier. The SN explosions also evacuate
the gas from the DM haloes, since the haloes are too small to stop the gas from doing
so0. This results in wide-spread high-temperature gas containing metals. This happens
almost continuously from z ~ 30, leading to maps for the temperatures and densities
which are more dispersed. This follows from the small DM halo argument. Molecules
therefore drastically change the evolution of the gas and are crucial to studying the
advent of Pop III stars, which agrees well with the results of Nakauchi, Inayoshi, and
Omukai, 2014. These results indicate that, overall, our implementation of molecular
cooling has been successful.
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5.2 The Effects of the Streaming Velocity

To compare the HD-run and Vsye-runs, the same plots are constructed in the
same manner as the previous section. The plots are therefore shown in their own
subsections and the discussion of them is delayed to the end of the section where we

make a summary.

5.2.1 Evolution of the Temperature Distribution of the Gas
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FIGURE 5.7: The thermal distribution of the gas particles at various redshifts, with the

Vstream-run in black and HD-run in red. The major peaks in Vsyyq-run and HD-run start

substantially far apart, and then merge at z = 6, indicating a similar thermal evolution

from that point. The HD-run is clearly ahead at high redshifts, indicating that there is a
delay when a streaming velocity is included, as is expected.
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5.2.2 Star Formation History
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FIGURE 5.8: Star formation history distributions for Vg;e,,-run and HD-run (the colour
difference shows the regions of overlap between the two histograms). Star formation
happens much later when a streaming velocity is included. Vsyyeq-run shows a sudden
spike in star formation around z ~ 10, which shows some similarity to the Metals-run.
This illustrates the expected behaviour of the gas when a streaming velocity is included.
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5.2.3 Evolution of the DM

HD-run, z = 36.8 HD-run, z = 24.8 Vstream-run, z = 36.8  Vspopm-run, z = 24.8
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FIGURE 5.9: DM density maps constructed by gridding the positions of the particles
and then colouring them according to number density. They are projected along the
z-axis of the box and show the distribution in the x-y plane. One side of the square
map corresponds to 200 kpc. Each row has the two panels on the left being the HD-
run evolution, and the two on the right being Vgyesp,-run. It is illustrated that the DM
distributions for HD-run and Vge-run are identical, reinforcing the fact that any
gaseous distribution differences will be the result of the streaming velocity.
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5.2.4 Thermal and Density Evolution of the Gas

HD-run, z = 36.8 HD-run, z = 24.8 Vsiream-run, z = 36.8  Vsppeum-run, z = 24.8

HD-run, z = 16.0 Vstream-run, z = 19.3  Vgppopm-run, z = 16.0

HD-run, z = 10.0 -run, z = 10.0

5.2.4.1 Thermal Evolution

HD-run,z =19.3

Vstream-run, z = 11.0 Vg,

HD-run,z = 11.0

HD-run, z = 6.3 HD-run, z = 6.0 Vstream-run, z = 6.3 Vstream-run, z = 6.0

FIGURE 5.10: Temperature maps illustrating the thermal evolution of the gas. Each cell

represents the mean temperature density projected through the z-axis of the entire box.

The bright spots indicate high temperatures. The over-plotted red dots represent the

positions of the stars. One side of the square map corresponds to 200 kpc. Each row

has the two panels on the left being the HD-run evolution, and the two on the right

being Vstyeqm-run. The streaming velocity delays the formation of stars, creating a similar
distribution of temperatures in comparison the Metals-run.
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5.2.4.2 Gas Density Evolution

HD-run, z = 36.8 HD-run,z = 24.8

Vstream-run, z = 36.8

Vstream-Tun, z = 24.8

HD-run,z = 19.3 HD-run, z = 16.0

HD-run,z =11.0 HD-run, z =10.0

Vstream-Tun, z = 19.3

g
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Vstream-run, z = 11.0

Vstream-run, z = 16.0

Vstream-run, z = 10.0
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HD-run,z = 6.3 HD-run, z = 6.0

Vstream-TUn, z = 6.3

Vsiream-run, z = 6.0

FIGURE 5.11: Density maps of the density evolution of the gas particles are shown, with
each cell representing the mean temperature density projected along the z-axis of the
entire box. The blue and white regions indicate high and low densities, respectively.
One side of the square map corresponds to 200 kpc. Each row has the two panels on
the left being the HD-run evolution, and the two on the right being Metals-run. These
illustrate the same effects seen in the temperature maps, where the Metals-run have a less
dispersed density field, with the HD-run having star form all over the box. The streaming
velocity delays the formation of stars by suppressing star formation in small DM haloes at
high redshifts. This results in a similar gas density field in comparison to the Metals-run.

5.2.4.3 Difference in Gas Density Evolutions

To get a picture of where the HD-run and Vsyyeap-runs differ in their density evolu-
tion, a plot is made where the density maps for Vsean-run are subtracted from those
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of HD-run. Since the features will be similar for the temperature and metallicity
maps, these density maps are the best illustration and the others are neglected. These
are shown in figure 5.12.

(A)z = 36.8 (B) z = 24.8 (C)z=193 (D) z = 16.0
(E)z = 13.8 (F)z =122 (G)z =110 (H) z = 10.0
W% @z=85  ®:z=79 .,(.L)Z_ 75

Wz=70  (Mi-66  (@:-63  ()z—60

FIGURE 5.12: Gas density maps showing where the contributions from Vgeq,-run have
been removed from the HD-run maps. One side of the square map corresponds to
200 kpc. The areas which are white indicate where the maps are the same, while the
coloured regions show where HD-run differs. This clearly illustrates the wide-spread star
formation present in HD-run and that the inclusion of a streaming velocity makes it more
difficult for the DM haloes to trap the gas, wiping out star formation in high-redshift
small DM haloes.
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5.2.5 Evolution of the Gas Metallicity
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HD-run, z = 36.8 HD-run, z =248 Vstream-run, z = 36.8  Vgpopm-run, z = 24.8
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HD-run, z =11.0 HD-run, z =10.0 Vstream-run, z = 11.0  Vgpepm-run, z = 10.0

HD-run, z = 6.3 HD-run, z = 6.0 Vsiream-run, z = 6.3 Vstream-Tun, z = 6.0

FIGURE 5.13: Metallicity maps illustrating the distribution metals in the box by placing a
uniform grid on it. Each cell represents the mean metallicity projected along the z-axis
of the entire box. One side of the square map corresponds to 200 kpc.. The darker the
region, the more metals that are present within it. The red dots represent the positions of
the stars. Each row has the two panels on the left being the HD-run evolution, and the
two on the right being Vsyeq,,-run. The streaming velocity delays the formation of stars,
reducing the effects of metal pollution in the Vgeqy-run. This also results in a similar
metallicity distribution in comparison to the Metals-run.

This summary will consider each figure in turn and draw the conclusions from it.
The final result will then be discussed and compared to the results of the previous
studies from chapter 3, section 3.4.
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The temperature distribution of the gas by redshift (figure 5.7), shows the same
evolution for HD-run as before, with a clear delay in the formation of stars in Vsreqm-
run. These plots suggest that the first stars form around z ~ 19. It is important that
the two simulations tend towards a similar evolution, and these two do by z = 6,
suggesting that they will be comparable to observations at z = 0. The lack of a peak
in the HD-run is due to the increase in the amount of gas trapped within small DM
haloes, leading to larger amounts of gas at higher temperatures. This will lead to the
earlier star formation seen before.

The star formation history (figure 5.8) supports the previous conclusions, showing
a delay of Az ~ 10 — 15 for the Vsjeqm-run. The peak star formation is at z ~ 10,
suggesting that the delay in formation time delays the introduction of metals into the
gas.

The DM distributions are compared in figure 5.9 and show that the two runs had
identical DM evolutions. It is therefore concluded that only the changes to the gas
can account for any structural changes which occur.

The temperature and density maps in figures 5.10 and 5.11 indicate a large differ-
ence in the dispersions of these fields within the two runs. The delay in star formation
in Vsiream-run is shown once more, with the stars mostly forming within the large halo
in the upper left hand corner. Star formation within small mass primordial haloes
(such as the star formed in the HD-run at z = 38, have been entirely suppressed by
the inclusion of a streaming velocity. A much less disrupted evolution of the fields
is observed in the Vsyyeqn-run. This is confirmed in the density map constructed by
subtracting the Vs ean-run mean density in each cell from its opposite number in
the HD-run (figure 5.12). The white areas indicate identical distributions, with the
increasing colour (blue being the largest difference) indicating the divergence of the
evolutions. The gas is clearly more spread-out in the HD-run, and shows that it
is gathering much intensely in the regions of the large DM haloes by z = 6. The
Vstream-run doesn’t have this feature as the gas is spread more evenly in the large halo
which is already present.

The two temperature distributions show that the HD-run and Vseam-run have
similar distributions at high temperatures, where the DM haloes trap the gas to form
the same large structures, but that the voids are very different. The voids are much
smaller and less well-defined in the HD-run. This difference corresponds to the much
earlier star formation, leading to the gas being much hotter due to the SNe. The gas
had longer to fall into DM haloes in the Vsyeq-run, so that the SNe from stars ejected
less material at later times, due to the larger haloes more effectively stopping slower
material leaving the halo. At earlier times, this would not have occurred as easily, and
so more gas would have escaped the halo. The amount of hot gas being so widely
spread in the HD-run is an indication of this.

Finally, the metallicities are compared in figure 5.13. The star formation in the
Vstream-run is clearly delayed, and shows a much less dispersion in the distribution of
metals. The HD-run has a much more wide-spread distribution, with stars forming
all over the box as opposed to the concentrated star formation within the large halo
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and some minor haloes in the Vg;eqm-run. The lack of metals also delays the transition
from Pop III stars to the later generations. The same small-mass halo suppression of
star formation is highlighted by these maps.

The streaming velocity therefore delayed star formation which agrees well with the
studies made by Maio, Koopmans, and Ciardi, 2011, Stacy, Bromm, and Loeb, 2011
and Greif et al., 2011b. The delay being Az ~ 10 — 15 is larger than that observed
by Greif et al., 2011b, but since simulations are difficult to compare, our value does
not seem unreasonable, especially since the time of collapse in the Vsyynp-run was at
z = 21 (very close to their value of z = 19.8).

The smoother density, temperature and metallicity distributions (as appeared in
the Metals-run), along with the star formation history and temperature distribution,
suggest that the DM haloes have to grow in size before stars can form, removing star
formation from small DM haloes. This is illustrated by the early stars which form
in the HD-run appearing in remote regions of the box, which do not appear in the
Vstream-run, indicating a suppression of star formation in small mass DM haloes. We
find excellent agreement with Maio, Koopmans, and Ciardi, 2011, Stacy, Bromm,
and Loeb, 2011 and Greif et al., 2011b in this regard as well. This has the net effect
of producing an evolution which superficially appears to be similar to the Metals-
run. Since no analysis was done to confirm this, one cannot claim that is so, but
it is interesting to see the similarity, and suggests that the removal of molecules
has a similar evolution to molecules with a streaming velocity. This would be very
promising because the inclusion of a streaming velocity would delay star formation,
but not alter the structure formation so much that it doesn’t match observations at
z=0.

The effects of UV backgrounds have been excluded, as previously stated. Chris-
tensen et al., 2012 introduced an expression which would simulate the UV background
for nearby stars, and a UV background from the epoch of re-ionisation can also be
turned on between redshifts 8 and 10. The effects these would have in such a small
volume, and how relevant the expressions are in such cases needs to be investigated,
and will be considered in future work. The effects associated with UV fields, mag-
netic fields, and turbulence are of great importance in star formation, and need to be
addressed in further studies. With reference to these effects, the mass resolution in
this study may look small enough (a gas mass resolution of ~ 2 M), but numerical
simulations do not resolve individual stars, but groups of stars. The effects from
magnetic fields and turbulent gases are therefore too simple for such scenarios, and
need to be investigated in more detail so that these effects can be captured in further
works.

The only point on which we differ with the previous studies is about the thermal
evolution of the gas. The HD-run had an entirely different gas distributions to that
of the Vs;yeam-run, which was not found to be the case in the Maio, Koopmans, and
Ciardi, 2011, Stacy, Bromm, and Loeb, 2011 and Greif et al., 2011b studies.
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Conclusions

The cosmological simulations in this study were conducted within a cubic volume
of 200 kpc on a side, starting at redshift of 100 with 128> particles for both gas and
the same number for the DM, resulting in a mass per gas particle of ~ 52 M , and a
mass per DM particle of ~ 276 M. Three simulations were run: Metals-run (with no
molecular cooling), HD-run (with molecular cooling) and Vsyes,-run (with molecular
cooling and an homogeneous streaming velocity in the x-direction). The molecular
cooling network consisted of the species e”, HH", H™, He", He™", H,, D, D*, D7,
HD and HD".

The inclusion of molecular cooling, and in particular the addition of HD to the
chemical network, has a large impact on when Pop III stars form. The formation
time in this study was found to be around z = 38, in comparison to z = 21 in the
Metals-run. This completely altered the thermal, density and metallicity evolution
of the gas, as the early introduction of metals meant that smaller DM haloes were
able to cool the gas more efficiently and thus produce large numbers of stars over
a longer period. This resulted in a wide-spread distribution of metals, due to SN
explosions continuously pumping the hot gas out of their DM haloes, and dispersed
the distributions for the temperature and density fields. Nevertheless, we find good
agreement with Nakauchi, Inayoshi, and Omukai, 2014 that the inclusion of HD is an
important coolant for the study of Pop III stars.

Adding a streaming velocity, using the same molecular cooling code as discussed
above, delayed star formation by Az ~ 10 — 15. This was larger than the delay of
Az = 4 found by Greif et al., 2011b, but we are in excellent agreement with them
about the formation of the first stars, our study putting it at z = 21 and there’s
at z = 19.8. Certainly these differences are stochastic in nature as the simulation
volume is very small. This delay is attributed to small DM haloes being unable to
trap the gas as effectively at high redshifts due to the addition of a rampressure
(which removes the gas). These findings agree well with previous studies by Maio,
Koopmans, and Ciardi, 2011, Stacy, Bromm, and Loeb, 2011 and Greif et al., 2011b.
Further investigations are needed to investigate whether molecular cooling totally
compensates for the streaming velocity.

The thermal, density and metallicity evolutions of the gas were found to differ
substantially between the runs with and without the streaming velocity. The reasons
behind the suppression of gas structure within the molecular cooling code is that DM
halos have more time to grow when a streaming velocity is included, allowing the gas
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to be trapped more effectively within larger haloes once the first SN explosions occur.
The metallicity of the gas will be suppressed within this regime, since the formation
of Pop II-I stars is delayed. This delay traps the metals within the large DM haloes,
producing a more pronounced structure formation for the gas.

At completion of the current research project several avenues become apparent
for future research. One avenue is to improve star formation within simulations in
particular the use of the IMF for this high resolution - low particle mass regime must
be revised. Simulations which implement more accurate turbulence models may
be soon able to resolve the formation of individual stars which then would provide
the mass spectrum of the stars self-consistently. Another avenue is to focus on the
improvement of the wind description. The current model assumes a homogeneous
streaming velocity field which is certainly a simplification. A way forward here is the
utilisation of the analytical model by Ahn, 2016 for the implementation of the initial
conditions of the simulations. This will lead not only to the sweeping away of gas
from dark matter halos but also to accumulation of gas at other locations possible
leading to an acceleration of star formation.
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Cooling in the GASOLINE code

This appendix is designed to give an overview of the way in which the cooling and
heating of the gas are handled within GASOLINE. This is by-no-means a user manual
or technical guide, but a brief summary of the relevant functions, and details about
the changes which have been made to the cooling code to incorporate molecules into
the chemical network. It is also intended to be read with the reader in possession of
the source code. The full code is not given in this appendix, and very few clippings
from the code exist here. This is more of a discussion about what the functions do
and how their contents were modified. With this in mind, we begin by looking at
how the code is compiled to include molecular cooling.

A.1 Makefile Options

We begin with the Makefile and discussing the important cooling options. The
two most important ones dictate whether or not molecular cooling is present within
the calculations or not. To turn on cooling which contains hydrogen and helium
(and their various ions), and metals from a table constructed by CLOUDY, use these
compilation options:

COOLING_OB]J = cooling_metal.o
COOLING_DEF = —DCOOLING_METAL

This calls the metal cooling file cooling_metal.c withits header file cooling_metal.h.
To turn on cooling including H, and HD, use these compilation options:

COOLING_OB]J = cooling_metal_H2.o0
COOLING_DEF = —DCOOLING_MOLECULARH

This calls the metal cooling file cooling_metal_H2.c withits header file cooling_metal
_H2.h. We will discuss these cooling files after discussing two more molecular cool-
ing options.

~DCOOLDEBUG turns on the option to output two textfiles during the cooling
calculations: one which outputs every calculation step and one which outputs a
custom cooling table for the non-equilibrium species (which can be modified by
the user). In its present configuration, the first column outputs the temperature of
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the current step, the next 9 columns are the abundances of every species within the
chemical network and the rest of the columns output the energies of each rate in the
reaction network and the photoionization rates.

textmyfont-DRADIATIVEBOX is an option made available by changes from Chris-
tensen et al., 2012 which allows an additional Lyman-Werner UV background to be
added to the code. This is done to reduce the H, abundance once the first SNe events
occur. For full details on how this works, see Christensen et al., 2012.

The rest of the compilation options within the Makefile are standard for the code
and need not be discussed in this work. We will now move on to a discussion of the
cooling metal_H2.c and cooling _metal_H2.h files.

A.2 Molecular Cooling Files

This section describes the relevant functions within the cooling . c and .h files.
The code will not be given in full (as this would take up an inordinate amount of
space and add little value). Instead, this will act as a guide to the code assuming
that the full code is available to the reader. Note that the cooling code for molecular
cooling builds on the cooling code for metals, and so the two are almost identical,
with the molecular cooling adding in a few functions and more cooling and heating
terms. It will be pointed out where these changes occur.

The creators of GASOLINE chose an object-oriented programming (OOP) approach
to structure the code. All the objects are declared within the header files and then
called in the . c files. Reading objects in C proves difficult when the variable types
are unknown, so a discussion of the objects in the header file seems the best place to
start.

A.2.1 The Header File

The beginning of the file consists of defining constants. These are either cosmologi-
cal (e.g. Zp) or threshold values (e.g. minimum temperatures, error tolerances, and
so on), and need not be discussed.

ThetextmyfontCOOLPARAM object contains all the parameters associated with
cooling. Apart from the already existing parameters, three additional parameters
were added:

int bSelfShield; /* Set to true to include self —shielding x/
int bShieldHI;  /* Set to true to allow dust to shield HI */

#ifdef RADIATIVEBOX
double dLymanWernerFrac; /* Fraction of Lyman Werner radiation that escapes birth cloud.
0.51s a good choice of value. — MU %/
int bAgeFromMass; /% Set to true to determine age of star particle from mass
compared to formation mass when calculating LW radiation, particularly useful with
ICs which already have stars. — MUx/
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#endif

The notation for parameters in GASOLINE is b for boolean, 1 for integer and d for
double, with all boolean-variables being integers with values 0 or 1. The comments
pertaining to the above lines are self-explanatory. The ifdef defined here links
directly to the one mentioned in Appendix A.1 above.

The COOLPARTICLE object contains all of the cooling variables for working out the
abundances of ions within gas particles, and whether or not a Lyman-Werner (LW)
flux will affect the gas particle.

typedef struct CoolingParticleStruct {
FLOAT f_HLf Helf Hell; /+ Cooling—metals abundances of ions */
FLOAT f H2,f D,f HD; /+ Abundance of molecular ions add — MU %/
#ifdef RADIATIVEBOX
double  dLymanWerner; /x* Flux of Lyman Werner radiation for a particular gas
particle — MU x*/
#endif
} COOLPARTICLE;

The PERBARYON object has a similar structure to that of COOLPARTICLE, except
that it uses double types. There is no LW flux here, merely abundances, and variables
for molecular cooling were added.

The UVSPECTRUM object contains the photoionization rates for the various species
considered. The photoionization variables for Hy, D and HD were added.

The RATES_NO_T and RATES_T objects are very similar. RATES_NO _T contains
one temperature independent collisional ionization rate for each species. RATES_T
contains all the temperature dependent non-equilibrium rates associated with each
species (see Appendix B). Both of these objects use a custom variable type called
CL_RT_FLOAT, which is of type double. The RATES_T object is related to the RATES
object, which uses the double type for all the rates instead of the CL_RT_FLOAT
variable type. Molecular cooling variables were added to both RATES_T and RATES.

The COOL object contains all of the cooling data from COOLPARAM, but extends it to
include all of the cooling threshold values. The RADIATIVEBOX compilation option
was added once more, along with a variable related to LW radiation:

double dInitStarMass; /* Mass of star particle at formation time, Used when
calculating LW radiation — MU s/

The COOLDEBUG compilation option is added here to allow the interaction with all
the particle data by using a struct.
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The final additions are that each rate has its own function and each of these is
added in the header file.

A.2.2 The .c File

As in the header file, the beginning of this file declares all the constants which will
be used, along with all the appropriate headers and libraries. The following constants
were added:

#define CL_eH2 (4.476xCL_eV_erg) /+Energy lost during H2 dissociation, Shapira &
Kang (1987) through Abel 1997, page 194 — MU x/
#define CL_eHD (5.086+CL_eV_erg) /+Energy lost during HD dissociation Trevisan & Tennyson
(2002b) */
#define CL_eD (13.60«CL_eV_erg) /+ Energy lost during D dissociation — MU x/

which represent the energies lost during dissociation for these species, and are
converted from eVs to ergs.

Just a note on functions: functions beginning with COOL or Cool are private
functions, while functions beginning with c1 are public functions.

The CoolInit function initialises the integration for cooling. The size of the
derivatives array was increased from 4 to 7, to allow the tracking of the species Hy, D
and HD (in that order).

The CoolPERBARYONt oPARTICLE and CoolPARTICLEt oPERBARYON functions
calculate the abundances of species within a gas particle, based on the overall abun-
dances, and vice verse. Here, the abundances of Hy, D and HD are given in terms of
the total abundance of Hj.

Although we do not alter the cooling table, the reading of it is the next step. The
table is in XDR format. The various parameters given for the cooling table are defined
by local variables, followed by reading the various sections of the table into a local
3D array. This array is then called by various rates functions later on.

The c1InitUV function initializes the table for UV background, and has additional
variables added to it for the photoionization heating of Hy, D and HD.

The clInitRatesTable function initializes the RATES object, added in all the
rates which are independent of temperature first, followed by all of the non-equilibrium
rates which are temperature dependent. Both of these contain entries for Hy, D and
HD as additions. This function contains the option to have cubic interpolation turned
on. This sacrifices speed for a more accurate interpolation between the values con-
tained within the cooling table. In order to understand the significance of this, a brief
outline of a cooling table is given. Essentially, a cooling table contains a number of
columns. The first column is either redshift or scale factor, the second is rho, the
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third is temperature, and then the additional columns will each represent a single
species. For each redshift, density and temperature, the values in the other columns
represent the energies which are lost (or gained). The ordering of the redshift z is
from high to low values, while density and temperature are ordered from low to
high values. If the current time-step within a simulation is between two redshift (or
scale-factor), density and temperature values, the energy must be interpolated. Thus,
the two methods are linear and cubic interpolations, and linear is default. Because the
different methods are dealt with separately within c1InitRatesTable, the various
rates have to be inputted within each if statement, meaning they appear twice overall.

The clRatesTableError function checks that the table values are within the
thresholds, and that the errors are acceptable, particularly after interpolation. This
function was untouched in this work.

The c1RatesRedshift function contains all the information relating to the UV
heating of the various species, and the Compton cooling of the metal species. Once
more, interpolation is used for the UV values, allowing linear and logarithmic inter-
polation. The photoheating of Hy, D and HD were all added to this function, with D
following Hj, and HD following H.

The c1Rates function contains all of the rates which will be used in calculating the
net loss or gain of energy by each particle within the simulation. It too contains linear
and cubic interpolations. The Hy, D and HD species rates were all added, including
LW radiation and shielding (where appropriate).

The interpolating functions were not altered . They interpolate the rates and return
energy values, and can perform linear and cubic interpolations. The c1RateMetalTable
function was also untouched. It returns the energies associated with the metals found
in the cooling table constructed by CLOUDY.

The c1HeatTotal and c1CoolTotal functions are now deprecated, but rates for
H», D and HD were added to both of them anyway. c1HeatTotal returns the total
heating of the gas via interaction with a UV source as a single heating term. At high
redshifts, this will be zero. c1CoolTotal returns the total cooling via collisional,
dissociational and radiative processes. These are computed by adding together all of
these rates to form the cooling term, which is what is returned.

The next two functions are both useful for debugging. The firstis c1PrintCool
which outputs to the terminal all the cooling occurring at the current step of the
calculation within the simulation. This proves tricky when running on a cluster. The
second function is c1PrintCoolFile is more useful because it outputs everything
in c1PrintCool to a file written in the same directory as the simulation is being
run. This makes it extremely useful in checking for rates which could be causing
problems.



78 Appendix A. Cooling in the GASOLINE code

The c1Abunds function calculates the current abundances of all the species in the
clDerivs array (in this work it is the 7 species tracked explicitly). It then returns all
of the new abundances by updating the relevant object.

The clselfshield and clDustShield functions are implementations of the
Christensen et al., 2012. After these, every rate equation has its own function. These
are all temperature dependent. Included within these are line cooling, radiative
recombination and a low temperature approximation for metals, along with the
addition of LW radiation.

The c1EdotInstant_Table and clEdotInstant functions both return the net
energy loss or gain by subtracting all the cooling rates from the heating rates. The for-
mer contains interpolation where the latter does not. These replace the c1HeatTotal
and c1CoolTotal functions as they combine them both in one function.

The next function which was altered was c1Derivs. This calculates the derivatives
of each species which will be integrated at each time-step. These will alter the
abundances of the various species. They take the form:

AXspecies = Z(formation rates x abundances of each species involved)

— Y (destruction rates x abundances of each species involved) (A.2.1)

The minor species, such as H™, are tracked in a similar manner, but are not added to
an array and so are traced only within the current calculation by using the abundances
of the major species and the rates pertaining to the formation and destruction of the
minor species.

The clJacobn function is used to make sure that the derivatives which are cal-
culated match certain error tolerances and thresholds. H,, D and HD were added
here and were scaled, along with the rest of the species already implemented, so
that the overall abundances were never too high or too low. clSetyscale and
clIntegrateEnergy both have similar forms to c1Jacobn, and also check toler-
ances. The same additions were made to these functions.

The final functions link all of the above c1 functions together and then link them
to the external files. They were unaltered.

This concludes this Appendix. We have covered the compilation options needed to
turn on molecular cooling, and have then discussed all of the major functions needed
for molecular (and atomic) cooling.
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Chemical Network

This Appendix details all the rates which already exist within the GASOLINE code
and tabulates all the rates and where they come from (Table B.1). It also tabulates the
rates implemented in this work and where they come from (Table B.2). Within the
code, each rate is expressed as a function of temperature, and is called in the relevant
places (see Appendix A for details).
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ks = exp[—68.71040990
+43.933476331In (T)
—18.4806699 In(T)?
+4.70162649 In(T)3
—0.76924663 In(T)*
+8.113042 x 1072 x In(T)?
—5.32402063 x 1072 x In(T)°®
+1.97570531 x 10~*In(T)”
—3.16558106 x 107¢In(T)®] cm? s~

Continued on next page
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Table B.1 - continued from previous page

Reaction ‘ Rate ‘ Rate Equation Reference

ky = exp[—18.01849334273
+2.360852208681 In (T)
—0.2827443061704 In(T)?
+0.01623316639567 In(T)3
H +e” — H+2e” ky | —0.03365012031362999 In(T)* 2
+0.01178329782711 x In(T)>
—0.001656194699504 x In(T)®
+0.0001068275202678 In(T)”
—2.631285809207 x 10~°In(T)®] cm? s~!

H +H" —2H | ks |ks=7.0x10"% 1 »

ks = 7.982 x 10~/ [\/T x 0.563615
H"+e" — H+vy ke x (1 + /T x 0.563615)0252 3
X (14 VT x 1.192167 x 10-3)1748]

k9 = dex[10.3217
+0.749031 log (T)
—1.66439 log(T)?
+1.13114log(T)3
—0.45942010g(T)*
He*+e” —— He + 7y k; | +0.114337 x log(T)? 3
—0.0174612 x log(T)®
+0.00158680log(T)”
—7.86098 x 107> x log(T)®
+1.63398 x 107° x log(T)’]

cm? 571

kip = 1.9 x 1073 x T-15 4

+ -
He™ +e~ — He + v ks Xe—4.7><105><% x (1 +03x 679.4><104><%)

kip = 1.891 x 10719/ [/T x 0.326686
He™ +e” — He' +v | ko | x(14 /T x 0.326686)02476 3
X (14 VT x 6.004084 x 10~4)17524]

TABLE B.1: Already existing chemical network in GASOLINE. The references are listed
below.

2 dex(x) = 10*

1 Janev et al., 1987 through Abel et al., 1997

2 (Abel et al., 1997)

3 Verner and Ferland, 1996

4 Aldrovandi and Pequignot, 1973 through Black, 1981
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| Reaction

| Rate |

Rate Equation

| Reference |

H+es — H +¢v

k1o

ke = 1.429 x 10718

T0.762 y 70.1523xlog(T) y T—3.274x1072x (log(T))?
cm®s™t , T <6000 K

=3.802 x 10~ 1770 1998x1log(T) v

dex [4.0415 x 107° x (log(T))®
—5.447 x 1073 x x (log(T))4]
cm®s™! , T > 6000 K

H+H — Hy+e™

k7 = exp[—20.06913897587003
+0.2289800603272916 In (T)
+0.03599837721023835 In(T)?
—0.004555120027032095 In(T)?
—0.0003105115447124016 In(T)*
+0.0001073294010367247 x In(T)>
—8.36671960467864 x 107 x In(T)®
+2.238306228891639 x 10~ In(T)7|
cm?s71 T>01eV

=1428 x10 7 em3s™! , T<0.1eV

H2+H2—>H2+2H

k12

—3074.1881 54657.4
5.996x10-3T e

e T
(1.0+6.761x10-6T)>*%! !
53300

=13 x10"%" , LTE

ki =

H,+H—3H

ki3

kis = 6.67 x 10712 5 T05 5 o~ (1+5F2) ¢
439000

=352 x 10~ %~ , LTE

18
19

H2+H+—>H2++H

k14

k14 = [—3.3232183¢ —
+3.3735382¢ — 7 x log(T)
—1.4491368¢ — 7 x log(T)?
(T)°
(T)*
T)®
T)

+3.4172805¢ — 8 x log
—4.7813720e — 9 x log
+3.9731542¢ — 10 x log(
—1.8171411e — 11 x log(
(T)

+3.5311932¢ — 13 x log(T)"]e

6
21237 15

Hy+e™ —2H+e”

kis

kis = 4.49 x 1079T01— 7, —
534071

=1.19 x 107979136~ , LTE

D+H, — HD+H

kie

10 ,— 5207.0

ki =317 x 1071%~"1" , T > 2000 K
= dex|[—56.4737
+5.88886 x log(T)

+7.19692 x log(T)?
+2.25069 x log(T)?
—2.16903 x log(T)*
+0.317887 x log(T)°] , T <2000K 2

17

D"+H, — HD+H"

k17 = [0.417 + 0.846 log(T)
—0.137log(T)?] x 109

Continued on next page
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Table B.2 - continued from previous page

Reaction ‘ Rate ‘ Rate Equation

Reference

kis = 3.44 x 10719793 | T > 20000 K
H"+D — H+D" | kig | =2.0x 1071070402~ 331 x 10-177"48 |
T < 20000 K

10

H +D —H+D" | ki | k19 = 6.4 x 1077 (5555)"4 n
-8

D*+D” —> 2D koo | koo = = 17
+ 20 /I

33.0

kyy = 2.06 x 101070396, —

H+D" ——H"+D | &k
" i 2L 1 4903 x 107970332

10

H+D™ —H +D | kn | k=264 x10"7(5055)""

11

-8
H'+D™ —D+H | ky | ks =70
23 /ﬁ

17

kos = Lexp[—20.06913897587003
10.2289800603272916 In (T)
40.03599837721023835 In(T)?
—0.004555120027032095 In(T)?
—0.0003105115447124016 In(T)*
40.0001073294010367247 x In(T)>
—8.36671960467864 x 107° x In(T)°
+2.238306228891639 x 10~ In(T)7|
, T>01eV
=1428x10"° , T<0.1eV

H+D™ — HD+e” koa

| HD+H" — D" +H, | ka5 | ks = 1.1 x 10 %%

11 _ 44300 4 173900.0
kg =525 x 10 e T 7Y TS 200K

430.0

HD+H —D+H k
2 2 25251011 T <200K

12

‘ HD"+e” — H+D ‘ ka7 ‘k27:7.2><10—8T%

13

‘ HD"+H™ — H+HD ‘ kas ‘ kog = 1.5 % 1077(301(;.0>%

17

ko = 1.429 x 10718 x
70762 . 70.1523x1og(T) y T—3.274x1072x (log(T))?
em®s~! , T <6000 K
D+e” — D" +v koo | =3.802 x 10~ 17T0-1998xlog(T)
dex [4.0415 x 107> x (log(T))®
—5.447 x 1073 x (log(T))4]
cm®s™! , T > 6000 K

15

Continued on next page
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Table B.2 — continued from previous page

‘ Reaction ‘ Rate ‘ Rate Equation Reference

k3o = 10~ %exp[507.207
—370.8891n (T)
+104.8541In(T)?
—14.4192In(T)3
+0.971469 In(T)*
—0.0258076 x In(T)°] , T > 200K 16
= 10~exp[2.30202

—6.636971In (T)

+4.756191In(T)?

—1.39325In(T)?

+0.178259In(T)*

—0.00817097 x In(T)°] , T <200K

D+H—>HD+’}/ k30

D+H" —HD" +7 | ks | ks =39 x1019(555)'8 x e 17
kap = 7.982 x 10~ [/T x 0.563615

D'+e” —D+9 ks | x(1+ VT x 0.563615)02>2 14
x (1+ VT x 1.192167 x 1073)1748]

| D'+H—HD"+v | ks | ks =39x10"(5055)"8 x ¥ 17

TABLE B.2: Molecular Chemical Network added to GASOLINE.

2 dex(x) = 10*

2 (Abel et al., 1997)

5 Martin, Keogh, and Mandy, 1998 through Glover and Abel, 2008
¢ Shapiro and Kang, 1987 through Glover and Abel, 2008

7 Savin et al., 2004 through Glover and Abel, 2008

8 Trevisan and Tennyson, 2002a through Glover and Abel, 2008
9 Gerlich, 1982 through Glover and Abel, 2008

10 5avin, 2002 through Glover and Abel, 2008

1 Dalgarno and McDowell, 1956 through Glover and Abel, 2008
12 ghavitt, 1959 through Glover and Abel, 2008

13 Stromholm et al., 1995 through Glover and Abel, 2008

14 Ferland et al., 1992 through Glover and Abel, 2008

15 Wishart, 1979 through Glover and Abel, 2008

16 Dickinson, 2005 through Glover and Abel, 2008

17 Glover and Abel, 2008

18 Mac Low and Shull, 1986 through Glover and Abel, 2008

19 Lepp and Shull, 1983 through Glover and Abel, 2008
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