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Abstract

Extragalactic background light (EBL) is the integrated light from

all resolved and unresolved extragalactic sources since the recom-

bination era. Its spectrum extends from infrared to ultraviolet

(0.001−10 eV). Due to the expansion of the Universe photons emit-

ted from early structures, that are not observable yet individually

with the current technology, are redshifted to longer wavelengths

in the EBL regime. These photons, therefore, carry a wealth of

information about the formation and evolution of the Universe.

Studying these photons is crucial in understanding the different

stages the Universe went through. In addition, low energy EBL

photons play a significant role in the propagation of the very high

energy γ-ray photons from extragalactic sources. Where they in-

teract with the γ-ray producing electron-positron pair, thereby at-

tenuating the γ-ray photons. This attenuation can be observed as

a steepening in the index of the VHE spectrum of the extragalactic

γ-ray sources such as Blazars. The main focus of this thesis is to

study the EBL fluctuation in the Universe and its impact on the

VHE γ-ray spectrum.

The EBL fluctuations is investigated in three different ways. First,

we study the spatial fluctuations in the Universe analytically (Ku-

doda & Faltenbacher, 2017). This was done through computing

the fluctuations in the star formation rate (SFR) using the millen-

nium simulation run 7 (MR7) galaxy catalogue. Then using the

fluctuations in the SFR, we set upper and lower limits for the EBL

following a forward EBL modelling approach. Our results show

±50% SFR fluctuation around the mean with a small (±1%) effect

on the EBL. The fluctuations in the EBL, however, lead to ±10%

variation in the γ-ray transmissivity in extreme cases, while its im-

pact on the spectral index Γ of the VHE tail of the γ-ray spectrum

is ±1%.



Second, we investigate the fluctuations of the EBL in the γ-ray

path from cosmological sources such as Blazars. In this part of the

study we model the γ-ray path using a light cone. We develop a

hybrid model of the EBL, where we combine the previous analytic

model (Kudoda & Faltenbacher, 2017) with a numerical approach.

By simulating the γ-ray path between z = 0 and z = 0.5 as cylin-

der with a radius of 50 Mpc (Kudoda & Faltenbacher, 2018). In

this approach we divide the EBL in two parts: local (within the

50 Mpc) and homogeneous background. This was done to study

and evaluate the impact of the presence of large scale structures

along the γ-ray path. One order of magnitude fluctuation in the

local EBL density is confirmed. However, in the total EBL this

work is in agreement with our previous work (±1% fluctuation).

In addition, we investigate the situation when the γ-ray encounter

a galaxy in its path. We find the presence of a galaxy with stellar

masses of M > 1011 M� will have a significant effect on the γ-ray

absorption, thus, the spectral index of the VHE sources.

In the last part of this thesis we investigate the correlation between

the power spectra of the EBL and the underlying matter (dark

matter) distribution. This investigation was done by computing the

power spectrum for the bolometric intensity of the EBL, and derive

the bias between the two power spectra. If the EBL distribution

is absolutely homogeneous, one expects the power spectrum to be

flat. We confirm that the amplitude of the EBL fluctuations in

general is small compared to the corresponding fluctuations in the

matter distribution. However, on the scale of superclusters and

voids (> 100 Mpc), it is more than two orders of magnitudes higher

than small scales (< 10 Mpc). This is owing to the 1/r2 profile

of the light distribution about point sources (i.e. galaxies), that

flushes out the small fluctuations amplitudes.
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Chapter 1

INTRODUCTION

When we look at the night sky, we wonder why celestial bodies appear as they

do. This mystery has been studied for millennia as humanity tried to paint

a consistent picture of the Universe. One of the oldest cosmological simple

questions that can help us understand an important basic property of the

universe is the question raised by the German astronomer Heinrich Wilhelm

Olbers. The question is commonly known as Olbers’ Paradox and is stated

simply: Why is the night sky dark? Olbers argument was as follows: if the

Universe is full of stars and infinite in size and age, then the light from these

stars should have enough time to reach us and the sky should be infinitely

bright day and night (e.g. Albrecht Unsöld, 2002). Olbers paradox challenges

the conjecture that the Universe is static, infinite and homogeneous. This

paradox plays an important role in the history of cosmology. While we now

have answers for Olber’s Paradox, it took us a long time to understand the

nature of the Universe and solve this paradox.

A dramatic revolution in our understanding of the Universe happened in

the last century when Edwin Hubble discovered that the Universe is expanding,

providing observational confirmation for George Lemâitre’s theory, who was

the first to propose an expanding model for the universe (Lemâıtre, 1927;

Hubble, 1929; Lemâıtre, 1931). This discovery led to the development of the

current standard model for the Universe called the ‘Big Bang’ model. The

Big Bang model states that the Universe has expanded from an initially hot,

smooth and dense state to its current cool, clumpy and low-density state, and

that the expansion is ongoing.

Using experiments and observations, scientists are now able to explain how

the Universe gained its current shape following the Big Bang. It was only

about 400, 000 years after the Big Bang that the universe has cooled enough
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for light to be able to pass through (e.g. MacCallum, 2012). This primeval

light has had its wavelengths stretched due to the expansion of the Universe,

and can now be observed as a specific background radiation, namely, cosmic

microwave background radiation (CMB). However, after this point, the Uni-

verse underwent the ‘dark ages’ until the formation of the first structures a

few hundred million years later. The formation of structure in the universe

represents a crucial transition in the evolution of the universe from its ini-

tial state to the state observed today. The earliest structures are believed to

have formed from the growth of (linear) density perturbations generated by

quantum fluctuations in the early Universe. The relic radiation of structure

formation processes is believed to be captured as the second strongest back-

ground radiation after CMB: extragalactic background light (EBL). The EBL

encodes all the energy released from all stars and galaxies since the formation

of the first stars. However, many details of this epoch are still unclear, be-

cause direct observation is beyond the sensitivities of instruments, even with

the current most powerful instruments.

The Big Bang model provided a satisfactory solution for Olbers’ paradox

by introducing a finite age of the Universe, which implies that photons from

very distant sources do not have sufficient time to reach the Earth. The night

sky in fact is not completely dark, it is brightened by several sources. In

addition to the stars in the Milky Way the sky is filled with diffuse extragalactic

background radiation fields across the entire electromagnetic spectrum, which

include the CMB and EBL. While Olbers was mainly concerned with the

optical darkness of the sky, in recent years we have discovered that the Universe

is full of blazing sources of light even at highest energies (γ-ray). γ-ray sources

provide an excellent laboratory to study and test fundamental physics through

the most energetic processes in the Universe. On their own, γ-ray photons also

interact with the EBL on their way to the observer.

In this thesis we will focus on the consequences of this interaction and the

impact of the variation in EBL densities on the γ-ray path. Since the EBL is

the remnant of the thermal and nuclear processes that accompanied structure

formation and evolution, the interaction with the γ-ray photons provides an

additional link between high energy astrophysics and structure formation and

evolution in the Universe.

In the following sections we will layout some of the basic concepts of stan-

dard cosmology leading to structure formation, and provide brief descriptions
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of the observed diffuse background light at different wavelengths before moving

onto the EBL and γ-ray astrophysics in the next chapter.

1.1 COSMOLOGICAL FRAMEWORK

In the late 1920s George Lemâitre proposed a theoretical model of an expand-

ing Universe, which was observationally confirmed by Edwin Hubble three

years later. This discovery revealed that galaxies are moving away from us

with a velocity (v) that is proportional to their distance (d), which is tra-

ditionally known as Hubble’s law (Lemâıtre, 1927; Hubble, 1929; Lemâıtre,

1931):

v = H0d, (1.1)

where H0 ∼ 70 km s−2Mpc−1 is the Hubble constant. This relation implies

that the Universe began from a single point, which we now think is 14 billion

years ago. One of the most important theories in cosmology is the Theory

of General Relativity (GR) formulated by Albert Einstein in 1915 (Einstein,

1915). This theory describes the gravitational force as a curvature of space-

time. Combining GR with the cosmological principle (i.e. the Universe is

homogeneous and isotropic on cosmological scales) offers a framework that

describes the Universe as a whole. Our understanding of the Universe through

general relativity is based on the solutions of Einstein’s field equation, which

relate matter/energy and geometry:

Gµν ≡ Rµν −
1

2
Rgµν =

8πG

c4
Tµν , (1.2)

where Gµν is the Einstein tensor, Rµν , R, Tµν and G are the Ricci curvature

tensor, Ricci scalar, the energy-momentum tensor and Newton gravitational

constant, respectively. In a homogeneous and isotropic Universe the proper

interval between two points can be written in the form of the Freidmann-

Lemâitre-Robertson-Walker (FLRW) metric (Friedmann, 1922):

ds2 = −dt2 + a2(t)

[
dr2

1− kr2
+ r2(dθ2 + sin2 θdφ2)

]
, (1.3)

where a(t) = R(t)/R is the scale factor, it is the ratio between the distance

scaled at the time t, R(t), to the distance scaled at the present time R0. The

scale factor characterizes the relative size of a volume element as a function of
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time. r, θ and φ are spherical coordinates and k is a constant parametrizing

the curvature of the Universe, with three possible values: k = 1 for a closed

universe where the expansion stops and the universe will collapse; k = 0 is for a

flat universe where the universe will expand forever at a decreasing rate; k=-1

for an open universe where it expands forever. It is necessary to determine the

scale factor in order to describe the evolution of the universe completely. Fol-

lowing the cosmological principle Freidmann solved the Einstein field equation

and obtained a set of two equations. The first equation relates the curvature

and the energy density of the Universe with time derivative of the scale factor

ȧ (Weinberg, 1972):

H2(t) =

(
ȧ

a

)2

=
8πG

3
ρ− kc2

a2
+

Λc2

3
, (1.4)

where ρ is the energy density and Λ is the cosmological constant that repre-

sents the vacuum energy. The second equation relates the energy density, the

curvature and pressure p to the acceleration of the expansion, ä (second time

derivative of the scale factor):

ä

a
= −4πG

3

(
ρ+

3p

c2

)
+

Λc2

3
. (1.5)

The total energy density parameter ρ consists of contributions from three

components: vacuum energy density or cosmological constant (ρΛ), matter

density (both luminous and dark matter, ρm) and radiation energy density

(ρr). This can be written in a more convenient form using the dimensionless

notation:

Ω = Ωra
−4 + Ωma

−3 + ΩΛ, (1.6)

where (Ωm, Ωr , ΩΛ) are the dimensionless matter, radiation and dark energy

densities, respectively, and Ω = ρ/ρcrit is the total energy density1. Fig. 1.1

shows the percentages of the different densities at the present time.

The expansion of the Universe impacts observational quantities in many

ways. For example, the emitted frequency of a photon from a distant object is

shifted to lower frequency, because light waves stretch with the cosmic expan-

sion where all objects are moving farther from each other. This shift in waves

1ρcrit = 3H3/8πG is the critical density, which is the density that is required to keep the
Universe flat.
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Figure 1.1: The percentages of the energy density at z = 0 and the abundance
of the elements in the Universe (Planck Collaboration et al., 2014b).

is called redshift and it is related to the scale factor by:

1 + z =
λo

λe

=
a0

a
, (1.7)

where λo and λe are the observed and emitted wavelengths, respectively. The

equation that relates the contribution from each component and scale factor

of the universe is:

H(z) = H0[(1 + z)4Ωr + (1 + z)3Ωm + (1 + z)2Ωk + ΩΛ]1/2, (1.8)

where Ωk ≡ −k/H2
0 represents the curvature. In an expanding Universe it is

important to differentiate between the comoving distances (DC), which refers

to the distance between two points measured by a ruler at the time of the

observation, and the luminosity distance (DL), the distance that light travel

in an expanding universe:

DL ≡
√

L

4πS
, (1.9)

where L and S are the bolometric luminosity2 and flux, respectively. We can

write the relation between the DL and DC as (e.g. Hogg, 1999):

DL = (1 + z)DC , (1.10)

2bolometric luminosity: is the energy per time, bolometric means the radiant energy over
a wide wavelength band
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The FRW metric together with the density parameters (ΩM,Λ,r,k) and the

Hubble parameter H are the basis of the current structure formation model

known as lambda cold dark matter (ΛCDM) model. The ΛCDM model pro-

vides a good description of the origin of the Universe that is consistent with

cosmological observations. In the following section we will give a description

of structure formation from the ΛCDM point of view.

1.2 ΛCDM STRUCTURE FORMATION

The cosmological principle discussed above only applies on large scales, how-

ever, on small scales matter tend to cluster. In order for matter to clump and

later form structure in a homogeneous universe, small perturbation is required.

In the following we will discuss the initial conditions that led to structure for-

mation.

1.2.1 Initial conditions

It is believed that the first structures arose due to perturbations as a result of

quantum fluctuations that were dominant at the early Universe. As a result of

these perturbations small, over-dense regions emerge and over time evolve by

accumulating more matter due to gravitational force. When the amplitude of

the perturbation reaches a certain density contrast (∼ 1), the over-dense re-

gions will detach form the expansion and collapse. Density perturbations and

gravitational instabilities are believed to be the seeds for large scale structure.

The properties of these gravitational instabilities and the consecutive struc-

tures formations are mainly dependent on the choice of cosmological model

(Mo et al., 2010).

The initial perturbations in the ΛCDM universe consist of collisionless dark

matter and baryonic matter (gas). The dark matter that was formed in the

over-dense regions collapse and relax, forming a dark matter halo (Mo et al.,

2010). While the gas falling into a dark matter halo shocks to a virial temper-

ature3 and slowly cools into hydrostatic equilibrium inside the gravitational

potential well formed by the dark matter halo.

Cooling is an important process in galaxy formation, and depends on the

density and temperature of the gas. Several mechanisms can be responsible

for cooling the gas (e.g. radiative cooling processes). If the cooling time is

3Tvir = (µmp/2kB)V 2
vir where µ is the mean molecular weight http://iopscience.iop.

org/article/10.1086/523623/fulltext/71240.text.html
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short, the gas will decouple from the dark matter halo and fall into the centre

of the halo and form a ‘protogalaxy’ at the centre of the halo before it reaches

hydrostatic equilibrium. During the cooling process, the angular momentum

of the gas and halo may be conserved, causing the gas to spin up as it falls

onto the centre of the halo. This infalling gas then forms a cold disk or a disk

galaxy while settling into centrifugal equilibrium (e.g. Mo et al., 2010).

1.2.2 Galaxy formation

Galaxies are the fundamental visible components of the large scale structure

that reveal the underlying distribution of gravitational matter in the Universe.

From the previous discussion we know that the Universe started with a very

dense and almost uniform state with tiny fluctuations that grow with time via

gravitational attraction, and eventually form a galaxy. The first galaxies are

believed to have formed around 13 billion years ago (e.g. FRAS, 2007).

As mentioned earlier in Section 1.2.1, the structure of a galaxy depends on

the angular momentum and cooling time of the gas cloud. While clouds with

higher angular momentum form a disc structure, clouds with lower angular

momentum form a spheroidal shape (elliptical shape) (Fall & Efstathiou, 1980).

The atoms in these clouds interact through collisions and eventually collapse

to the centre by the emission of photons and thus radiates energy away. The

dark matter component does not interact in this manner and keeps orbiting

in the halo and does not collapse. In principle it should be possible to observe

the photons emitted by the first galaxies. However, these photons are very

faint and distant, so we have not yet been able to detect them. The galaxies

that we observe are the result of the evolution of these protoglaxies.

In order to verify the theory of galaxy formation and evolution, we need to

understand the properties of galaxies at different evolutionary epochs. There

are many internal and external factors that affect the properties of galaxies

at different epochs. Among the internal factors are physical processes related

to the baryonic matter composition, such as the expulsion of gas and metals

due to activities related to star formation and black hole growth (i.e. feedback

processes) Mo et al. (2010). External factors such as merger (e.g., Toomre &

Toomre, 1972; Conselice, 2003), galaxy harassment (e.g., Moore et al., 1996)

and striping (tidal and ram pressure) (e.g., Spitzer & Baade, 1951; Gunn &

Gott, 1972) also affect the gas content and morphology of galaxies. There

are different types of galaxies ranging form dwarf to giant elliptical depending

on their morphology and stellar content. Furthermore, galaxies are commonly

7



found in groups of various sizes (small groups and clusters) (Sepp & Gramann,

2013).

There are may uncertainties in the models of galaxy formation and evo-

lution. As primordial fluctuations become non-linear, analytical descriptions

of structure formations become much more complicated with lesser predictive

power. Therefore, it is necessary to simulate the non-linear phase of structure

formation given by different models.

Simulations There are many algorithms that simulate the cosmic evolution

and predict galaxy formation. Two physically motivated approaches that have

been used to simulate structure formation are: hydrodynamical simulations

and semi-analytical models. The hydrodynamical simulations start by set-

ting up the initial density fields for the baryonic and the dark matter and

track their evolution and interaction through cosmic time (e.g. Cen & Os-

triker, 1993; Springel & Hernquist, 2002). Although they are very successful

in predicting observation, they could be computationally expensive because of

the calculations involved in solving all non-linear equations of hydrodynam-

ics, gravity, etc. simultaneously. The second approach is the semi-analytic

models (SAMs) (e.g. Kauffmann et al., 1993; Cole et al., 1994; Kauffmann

et al., 1999; Cole et al., 2000; Somerville et al., 2001). SAMs are built on dark

matter simulations, which are very inexpensive to run. SAMs model mass ac-

cretion history of the dark matter halo by ‘merger trees’. By using physically

motivated recipes for gas cooling, star formation, chemical enrichment and

feedback from black holes and supernova, SAMs reproduce most of the galaxy

properties. SAMs do not have an explicit dynamic range 4, so they are pow-

erful to produce the average and global quantities. One can use the outcome

of the simulation together with the stellar population synthesis to compute

the spectrum of the galaxies. The predictions of SAM have been shown to be

in-line with observations particularly in the UV-optical regime, making these

models crucial in understanding galaxy foWe can talk in one hour 23.00 my

time on whatsapp rmation. However, SAMs have difficulties in modelling the

photons absorption and re-emission (the infra red region) by the dust. This is

due to the fact that the dust emission depends on many factors including the

4Numerical simulations have an explicit dynamic range that is set by the simulation
volume and resolution that is set by the cell size. While they are limited to these scales,
they are able to study into details the local fluctuations and environmental dependencies that
SAM isn’t able to capture due to the lack of such confined volume with detailed processes
on different scales Somerville & Primack (1999).
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geometry and composition. Also, SAMs cannot track the internal structure

of the galaxies and their morphology. One way to tackle these issues, is to

combine the prediction from SAM with radiative transfer codes that numeri-

cally solve the absorption and re-emission issue (Granato et al., 2000; Baugh

et al., 2005; Fontanot et al., 2007). The disadvantage of this method is that

it uses a simplified geometry for the different types of galaxies. In particular,

the luminous and ultra-luminous IR galaxy, like objects that are known to be

merger systems are not well modelled. Furthermore, many free parameters

in the model must be fine-tuned to fit the observation, which may vary with

evolution of the galaxies over time.

An alternative approach to treat the dust emission is to estimate the

star light fraction that is absorbed by the dust either analytically or semi-

analytically, at each galaxy in the simulation. This can be done based on

stellar metallicity, stellar populations and geometry of every galaxy. There are

many approaches to this treatment. For example one might assume that the

column density of the metals in the gas phase is proportional to the optical

depth in the face-on V or B-band of the dust in the disk, and the inclination

of the disk modelled using a simple slab model that assume that the stars and

dust are uniformly distributed, and the dependence of the wavelength can be

calculated by a fixed attenuation law (e.g. the attenuation law by Calzetti

et al. (2000) of the Milky Way or that of the starburst galaxy) (Guiderdoni

& Rocca-Volmerange, 1987; Lacey et al., 1993; Guiderdoni et al., 1998; Kauff-

mann et al., 1999; Somerville & Primack, 1999; Devriendt & Guiderdoni, 2000).

De Lucia & Blaizot (2007) used two models, the first is a slab model for the

‘cirrus’ component5 and Charlot & Fall (2000) model for the younger stars.

Fontanot et al. (2009) after testing a different analytic approaches with a full

radiative transfer code concluded that there are a good agreement between the

SAMs model that treat the dust analytically with the full radiative transfer in

most of the properties, such as luminosity functions with less computational

power. Moreover, one can use the observational data to constrain the amount

of the energy absorbed and then remitted by the dust. This can be done by

using the calibrated spectral energy distributions (SEDs) template to evaluate

the wavelength dependence in the dust emission (Devriendt et al., 1999; Chary

& Elbaz, 2001; Dale & Helou, 2002; Lagache et al., 2004; Rieke et al., 2009).

5Galactic cirrus clouds are thin and wispy clouds that surround Milky Way, partially
block and confuse our extragalactic view.
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1.2.3 Star formation

Star formation begins when the gas in the dark matter halo cools down colli-

sionally and collapses gravitationally. As it collapses the gas cloud will frag-

ment into small pieces and form stars. There are two widely accepted modes

of star formation: the quiescent mode and the starburst mode. The quiescent

mode describes the formation in an isolated and rotationally supported disk,

with a fixed critical surface density above which the stars will form (Kennicutt,

1998). In the starburst mode stars are formed in relativity small regions (‘star-

bursting’ regions) in an episodic manner. In this mode the star formation is

triggered by dynamic instabilities and interactions (merger) (Somerville et al.,

2008).

The details of the processes involved in star formation are not clearly un-

derstood. A key ingredient in the star formation processes that is still unclear

is the initial mass function (IMF). The IMF describes the distribution of mass

between stars born at the same epoch, and plays an essential role in the deter-

mination of the relative importance of two star formation modes (e.g. Salpeter,

1955; Miller & Scalo, 1979).

Despite the incomplete understanding of stellar formation, stellar evolution

is fairly well understood. Stars are big nuclear reactors, which convert lighter

elements to heavier elements at their core through nuclear fusion.

The evolution of stars can be described by their positions on a graph known

as the Hertzsprung-Russell (HR) diagram. The HR diagram shows that when

the luminosity of stars are plotted against their temperature, the stars tend

to fall into different groups in different regions of the diagram. Stars with

common properties share the same region (see Fig. 1.2). As stars evolve (the

temperature and luminosity of the stars changes) over time, their positions on

the HR diagram change. Measuring the properties of stars at different regions

of the HR diagram allows us to determine their age, mass and metallicity,

which in turn tell us about the star formation history of a galaxy.

Taking a given IMF and the known evolutionary tracks, we can predict the

spectrum of the stellar population by adding the individual spectra of the stars

(stellar population synthesis). Using evolutionary tracks models (e.g., Eggleton

et al., 1989) the spectrum of the population at any time can be obtained.

By superpositioning the spectra of different stellar populations in a galaxy

we can compute its overall spectrum. There are different stellar population

spectrum libraries that provide spectra for different metallicities and ages (e.g.,
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Figure 1.2: The Hertzsprung-Russell (HR) diagram, illustrates the evolution
of the stars. Most stars, like our Sun, are found on the main sequence. The
main sequence evolve in the diagonal from bottom right (low temperature,
red stars) to top left (high temperature, blue-white) of the diagram. Sun-like
stars evolve into red giants located at the top right of the diagram, burning
helium. Supergiants, which are very rare and luminous, are located above the
giants. White dwarf stars, which are faint and hot, are found in the lower left
of the diagram. Figure taken from: https://ase.tufts.edu/cosmos/view_

picture.asp?id=1404.
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Bruzual & Charlot, 2003; Maraston, 2005). The simplest galaxy spectrum can

be obtained by assuming a single stellar population (SSP).

1.3 DIFFUSE EXTRAGALACTIC BACKGROUND RA-
DIATION FIELDS

The diffuse extragalactic background radiation (hereafter DEBRA) is the dif-

fuse radiation which originated outside of the Milky Way, that fills the universe.

The DEBRA has an extended spectrum that ranges from 10−7 eV to 100 GeV

(Hauser & Dwek, 2001). The DEBRA provides a unique window to study fun-

damental concepts in cosmology and astrophysics, because of the information

that is embedded in it. The DEBRA is also a very important tool to test and

verify the theories about the origin and evolution of the Universe. There are

two possible origins for the DEBRA: from resolved point sources or from a

diffuse emission mechanisms. The DEBRA may also originate from a combi-

nation of the two mechanisms. Fig. 1.3 shows a schematic representation of

the entire DEBRA spectrum in units of intensity (the data in this figure were

taken form Hauser & Dwek (2001)).

Determining the DEBRA is challenging as it requires a careful accounting

of the foreground Galactic diffuse emission and the emission from our solar

system (Hauser & Dwek, 2001). In addition, we need to understand and model

the different emission mechanisms at different parts of the spectrum.

To clearly identify the origin of the DEBRA, detailed observations and

modelling of all the possible radiative processes (point or extended sources) in

the sky is needed. This process mostly depends on the telescope and detector

capabilities and technology. If the DEBRA is due to unresolved point sources,

higher angular resolution telescopes are needed to resolve the larger number

of point sources that possibly contribute to the DEBRA. On the other hand if

the DEBRA is of diffuse origin, a precise DEBRA spectrum is needed to reveal

the physical process involved in its production.

Another important aspect in DEBRA study is the intensity and angular

fluctuations in its spectrum. Small or large scale fluctuations detections can

be used to verify its cosmological origin. Large isotropy can indicate cosmo-

logical origin (e.g. CMB) and can be used to disentangle the DEBRA from the

galactic diffuse emission (e.g. Hauser & Dwek, 2001). In addition, the angular

fluctuations in the spectrum can be compared with the angular fluctuations

in the observed sky map or the expected different sources. This will help us

determine the contribution of the DEBRA from different sources of radiation.
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Figure 1.3: The top panel shows the different energy ranges in the electro-
magnetic spectrum, the middle panel show the Earth’s atmosphere opacity at
different wavelengths. The bottom panel is a representation of the DEBRA
showing the intensity different in each part of the spectrum. The blue line is
the extragalactic γ-ray background EGB, the green is the diffuse X-ray back-
ground (CXB), the red and cyan represent the EBL spectrum, the CMB is
in magenta, the cosmic radio background (CRB) is in yellow. The data for
these lines are taken form Hauser & Dwek (2001) using WebPlotDigitizer 3.8.
https://apps.automeris.io/wpd/
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In the following sections we will provide brief descriptions of the different

DEBRA spectrum regimes starting form the highest energy. We will further

discuss the EBL (comprising of the diffuse Ultraviolet, optical and Infra-red

extragalactic background) in the next chapter.

1.3.1 The cosmic γ-rays background

The Cosmic γ-ray background (CGB) is observed in the highest energy regime

of the DEBRA above 0.1 GeV. Since the Stratosphere is completely opaque in

this regime, it is observationally the most challenging part of the DEBRA, and

it can only be observed using high-altitude balloons or from space.

Recent observations suggest that the CGB spectrum is a superposition

of unresolved extragalactic point sources and diffuse emission mechanisms.

Observations by Fermi-LAT shown that the CGB between 0.1 − 820 GeV is

well represented by a power law with a cut-off above ∼ 300 GeV (Ackermann

et al., 2015), see Fig. 1.4. The main contribution to the CGB may come

from unresolved AGNs (Fermi LAT Collaboration, 2010), star-forming galaxies

(Fields et al., 2010) plus γ-ray bursts. Millisecond pulsars are believed to have

a small contribution to the CGB (Siegal-Gaskins et al., 2011). On the other

hand, emissions from dark matter annihilation (Pieri et al., 2008) and from

interaction of very high energy cosmic rays with other parts of the DEBRA

spectrum could account for the diffuse origin. Other emission mechanisms are

discussed in Dermer (2007).

1.3.2 The cosmic X-ray background

The cosmic X-ray background (CXB) was discovered in a rocket experiment

designed to study the X-ray fluorescence from the moon (Giacconi et al., 1962).

The realization of the extragalactic origin of the CXB came from the high

isotropy in all direction of the sky. The CXB energy range starts at 0.1 keV and

extends up to 511 keV, however, its commonly grouped into two sub-regions:

soft X-ray < 1 keV, and hard X-ray > 1 keV.

Deep surveys in the X-ray such as Chandra and XMM-Newton have shown

that all CXB less than ∼ 2 keV originate from AGNs emissions that con-

tain super-massive black holes (Giacconi et al., 2002; Alexander et al., 2003;

Hasinger, 2004). However, about 50% of the CXB at higher energies (∼ 6 keV)

are still unresolved (Worsley et al., 2005). Possible contributors to the unre-

solved part of the CXB could be from the emissions by undetected populations
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Figure 1.4: The measured intensity of the Cosmic γ-ray background (isotropic
γ-ray background (IGRB) plus intensity of detected sources) by Fermi-LAT.
The figure was adopted from Ackermann et al. (2015).

of highly absorbed AGNs (e.g. Zamorani, 1995; Schmidt et al., 1998). Other

possible contributions might come from hot gas in galaxy clusters, supernova

remnants, and massive X-ray binary systems. Fig. 1.5 shows a combination

of observations of the CXB from different instruments.

1.3.3 The diffuse ultraviolet, optical and infra-red back-

grounds

The ultraviolet spectral range extends from 0.001µm to 0.3µm. The Ozone

layer (at ∼ 30 km above the sea level) absorbs all the energy below 0.285µm,

so the atmosphere of Earth is opaque in this region. Observation of the diffuse

ultraviolet background (DUB) must be conducted from the space. Although

the intensity of the zodiacal light6 becomes considerably small in the ultraviolet

regime, the Earth’s atmosphere absorbs DUB below 912 Å due to the Lyman

limit of neutral Hydrogen. Therefore, direct measurements of the DUB below

this limit are impossible (Hauser & Dwek, 2001).

The diffuse optical background (DOB) spectrum covers the wavelength

range from 300µm up to 1000µm. Although observation of this part of the

DEBRA is the oldest in the history of astronomy, the CXB was the first DE-

BRA to be detected. Due to the strong foreground that consist the zodiacal

6Zodiacal light: refers to sunlight that has been scattered by the interplanetary dust.
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Figure 1.5: The diffuse X-ray background measurements, the red dashed line
represents the best fit between 2 keV and 2 MeV. The figure was adopted from
Ajello et al. (2008).

light, airglow7, bright stars and the diffuse emission from our Galaxy, direct

measurements of the DOB is extremely difficult (Hauser & Dwek, 2001).

The cosmic infra-red background (CIB) spectrum lies between 1µm and

400µm. This part of the DEBRA is of great importance in cosmology as it

is believed to be the accumulated emission form the earliest structures and

galaxies. This makes CIB observations an important tool for probing the very

early universe (Bond et al., 1986; Hauser, 1995; Lonsdale, 1995). The CIB

is generally divided into three subranges: near infra-red from 1 − 5µm, mid

infra-red from 5− 50µm and far infra-red 50− 400µm.

The CIB together with the DUB and DOB radiations form what is conven-

tionally known as the EBL. The EBL is an important tool used to constrain the

gas, dust and metal content of the Universe. It also provides important con-

straints on the integrated cosmological star formation history of the universe

(Dwek & et al., 1998), see the next chapter for more details.

7Airglow: is a faint emission from the Earth atmosphere, that is caused by the recombi-
nation of atoms that are ionized by the Sun light or cosmic rays, in addition to the chemi-
luminescence interaction between of Oxygen and Nitrogen with hydroxy ions (e.g. Roach &
Gordon, 1973).
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1.3.4 The cosmic microwave background

The cosmic microwave background (CMB) was serendipitously discovered by

Arno Penzias and Robert Wilson in 1965 (Dicke et al., 1965). Their discovery

was a milestone in cosmology and a puzzle piece that perfectly fit the story

of the Big Bang theory. The CMB is the brightest component of the DE-

BRA, and has the most perfect blackbody-like spectrum observed in nature,

at a temperature of ∼ 3 K. The intensity of the spectrum peaks at ∼ 1.0 mm,

where the atmospheric emission makes accurate measurements of the CMB

from the ground impossible. Therefore, studies of the CMB spectrum are

done using space satellite missions. The first mission dedicated to study the

CMB spectrum was the Cosmic Background Explorer (COBE) in 1989, which

measured the radiation spectrum between 1µm and 1 cm over the whole Sky.

COBE revealed a blackbody spectrum at 2.725 K with very small anisotropies

(in the order of 10−5K), mimicking the prediction of thermal variations pro-

duced by the quantum fluctuations expected from matter in a small volume

that had expanded into the size of the current Universe. The Wilkinson Mi-

crowave Anisotropy Probe (WMAP) mission in 2001 and the Planck mission

in 2009 followed COBE. Fig. 1.6 and 1.7 shows the measured CMB spectrum

by COBE and power spectrum of the CMB as measured by Planck (Planck

Collaboration et al., 2014a).

1.3.5 The cosmic radio background

The history of radio astronomy started in the third decade of the 20th century

when Karl G. Jansky discovered that the Milky Way had radio emissions. The

Cosmic Radio Background (CRB) is found in the lowest energy band of the

DEBRA where wavelengths range above 1 m. The CRB spectrum shape was

first determined by Clark et al. (1970).

Synchrotron emission from the Milky Way dominants measurements of the

CRB. To overcome this challenge and separate the CRB from the synchrotron

emission, one may map the sky in different wavelengths, assuming that fore-

ground emission has the same spectrum shape in all directions and extract the

the intensity of the CRB. Observation shows that above 10 M Hz CRB spec-

trum is steeper than the galactic synchrotron spectrum (Longair, 1995), and

can be fitted using a power law with a clear cut off below ∼ 4 M Hz. The cut

off is due to synchrotron self-absorption in the resolved sources (Simon, 1977).
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Figure 1.6: The spectrum of the CMB observed by the COBE-FIRAS instru-
ment, showing its perfect blackbody shape at T = 2.725± 0.001 K . Figure is
replotted from (Bartelmann, 2008).

Figure 1.7: The CMB angular power spectrum as seen by Planck. The red
dots with the error bars represents the data points and the green line is ΛCDM
theoretical model fit. The green shaded area represents the cosmic variance.
The position of the first peak reflects the geometry of the Universe, while the
second and third peaks provide information about the matter content in the
Universe. Figure taken from (Planck Collaboration et al., 2014a).
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Figure 1.8: Total radio emission spectrum observed close to the north galactic
pole. The solid line represents the CRB as estimated by Simon (1977) and
Peacock (1995). While the filled triangles and filled squares are from Pur-
ton (1966); Bridle (1967), respectively, the filled and open circles are from
Alexander et al. (1969). The figure is adopted from (Weidenspointner, 1999).

Fig. 1.8 shows the spectrum of the CRB together with the total radio back-

ground measured at the north galactic pole. The intensity of the CRB is the

superposition of extragalactic radio sources. Therefore, by observing the CRB

we can study the potential sources that may contribute to the CRB and their

evolution. Different populations of galaxies are considered to be contributors

to the CRB (Peacock, 1995).

Another important aspect of observing the CRB is the possible detection

of high redshift neutral hydrogen at the 21 cm emission line, which can provide

a useful tool to constrain the evolution of galaxy formation (Peacock, 1995).

In addition, the spatial distribution of the CRB can be used to map the large

scale structure in the universe (Wall, 1990).

1.4 OUTLINE

Chapter two of this thesis is dedicated to the discussion of the EBL and γ-ray

astrophysics. I will also discuss the relation between the EBL and very high

energy (VHE) γ-ray in more detail.

In Chapter three, I will provide a robust EBL model and analytical de-

scription of the EBL fluctuations which has been published in Kudoda & Fal-

tenbacher (2017). For the EBL model I applied Razzaque et al. (2009) model
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for the stellar emission and added the dust emission following the model by

Finke et al. (2010). I introduced a special fluctuation in the star formation

rate (SFR) using the millennium simulation run 7 (MR7) (Lemson & Virgo

Consortium, 2006; Guo et al., 2013). This work is a continuation of ongoing

research (Kudoda, 2015; Kudoda & Faltenbacher, 2016).

In Chapter four, I will discuss a new hybrid EBL model combining two EBL

modelling approaches: semi-analytic and forward models as recently published

in Kudoda & Faltenbacher (2018). The main goal of this work is to study the

effect of the large scale structure on the γ-ray spectrum. In addition, I will

investigate the effect of a close galaxy encounter to the γ-ray path. The results

of this work confirm the previous work and presents a new tool that can be

used in further γ-ray studies.

In Chapter five, I will present a different way to study the EBL fluctuations

by looking at the power spectrum of the bolometric intensity of the EBL

and its correlation with the underlying matter distribution. This is done by

computing the bias between the EBL power spectrum and the dark matter

power spectrum. The underlying EBL model is based on the model presented

in the fourth chapter (a hybrid EBL model). Conclusion and future work will

be presented in Chapter six.
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Chapter 2

THE EXTRAGALACTIC

BACKGROUND LIGHT AND

γ-RAY ASTROPHYSICS

2.1 EXTRAGALACTIC BACKGROUND LIGHT

Extragalactic background light (EBL) is the integrated light from resolved and

unresolved extragalactic sources plus the emission from any diffused mecha-

nism since the recombination era. This initial radiation from the formations of

stars and galaxies was redshifted to a longer wavelength due to cosmic expan-

sion, which was subsequently absorbed by dust and re-emitted in IR regime.

Hence, the EBL encodes fundamental information about star formation and

the evolutionary history of the Universe and cosmology.

The EBL spectrum is characterized by two distinct peaks. The first peak

between 0.1 and 10µm is believed to be due to stellar contribution, and pro-

vides ample information about the baryons and neucleosynthesis across cosmic

time. While the second peak between 10 and 1000µm is associated mainly with

dust emission. Fig. 2.1 shows a schematic representation of typical spectral

energy distribution (SED) of the EBL in comparison with the CMB.

There are several processes responsible for the production of EBL. Major

sources of the EBL include thermonuclear processes, dust emission, and emis-

sion from early structure formation (Hauser & Dwek, 2001; Dwek & Krennrich,

2013). The total spectrum of the EBL lies between 0.1 and 1000µm. Accurate

measurements of the EBL are important to constrain the physical processes

involved in its formation and evolution. Since the radiation field itself is red-

shifted due to cosmic expansion, a detailed study of the EBL can provide
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Figure 2.1: The schematic shows a snapshot of the EBL and CMB spectra at
the present time (z = 0). The spectrum in blue is the stellar emission in the
UV, optical, and NIR, the dust emission between MIR and FIR is shown in
red, and the CMB spectrum is shown in black.

additional constraints on both the SED of individual sources as well as their

redshift distribution. Furthermore, the EBL is also a source of opacity for

VHE photons. It interacts with these photons as they propagate through the

Universe from distant sources. This interaction can be used to constrain both

the density of the EBL and the intrinsic spectrum of very high energy (VHE)

γ-ray sources.

2.1.1 EBL contributors

A better understanding of all the sources that contribute to the EBL can lead

to a fair prediction of its emission mechanisms, and thus its density. The main

contributors to the EBL in the UV and optical ranges are stellar emissions,

while the IR regime is dominated by dust emission. However, there are also

other sources of EBL such as AGN and exotic sources.

2.1.1.1 Stellar emission

The main contribution of the EBL in the UV and optical ranges comes from the

energy generated by nuclear fusion of lighter elements into heavier ones within

stars. Stars are generally classified into three populations according to their

metal content (Z > 2)8. Population III (Pop III) constitute a theoretically

8Z≡ is the atomic number or the number of protons in the atom.
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Figure 2.2: The expected spectrum of Pop III stars as a function of wavelength
is shown by the cyan line. The red dashed, blue doted, and green dashed-doted
from the nebula surrounding the star lines represent the emission from the star
with a cut off at shorter wavelengths due to the Lyman limit, bremsstrahlung
emission (free-free), and Lyα recombination emission in the nebula, respec-
tively. The spectra are at the rest frame of the star. The figure is replotted
from Santos et al. (2002)

predicted population, not observed yet. They are the first stars formed in

the Universe and thus are assumed to be comprise of only Hydrogen, Helium

and a very small amount of Lithium. The metallicity9 of Pop III stars is very

low, typically ∼ 10−4Z� (Z� is the solar metallicity; Schneider et al., 2002).

Pop III stars are formed by the collapse of the primordial gas clouds. Due

to the high temperature of the gas in that era, and the lack of metals (which

prohibits cooling through radiative de-excitation of collisionally excited metal

transitions) the cooling process, which is molecular cooling (Saslaw & Zipoy,

1967), was very slow, halting the fragmentation of the gas. Therefore, Pop

III stars are expected to be massive (around several hundred solar masses

(Bromm et al., 1999; Abel et al., 2000)), evolve quickly and explode as Type-

II supernovae (core-collapse supernova). Because of the subsequent enrichment

of the ISM with metals (Abel et al., 2002), these stars are believed to be the

progenitors of the later, metallicity enriched populations. Fig. 2.2 shows the

expected spectrum for Pop III stars.

The supernovae from Pop III stars may reheat its surroundings, and even

expel some of the gas from the protogalaxy. The increase of metals in the ISM

9Metellicity is the fraction of heavy elements compare to the Hydrogen in the star
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allows more efficient cooling processes to take place and provides an opportu-

nity for smaller masses to fragment and form stars, i.e, population II (Pop

II). The metallicities of Pop II stars are in the range of 10−3− 10−1 Z�. These

stars can presently be observed as cool stars in the halos of spiral galaxies and

galaxy bulges (Prialnik, 2000).

Population I (Pop I) stars are the youngest, longer-lived, less massive,

hottest and highest metellicity (≥ 10−1Z�) stars. These stars (e.g. our Sun)

can be found today in the discs of spiral galaxies (e.g. Prialnik, 2000).

Most stars are formed in starburst regions within galaxies. If a group of

stars is born during the same starburst episode they will have the same metal-

licity, and their mass distributions can be described by an universal initial

mass function (IMF). Therefore, one can use their metallicity and IMF to

compute the collective emission profile of a stellar population. By superposi-

tioning individual starburst SEDs, a galaxy’s spectrum can be modelled. We

can evaluate the contribution of stellar emissions to the EBL by integrating

over all the galaxies spectra in a comoving volume. However, there is one main

factor that needs to be considered, i.e., the absorption and re-emission of the

starlight inside galaxies by the gas and dust in the IGM.

Hydrogen is the most efficient absorber in the Universe. The ionization

energy of Hydrogen is 13.6 eV (Lyman limit), therefore a photon with energy

above 13.6 eV will be absorbed by the Hydrogen cloud in the ISM. Moreover,

photons with energy less than 13.6 eV also get absorbed by exciting Hydrogen.

On the other hand, the reverse process also happens when a free electron re-

combines with a Hydrogen ion and emits photons in the UV, optical and IR

due to de-excitation. In addition, when a free electron passes close to a proton,

a free-free scatter (bremsstrahlung emission, see Section 2.2.1.1) occurs result-

ing in an emission of continuum spectrum. This emission is usually present

in HII regions surrounding hot massive stars (e.g. Spitzer, 1978; Kennicutt &

Chu, 1988).

2.1.1.2 Dust emission

Dust is one of the fundamental components of a galaxy, and plays an im-

portant role in the galaxy’s evolution. The presence of dust in the Universe

can manifest itself in many ways, for instance, dust extinction (the absorption

and scattering of starlight), polarization of the starlight arising from aligned

dust grains, the presence of the IR emission, and interstellar gas depletion. The

most widely accepted model of the dust in the interstellar environment suggests
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that there are different dust populations: ranging from silicate and graphite

with sizes between 0.5µm and a few angstroms to macromolecules granularly

known as polycyclic aromatic hydrocarbons (PAHs). The spatial distribution

of the dust is also important to model the dust, and can be categorized in four

environments according to the distance from the radiating sources. These are:

i) the circumstellar environment; ii) interstellar dust; iii) dusty torii around

AGN; and iv) intergalactic dust. A population of dust grains is stochastically

heated by the surrounding diffused radiation field and is re-emitted in the

mid-IR. This can be observed in the Milky Way and other external galaxies

spectra. Studies suggest that dust is responsible for absorbing at least 30%

of the energy emitted as starlight in the Universe and re-radiating it in the

infrared (Bernstein et al., 2002c).

2.1.1.3 Additional sources

AGN

AGNs have a broadband spectrum emissions from radio to γ-ray, thus they

contribute to the EBL. However, their contribution to the EBL spectrum is

usually ignored in the EBL models, since it is believed to be a minor contri-

bution (Madau & Pozzetti, 2000). A significant part of radiation from AGNs

is produced during the accretion of matter by the massive central black hole.

For example, for a black hole with average mass density ρ ' 3 ± 2 × 106 h

M�Mpc−3 (Madau & Pozzetti, 2000). Therefore, at a mean redshift distribu-

tion (〈z〉 ∼ 2), only 10 to 20% of the total EBL can be expected from AGNs

contribution, which is relatively small (Hauser & Dwek, 2001).

Brown dwarfs & primordial particles

Brown dwarfs are objects that are not massive enough (< 0.08M�) for Hy-

drogen to start burning to form stars. The expected contribution to the EBL,

if we hypothetically assume that all the dark matter that is required for a

closed universe is in the form of brown dwarfs, would be at most 3 nWm−2sr−1

in the range between 10-100µm (Burrows & Liebert, 1993). This is a small

contribution compared to ∼ 40 nWm−2sr−1 from a normal galaxy.

There are a lot of speculative theories about the existence of primordial

particles. However, the suggested radiative output from their decay depends
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on the particle mass, their number density and distribution at specific red-

shift. Various intensity ranges can be obtained from these hypothetical par-

ticles (Bond et al., 1986; McDonald et al., 2001), but, no physical motivation

can be used to distinguish between them. Therefore, the contribution from

hypothetical primordial particles has been neglected.

2.1.2 Measurements of the EBL

Although it is very difficult to measure the EBL due to its weakness (diffuse

nature) and the foreground emissions, efforts have been made to measure the

the intensity directly and indirectly. In this section we will discuss the tech-

niques that are used in measuring the EBL. For a detailed review see Hauser

& Dwek (2001); Dwek & Krennrich (2013), and references therein.

2.1.2.1 Direct measurements

Measuring the EBL is very challenging because of the contamination due to

the foreground emissions from the Milky Way and zodiacal light (light that is

reflected from the Sun), which are brighter than the EBL in most of the UV

and optical regimes (Hauser & Dwek, 2001). In the IR, a major contamination

is caused by the interplanetary dust which contributes to most of the wave-

lengths. While a significant contamination in the near IR and optical comes

from the starlight in our galaxy. As a result, a reliable measurement of the EBL

requires a careful modelling of all the foreground components and removing

them from the measurement. Moreover, technical (instrumental) difficulties in

maintaining the calibration of the zero-point of detectors add more challenges.

Sky brightness

The common approach to measure the EBL has been to observe the total

brightness of the sky (at a certain wavelength), and subtract the foreground

contamination from the known sources, what is left would be the EBL. Fig. 2.3

shows the steps of extracting the EBL using this technique. Deep field observa-

tions of the Hubble Space Telescope (HST) simultaneously with ground-based

observations by Bernstein et al. (2002a,b) provided measurements of the EBL

with 1− 2σ detection limit. Table 2.1 shows some of the measurements using

this techniques (the data was adopted from Hauser & Dwek (2001)).

In the IR regime, there were many attempts to measure the background

emission using rockets (Matsumoto et al., 1988; Kawada et al., 1994). However,
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(a) (b)

Figure 2.3: (a) The top map shows a 3 colour image of the full sky CIB
map (blue = 1.25µm, green = 2.2µm and blue = 3.5µm). The middle map
shows the same image after subtracting the zodiacal light. The bottom map
shows what is left after subtracting the galactic foreground using the technique
discussed in Dwek & Arendt (1998). However, this subtraction technique is
unreliable near the Galactic plane, so this area has been masked out. The
lowest levels for the upper and middle images are 3.95, 6.67, and 7.08 kJy/sr
at 3.5, 2.2, and 1.25µm respectively, but 0.395 kJy/sr for the lower image.
(b) The same maps as in (a), but different wavelengths (blue = 60µm, green
= 100µm and red = 240µm) and different technique to subtract the galactic
foreground (see, Arendt et al., 1998). The lowest level for the upper and
middle images are 223.2, 555.3, and 508.2 at 240, 100, and 60µm respectively,
but 30.7 kJy/sr for the lower image. The image has been adopted form: http:
//www.astro.ucla.edu/~wright/CIBR/images.html
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Table 2.1: The upper limits of the EBL derived using sky brightness measure-
ments technique. The data is adopted from Hauser & Dwek (2001).

λ (µ m) νLν (nWm−2sr−1) References

0.10 < 11 Edelstein et al. (2000); Murthy et al. (1999)
0.1595 14(10± 2) Brown et al. (2000)
0.165 7.0(5.6± 0.7) Martin et al. (1991)
0.3 22.2− 27.3 Mattila (2003)
0.4 < 46(26± 10) Mattila (1990)
0.44 < 60(10± 25) Toller (1983); Leinert et al. (1998)
0.5115 < 48(30± 9) Dube et al. (1979); Leinert et al. (1998)
0.550 84.7− 113.9 Mattila (2003)
0.814 84.8− 114.2 Mattila (2003)

these measurements suffered from systematic errors such as thermal emission

from the rockets that contaminates the measurements in addition to the lim-

itation in the observation time. In the year 1983 the Infrared Astronomy

Satellite (IRAS) was launched to conduct a full sky survey in five wavelengths

from mid- to far-IR. However, due to the uncertainties in the flux measure-

ments (zero-point calibration) IRAS was not able to claim detection of the

EBL (Rowan-Robinson et al., 1990).

Subsequent measurements by the Diffuse Infrared Background Experiment

(DIRBE) and the Far-Infrared Absolute Spectrophotometer (FIRAS) on-board

the Cosmic Background Explorer (COBE) satellite were able to provide robust

measurements of the EBL in the IR. DIRBE was designed to measure the

diffuse IR background in 10 different wavelengths distributed between 1.25 and

240µm, where the contamination from the zodiacal light is minimum (Hauser

& Dwek, 2001). Although, these experiments suffer from the sky subtraction

uncertainties, they provided an important upper limit on the EBL.

Source count

Integrating the light from all galaxies within a given magnitude per unit sky

area can be used to set a lower EBL limit. In order for this technique to provide

meaningful results, it is necessary that the integrated flux converges. From a

technical point of view, the convergence is achieved when the slope of the

logarithmic differential galaxy count at that specific magnitude (d logN/dm)

is less than 0.4 at the faintest possible magnitude (Hauser & Dwek, 2001).

The major restriction for this method is due to detection limits and res-

olution of the instrument used, and there is also a possibility of significant
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Table 2.2: The lower limits of the EBL derived from source count measure-
ments. The data is adopted from Hauser & Dwek (2001).

λ (µ m) νLν (nWm−2sr−1) References

0.01595 > 2.9+0.6
−0.4 Gardner et al. (2000)

0.2365 3.6+0.7
−0.5 Gardner et al. (2000)

0.36 2.9+0.6
−0.4 Madau & Pozzetti (2000)

0.45 4.6+0.7
−0.5 Madau & Pozzetti (2000)

0.67 6.7+1.3
−0.9 Madau & Pozzetti (2000)

0.81 8.0+1.6
−0.9 Madau & Pozzetti (2000)

1.1 9.7+3.0
−1.9 Madau & Pozzetti (2000)

1.6 9.0+2.6
−1.7 Madau & Pozzetti (2000)

2.2 7.9+2.0
−1.2 Madau & Pozzetti (2000)

contribution coming from unresolved galaxies or low surface brightness galax-

ies that are below the detection limit. Moreover, the possibility of a truly

diffused mechanism that contributes to the total EBL density cannot be ac-

counted for with this method. In fact, Bernstein (2007) showed that it is

possible to miss 50% or even more with a simple aperture photometry from

the light that comes from extended sources, because of the difficulty to resolve

faint galaxies from the background.

While Hubble Deep Field (HDF) set a lower EBL limit at 0.4−1µm range

(Madau & Pozzetti, 2000), the Two-micron All Sky Survey (2MASS) extended

the range up to 3µm. The derived lower limit from their observations is much

lower than that given in Bernstein (2007), which could be due either to an un-

derestimation of integrating the light from faint sources by HST or unresolvable

diffuse sources. Continuous efforts by the Space Telescope Imaging Spectro-

graph (STIS) on board HST have extended the measurements to the shorter

UV wavelengths. Table 2.2 shows the measurements of Madau & Pozzetti

(2000) & Gardner et al. (2000).

Fluctuation analysis

Studying the EBL fluctuations does not provide absolute measurements of the

background radiation, however, it can be used to constrain the EBL intensity.

Combining the fluctuations measurements with other methods such as source

count can provide a constrain on the light from unresolved sources. Using this

method an upper limit on the EBL was derived by Kashlinsky et al. (1996b)

from DIRBE analysis in the near-IR band. Additional studies have expanded

the work including all DIRBE bands upto mid-IR, where it is very difficult
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Table 2.3: The measurements of the EBL in IR derived using fluctuations
analysis technique, δνLν is the variance. The data is adopted from Hauser &
Dwek (2001); Kashlinsky (2005).

λ (µ m) δνLν (nWm−2sr−1) νIν

1.25 > 15.5+3.7
−7.0 < 200

2.2 5.9+1.6
−3.7 78

3.5 2.4+0.5
−0.9 < 26

1.9 2.0+0.25
−0.5 < 13

12 . 1 < 15
25 . 0.5 < 8
60 . 0.7 < 12
100 . 1 < 17

to directly use photometry due to the zodiacal light (Kashlinsky et al., 1996c;

Kashlinsky & Odenwald, 2000).

Furthermore, the EBL fluctuations at 170µm measured by Infrared Space

Observatory (ISO) were investigated by Matsuhara et al. (2000) including flux

from sources under the detection threshold of the instrument, and provided

a lower limit lower than that of Kashlinsky et al. (1996c) and Kashlinsky &

Odenwald (2000). Table 2.3 shows the EBL measurements with uncertainties

using this method, the data is adopted from (Hauser & Dwek, 2001; Kashlin-

sky, 2005).

2.1.2.2 Indirect observation

As mentioned above direct measurements of the EBL are very difficult because

of the bright foreground. However, the VHE γ rays emitted at cosmological

distances can penetrate most of the obstacles (dust in the Milky Way and the

solar system) along their path. As these γ rays pass through the radiation field

of the EBL they interact with the EBL via pair-production (see Section 2.2.2.2)

thereby attenuating the γ-ray spectrum. The attenuation depends on both

distance and energy of the source. Because of this, the EBL leaves its imprint

in the observed spectrum of the VHE γ-ray. Therefore, in principle if we know

the intrinsic γ-ray (emitted) spectrum, we can determine the intervening EBL

intensity by comparing the intrinsic spectrum with the observed spectrum.

Several studies have used this method to determine an upper limit on the EBL

density (e.g., Stanev & Franceschini, 1998; Aharonian et al., 2006; Guy et al.,

2000; Schroedter, 2005; Mazin & Raue, 2007; Orr et al., 2011). Although, this

method is very useful to constrain the EBL, the true EBL spectrum cannot
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Figure 2.4: EBL measurements from various studies are represented as follows:
green circle (Xu et al., 2005); red octagon (Gardner et al., 2000); blue trian-
gle down (Bernstein, 2007); cyan triangle up (Totani et al., 2001); magenta
triangle down (Mattila, 1990); yellow triangle down (Matsuoka et al., 2011);
orange triangle down (Dube et al., 1979); grey triangle down (Levenson et al.,
2007); pink triangle up (Keenan et al., 2010); magenta diamond (Ashby et al.,
2013); blue square (Arendt & Dwek, 2003); orange pentagon (Hopwood et al.,
2010); green star (Teplitz et al., 2011); grey plus (Béthermin et al., 2010); cyan
triangle down (Finkbeiner et al., 2000); pink triangle down (Matsuura et al.,
2011); green triangle up (Berta et al., 2011); orange triangle down (Fixsen
et al., 1998); grey triangle down (Pénin et al., 2012); red star (Béthermin
et al., 2012); orange dot (Odegard et al., 2007); blue circle (Zemcov et al.,
2010); the yellow x (Matsumoto et al., 2005); green diamonds (Kashlinsky &
Odenwald, 2000).
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be assured due the uncertainties in the intrinsic γ-ray spectrum. With the

advent of the current γ-ray telescopes the sample of the VHE sources has now

increased, providing better constraints on the VHE spectrum.

To summarize, despite the impediments to accurately measure the EBL

intensity, detections and limits on the EBL have been acquired via direct and

indirect methods using ground- and space-based instruments. These observa-

tions are able to resolve the foreground contamination emission from Galactic

sources. However, further observations are needed to constrain the zodiacal

light, or even preform observation outside our solar system, which will elim-

inate any Fraunhofer lines, to obtain the absolute measurement of the EBL.

Figure 2.4 shows a summary of the EBL observations using all the techniques

discussed above.

2.1.3 Modelling the EBL

Due to the uncertainties involved in direct measurements of the EBL intensity,

several methods have been developed to model the EBL. These models are

based on our understanding of galaxy properties and star formation rates while

incorporating observational constraints.

A good understanding of these models are also very important since they

provide knowledge on many issues related to the evolution of EBL. The inte-

grated intensity of the modelled EBL will provide limits on the evolution of the

energy released throughout the cosmic history of the Universe. The spectral

intensity Iν offers more detail about the different contributors to the EBL such

as; stars, dust, AGNs etc., and their relative contribution and evolution. The

observed spectral intensity at a frequency ν0 can be given as the integration

over the expected sources luminosities (Peebles, 1993):

Iν =
c

4π

∫ ∞
0

Lν(ν ′, z)
∣∣∣∣ dtdz
∣∣∣∣ dz, (2.1)

where Lν(ν, z) is the spectral luminosity density, and ν ′ = ν(1 + z). The lumi-

nosity density L can be written as a convolution between the star formation

rate (ρ) and the bolometric luminosity per unit mass Lb(t) (Hauser & Dwek,

2001),

L =

∫ t

0

ρ(τ)Lb(t− τ)dτ, (2.2)
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In the following sections we will discuss four different approaches to model

the EBL as categorized by Dwek & Krennrich (2013): backward evolution

(BE), forward evolution (FE), semi-analytic evolution (SA) and cosmic chemi-

cal evolution (CCE) models. Most of the information in this section is obtained

from Hauser & Dwek (2001); Dwek & Krennrich (2013); and Dwek (2001).

2.1.3.1 Backward evolution models

Generally backward evolution (BE) models use the observed spectral proper-

ties of galaxies in the local Universe and extrapolate it to higher redshifts.

They also use the evolutions of parameters observed in the local Universe as

constraints. The simplest BE models ignore the evolution in the galaxies co-

moving number density and in the SED of galaxies, in other words, they are

independent of redshift (Lagache et al., 2005; Rodighiero et al., 2010). In or-

der to compute the EBL one needs to integrate the local luminosity density

over redshift up to where the first galaxies started to form, zmax. The dif-

ference between various BE models arise in determining the L(ν) at different

bands, for e.g, from UV-optical-near-infrared and mid-to far-infrared. More

sophisticated BE models consider evolution in the LF estimation (e.g. Chary

& Elbaz (2001); Rowan-Robinson (2001); Domı́nguez (2011)). Fig. 2.5 shows

the resulting spectra of different BE models with respect to the observed data.

BE models are the simplest models and they can easily be compared with

observations. However, they are not fully constrained by physical processes,

e.g. radiative processes or star formation.

2.1.3.2 Forward evolution models

Forward evolution (FE) models go one step further to overcome some of the

simplifications of the BE models by involving more physical processes in the

prediction of the EBL density. FE models take the evolution of the stellar

population into account using programs and libraries that track spectral evo-

lution. They also calculate metallicity, stellar and gas content of galaxies, and

their impact on the resulting SED. The general formula for the photon density

ε at epoch tz since the stars turned on at t∗, or redshift z, can be written as

Dwek & et al. (1998):

ε(tz) =

∫ tz

t∗

ψ(t)dt

∫ Mt′

Mlow

L(m, t′)φ(m)dm, (2.3)
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Figure 2.5: The EBL as predicted by different BE models. The solid blue line
represents the model by Beichman & Helou (1991); solid cyan line is the model
by Hacking & Soifer (1991); the black line is the model by Malkan & Stecker
(1998); the green and red lines are the models by Blain & Longair (1993); the
solid yellow line is the model by Xu (2000); magenta line is model by Tan et al.
(1999); blue and green lines is the (RR) model by Rowan-Robinson (2001) and
the brown solid line is the model by Yoshii & Takahara (1988). The models in
this figure were adapted from Hauser & Dwek (2001).
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Figure 2.6: The EBL as predicted by different FE models. Where the cyan
solid line represents the model by Franceschini et al. (1994); solid blue line by
Calzetti & Heckman (1999); green, yellow, black solid lines are models by Dwek
(1998); red solid lines by Finke et al. (2010), magenta solid line by Kudoda
& Faltenbacher (2017). The models in this figure are adapted from Hauser &
Dwek (2001) with the exception of Kudoda & Faltenbacher (2017).

where ψ(t) and L(m, t′) are the global star formation rate and luminosity of a

star with mass m at time t′ = tz − t, respectively, and φ(m) is the stellar IMF

normalized to unity in the (Mlow,Mt′), and Mt′ is the initial main-sequence

mass of a star with a lifetime t′. The intensity of the EBL can then be described

as:

I =
( c

4π

)∫ z

0

ε(z)

∣∣∣∣ dtdz
∣∣∣∣ dz

1 + z
. (2.4)

The difference between various FE models lies in the complexity of mod-

elling the stellar and dust components in the EBL. Some FEs use radiative

transfer models (e.g. Silva et al., 1998; Gordon et al., 2001) to determine the

SED of the galaxy, while others use analytic and observationally motivated

recipes (see Dwek & Krennrich, 2013, and references therein). Fig. 2.6 shows

different spectra of FE models with respect to observations.

Even though FE models have solved some of the simplifications of BE

models and managed to predict the observed EBL using some free parameters,

they have their own shortcomings. For example, their inability to track galaxy

interactions, morphological evolution of galaxies and starburst phases.
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Figure 2.7: The EBL as predicted by different SAMs. The magenta line rep-
resents the model by Primack et al. (1999); the red line represents the model
by Devriendt & Guiderdoni (2000); and the blue line represents the model by
Blain et al. (1999). The models in this figure have been adapted from Hauser
& Dwek (2001)

2.1.3.3 Semi-analytic evolution models

Semi-analytic evolution models (SAMs) begin with simulating the structure

formation using the cold dark matter cosmological framework and apply nu-

merical recipes to populate the gravitationally formed structures with galax-

ies. They are developed to overcome some of the shortcomings of the FE

models. SAMs follow the merger-trees of the dark matter halos and apply

physically motivated recipes to describe heating and cooling processes, feed-

back and chemical enrichment of the ISM and IGM.

The outcomes of SAMs are by construction in agreement with various ob-

served properties of galaxy populations such as morphology mix, SEDs, star

formation histories, luminosity functions in different wavebands and for various

redshifts (Fontanot et al., 2009; Fontanot & Somerville, 2011; Somerville et al.,

2012; Younger & Hopkins, 2011). Despite the involvement of a large number

of parameters, simplified algorithms, and high level of complexity, SAMs are

the most physically motivated of the models discussed in this section (Dwek &

Krennrich, 2013). Fig. 2.7 shows some of SAMs models and compares it with

observed EBL data.
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Figure 2.8: The EBL as predicted by a CCE model (blue line) by Pei et al.
(1999). The model in this figure is adapted from Hauser & Dwek (2001).

2.1.3.4 Cosmic chemical evolution models

Cosmic Chemical evolution (CCE) models treat the whole universe as one

closed system and represent all galaxies in large comoving volumes by their

basic elements: gas, stars, radiation, and metallicity. Chemical evolution equa-

tions are applied to track the chemical evolution of galaxies within the comov-

ing volume element. These models particularly focus on the average properties

over the global galaxy population. The first CCE model was developed by Pei

& Fall (1995). Their model use the rest-frame UV emissivity as a function

of redshift and the properties of the ISM as inputs. Using these inputs they

obtain a solution for the evolution of the cosmic star formation rate. Similar to

the FE models, stellar emissivity is calculated using population synthesis mod-

els. These models apply an extinction law to determine the amount of starlight

absorbed by the dust, and redistribute the dust according to its temperature

(Dwek & Krennrich, 2013). Fig. 2.8 shows the resulting EBL spectrum of Pei

et al. (1999) compared to observations.

2.1.4 EBL as cosmological probe

The discussion above already made clear that the EBL comprises a wealth of

cosmological and astrophysical information. In this section we will cover some

of these aspects.
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2.1.4.1 EBL total energy density

The total energy density of the EBL is directly related to all physical processes

involved in its emission and can be used to constrain these processes. Hauser

& Dwek (2001) calculated the total EBL energy density relative to the critical

energy density by using the dimensionless representation of the EBL energy

density ΩEBL:

ΩEBL =
4π

c

IEBL

ρcc2
∼ 10−6 − 10−5, (2.5)

which is small relative to the CMB (ΩEBL/ΩCMB ∼ 0.1)

2.1.4.2 Element production

As mentioned before, stars are not only the main contributor to the EBL energy

density, but also convert Hydrogen to heavier elements to generate energy.

This reaction liberates 0.7% of the rest mass of the converted Hydrogen into

energy. Therefore, we can directly link the observed EBL energy density to

the amount of Hydrogen that is converted to other heavier elements Hauser &

Dwek (2001):

∆X w 2× 10−4 × IEBL [nWm−2sr−1], (2.6)

where ∆X = ρ∆X/ρb = Ω∆X/Ωb is the fraction of Hydrogen that is converted

to heavier elements, ρb is the baryonic density matter and Ωb is the fraction of

the baryonic to critical density (= 1.92 ± 0.18 × 10−2h−2, Olive et al., 2000).

Considering the EBL intensity in the range 43− 175 nWm−2sr−1 implies that

roughly 2%−6% of the total Hydrogen in the Universe is consumed in powering

stars throughout cosmic history (e.g. Hauser & Dwek, 2001).

2.1.4.3 Star formation rate

Understanding the star formation history is essential in constraining the struc-

ture formation models in the Universe. From spectroscopic studies and galaxy

surveys, a uniform picture of the star formation rate (SFR) can be derived

(Hopkins et al., 2001; Kennicutt, 1998; Madau et al., 1996). The observed co-

moving space density ρ̇∗ of the SFR in galaxies rises by one order of magnitude

from z = 0 to z = 1 and it stays almost constant between 1 < z < 2, with a

peak around z ∼ 1.5. However, at higher redshifts the behaviour of the SRF
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Figure 2.9: The cosmic star formation rate derived from Hα, Lyα, radio sub-
millimetre, MIR, and UV observations. The shaded area represents an analytic
approximation for the upper and lower limits. The figure is reproduced from
Dwek & Krennrich (2013).

is still not clear, i.e., whether it remains constant or decreases at much higher

redshifts (see Fig. 2.9).

As discussed in Section 2.1.1.1 starlight dominates the EBL comoving lu-

minosity density L. Therefore, it is self-evident to assume a strong relation

between the SFR and EBL, as shown in eq. 2.1 and eq. 2.2.

2.1.4.4 The radio-IR background relation

The emission from H II regions around massive hot stars in star forming galax-

ies in radio and IR through free-free mechanism (bremsstrahlung) can be used

to establish a connection between the IR and radio emissions (Hauser & Dwek,

2001). This correlation has been confirmed through observations (Helou, 1991).

However, in AGNs the radio emission is attributed to different processes, and

therefore, such correlation is neither observed nor expected.

The correlation in star-forming galaxies is used to derive 50% of the CRB

at 170 cm, while 50% of the CRB at 75 cm can be attributed to AGN-like

radio sources. Both contributors are consistent with models for the origin of

the CRB (Haarsma & Partridge, 1998).
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2.2 HIGH ENERGY γ-RAY ASTROPHYSICS

Since the focus of this thesis is to model the γ-ray path over cosmological

distances, we will provide a brief introduction on the origin of γ-ray emis-

sion, production mechanisms, the possible interactions along their path to the

observer, and observation techniques.

2.2.1 Production mechanisms

The different mechanisms that can produce photons in general can be catego-

rized in two main branches: thermal and non-thermal emissions. For γ rays

we can rule out thermal emission mechanisms because in order for a black-

body spectrum to peak at γ-ray energies, the associated temperature must be

roughly 1010 K (six orders of magnitude higher than our Sun). Such high tem-

peratures are not found in the observable Universe. Therefore, in what follows

we only discuss main emission mechanisms relevant to VHE: bremsstrahlung,

synchrotron, inverse Compton scattering, pion decay, and annihilation.

2.2.1.1 Bremsstrahlung radiation

Bremsstrahlung or braking radiation occurs when a charged particle is accel-

erated or decelerated due to an external electric field. For instance, when

an electron traversing through matter passes very close to the nucleus of an

atom, a deflection in the electron’s original trajectory happens due to the nu-

clear electric field (see Fig. 2.10a). As a result, the electron loses energy in

a form of photon with energy Eγ ' Ee/2. The differential cross-section of

bremsstrahlung scattering can be written as:

dσbra = 4Z2αr2
0

dk

k
E−2
i

[
(E2

i + E2
f )−

2

3
EiEf

] [
ln

(
2EiEf
k

)
− 1

2

]
, (2.7)

where r0, α are the classical electron radius and fine structure constant, re-

spectively. k is the momentum of the photon and is the difference between the

electron’s initial Ei and final Ef energies. The number of photon Nγ emitted

within the momentum dk at time dt when an electron passing close to atoms

or ions with corresponding number densities ns can be written as (Blumenthal

& Gould, 1970):

dNγ

dtdk
= c

∑
s

ns
dσbra
dk

. (2.8)
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Figure 2.10: The left panel provides a schematic of the bremsstrahlung process.
As the electrons e− passes close to a nucleus it gets deflected and loses some
of its energy in the form of γ-ray. The right panel provides the spectrum
emitted by bremsstrahlung assuming a power-law energy distribution of three
different populations of electrons with different maximum energy. The figure
is reproduced from (Saha, 2014).

The total spectrum of bremsstrahlung as result of energetic electrons with

distribution (dNe/dE) is given by:(
dNγ

dtdk

)
total

=

∫
dE

dNe

dE

dNγ

dtdk
. (2.9)

This process is very important in many aspects of astrophysics. Fig. 2.10b

shows the emitted spectrum for three different populations of electrons that

has energy distribution follow a power-law dNe/dE ∝ γ−2.1 with different max-

imum energies. In the case of relativistic electrons (with energy E) interacting

with molecules or atoms, photons with maximum frequency are emitted. The

average energy of the emitted photons is around a third of the electron energy.

In general, a power-law photon energy spectrum emitted by this interaction

will have the same power-law of the interacted electrons, and it is very impor-

tant in understanding the low energy γ-ray emitted in the ISM (Strong et al.,

2000).

2.2.1.2 Synchrotron radiation

Synchrotron emission occurs when a charged particle (with a mass m) changes

its direction due to an external magnetic field B. Synchrotron radiation is

emitted in the tangential direction to the trajectory of the charged particle

in a narrow cone shape. The spectrum of the synchrotron emission can be

written as (Blumenthal & Gould, 1970):
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dE
dνdt sy

=

√
3e3B sin θ

mec2

ν

νc

∫ ∞
ν/νc

K5/3(x)dx, (2.10)

where

νc =

{
3eγ2

4πmec
B sin θ for electrons,

3eγ2

4πmpc
B sin θ for protons,

(2.11)

is the characteristic frequency of the radiated emission, e is the charge of the

electron, K5/3 is the modified Bessel function of the order 5/3, and θ is the

pitch angle between the direction of the magnetic field and the trajectory of

the particle. The characteristic frequency of the photons emitted by electrons

is (mp/me) w 6 × 109 times higher than the characteristic frequency emitted

by protons, which makes the electron synchrotron emission more relevant in

high energy astrophysics.

Averaging over the pitch angle (< sin θ >=
√

2/3), the total energy emitted

through synchrotron emission from an electrons will be:

Ltot =

∫ ∞
1

dγ
dNe

dγe

dE
dνdt sy

, (2.12)

where Ltot and dNe
dγe

are the total spectral energy and the energy spectrum of

the electrons, respectively. Figures 2.11a and 2.11b show a schematic of syn-

chrotron process and the characteristic synchrotron spectrum of electrons with

an energy distribution following a power-law (dNe/dγ ∝ γ−2.1) for three val-

ues of magnetic field (dashed lines) and the same magnetic field with different

maximum energy for the electrons (solid lines). Synchrotron radiation is com-

mon in astrophysics. We can observe synchrotron radiation as radio emission

from supernova remnants, within the intrastellar medium of our Galaxy and

from extragalactic radio sources as a result of relativistic electrons interacting

with magnetic fields. In some cases of VHE sources, such as blazars, syn-

chrotron emission produced by relativistic protons may be responsible for the

TeV emission (Aharonian, 2000).

2.2.1.3 Inverse Compton scattering

Inverse Compton (IC) scattering occurs when a relativistic charged particle

transfers some of its energy to a low energy photon (Eph) through collision.

As a result of this interaction the scattered photon could gain a significant
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Figure 2.11: The left panel shows a schematic diagram of the synchrotron emis-
sion mechanism. The right panel shows the resulting synchrotron spectrum
of three different populations of electrons with the same magnetic field but
different maximum energies in solid lines. The dashed lines represent emission
when using the same energy distribution with a different magnetic field. The
figure is replotted from Saha (2014)

amount of energy. Fig. 2.12a shows a schematic of the interaction. The

energy Eγ of the γ-ray can be approximated as (e.g. Longair, 2011):

Eγ '
4

3
γ2Eph. (2.13)

The expected energy spectrum of the γ-ray from this interaction is shown

in Fig. 2.12b. This interaction occurs in places where there is a high number

density of low energy photons and high energy (relativistic) charged particles.

The spectrum of the photons emitted by IC can be written as (Blumenthal &

Gould, 1970):

dE
dνdt IC

=
3σT c

4γ2
h2ν

∫ hν

hν/4γ2
dε
nb(ε)

ε
fIC(ε, ν, γ), (2.14)

where fIC(ε, ν, γ) = 2q ln q + (1 + 2q)(1 − q) + 1
2

[4εγq/(mec2)]2

1+4εγq/(mec2)
(1 − q), σT is the

Thomson cross-section, dεnb(ε) is the number density of the soft photons with

energy between ε - ε+dε, and q = hν
4εγ2[1−hν/(γmec2)]

. The total energy emitted by

electrons with energy distributed (dNe/dγ) through IC process can be written

as:

Ltot =

∫ ∞
1

dγ
dNe

dγe

dE
dνdt IC

. (2.15)

The low energy photons can be produced by several mechanisms such as
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Figure 2.12: The left panel shows a schematic diagram of inverse Compton
interaction. The right panel shows the IC spectrum for different populations
of electrons with different maximum energies. The figure is replotted from
Saha (2014).

CMB photons, thermal emission from dust and synchrotron radiation by the

same electron involved in the IC. If the high energy electrons interact with

photon emitted by synchrotron radiation by the same electrons, it is known

as synchrotron self Compton (SSC; see Section 2.2.5.1). Fig. 2.12b shows the

IC spectrum produced by electrons with a spectrum (dNe/dγ ∝ γ−2.1) with

different maximum energies.

2.2.1.4 Pion decay

When a proton with high energy collides with the nuclei of atoms in the inter-

stellar gas, different types of pions (π+, π0 and π−) are produced. However,

the neutral pions are not stable having a lifetime 8 × 10−17 s, and decay into

two γ rays, each with half of the pion rest mass ∼ 70 MeV. The other charged

pions (π+ and π−) decay into positive and negative muons, while the latter

decays into relativistic electron positron pair. The γ-ray spectrum as result of

the pion decay can be written as (Kelner et al., 2006):

dNγ

dEγdt
= cnH

∫ ∞
Eγ

σinel(Ep)
dNp

dEp
Fγ

(
Eγ
dEp

, Ep

)
dEp
Ep

, (2.16)

where Fγ(
Eγ
dEp

, Ep) is the number of photons emitted per unit interval of Eγ
dEp

per

interaction between ambient protons and protons with energy Ep. σinel(Ep) =

34.3 + 1.88L + 0.25L2[mb] is the inelastic cross-section of the p-p interaction

with L = ln(Ep/1TeV), and Np is the number of the protons. The details of

the spectrum model can be found in Kelner et al. (2006).

44



6 7 8 9 10 11 12 13 14 15
log(E/eV)

10-13

10-12

10-11

 νF
n
u
[T

eV
cm

−
2
s−

1
]

z= 3.5 

Emax = 10 [TeV]
Emax = 100 [TeV]
Emax = 1000 [TeV]

Figure 2.13: The spectrum emitted from pion decay as a result of the inter-
action between high energy protons (with power-law distribution but different
maximum energies) and the ambient matter. The figure is replotted from Saha
(2014).

Fig. 2.13 shows the spectrum of the γ-ray emitted by π0 decay, which is

computed using power-law for the energy distribution of protons (dNp
dEp
∝ E−2.1

p

where Ep ≤ Emax) for different Emax = 10, 100, 1000 TeV.

2.2.1.5 Annihilation

Annihilation occurs when a particle and an antiparticle encounter each other

and convert their masses into energy. The outcome of this interaction is usu-

ally a pair of photons, in some cases more pairs, depending on the particle-

antiparticle angular momentum. The lightest particle-antiparticle pair that

can be generated is an electron-positron pair, each with 511 keV rest mass.

Detecting these photons is very important in high energy astrophysics because

of the possibility of finding a signature of hypothetical massive particle anni-

hilation which could be a candidate for dark matter.

2.2.2 γ-ray interaction with matter

The interaction of γ-ray with matter depends on the probability of the γ-ray

encountering an electron or nucleus. While the probability of the interaction

is determined by the density and atomic number of the material, the energy

of the photon and the interaction cross-section, the energy of the γ-ray pho-

tons determines the type of interaction. The interaction of γ-ray with matter

is important to study different kinds of astrophysical phenomena, as well as

for γ-ray detection. In this section we will discuss the main modes of γ-ray
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Figure 2.14: A schematic diagram of Compton scattering. θ and φ are the
scattered angles of the photon and electron (e), respectively.

interactions with matter that are relevant to this thesis: Compton scattering

and pair production.

2.2.2.1 Compton scattering

Compton scattering takes place when a γ-ray photon collide with a weakly

bound electron or a free electron, and lose some of its energy to the electron.

The cross-section of Compton scattering σC is given by the Klein-Nishina for-

mula:

σKN = πr2
0

1

x

([
1− 2(x+ 1)

x2

]
ln(2x+ 1) +

1

2
+

4

x
− 1

2(2x+ 1)2

)
, (2.17)

where x = ~ω/mec
2. This interaction usually occurs in the range of 100 keV

up to a few MeV. Fig. 2.14 shows a schematic of the Compton scattering

(Note that the particle in this case is relativistic). In Compton scattering, the

γ-ray photons require multiple interactions to lose all of their energy. If the

photon energy at the electron rest frame is � mec
2, the interaction is called

Thompson scattering. The cross-section σT is:

σT =
8π

3

(
q2

4πε0mec2

)2

=
8π

3
r2

0, (2.18)

where q is particle charge with a mass m, and r0 is known as the classical

radius of an electron. If the particle is an electron, the cross-section equals

6.6524× 10−25 cm2.

2.2.2.2 Pair production

When a γ-ray photon with energy more than double the rest mass of an elec-

tron (511 keV) passes through a strong electric field an electron-positron pair

46



γ

e−

e+

Figure 2.15: A schematic diagram of pair production. γ represents a photon
with energy above 1.02 MeV interacting with nucleus field, and e− and e+

represent produced electron-positron pair.

can be created. The role of the field is to keep the energy and momentum

simultaneously conserved. The field of a nucleus with high atomic number

Z can be sufficient to provide the right environment. The probability of this

interaction is proportional to the Z and the energy of the γ-ray photons. The

cross-section of the this interaction σpair can be defined as (Longair, 2011):

σpair =

{
αr2

eZ
2
[

28
9

ln
(

2~ω
mec2

)
− 218

27

]
For 1� ~ω/m2c

2 � 1/αZ1/3,

αr2
eZ

2
[

28
9

ln
(

183
Z1/3

)
− 2

27

]
For ~ω/mec

2 � 1/αZ1/3,

(2.19)

For this interaction to occur the γ-ray photon and nucleus system must have

more energy in the centre-of-momentum frame than the rest mass of produced

pair (∼ 1 MeV). The cross-section of this interaction is ∼ ασTZ
2, where α

is fine structure constant. Fig. 2.15 shows a schematic diagram of the pair

production mechanism. Pair production takes place at energies higher than

the Compton interaction, where the γ-ray photon can lose all of its energy in

a single interaction.

2.2.2.3 Electromagnetic cascades

Electromagnetic cascading (or showering) is not a type of interaction. Rather,

it is a combination of different interactions. If a VHE γ-ray enters the Earth’s

atmosphere, it initiates a series of interactions and generates electron-positron

pairs with high kinetic energy, which will emit high energy photons. The high

energy photons in turn produce electron-positron pairs, and so on. Fig. 2.16

shows a diagram of the γ-ray cascading scenario. This phenomena is very

important in γ-ray observations (we will see this in the following sections).
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Figure 2.16: A schematic representation of electromagnetic cascades.

2.2.3 Observation of γ-rays

Astronomical observations depend on many factors such as the luminosity of

the source (number of photons emitted) and the number of photons that can

be collected. The latter depends on how far away the source is, what happens

along the photons path to the observer, and the collecting area of the detector.

In the case of γ-ray observations, the γ rays carry the highest energy in the

electromagnetic spectrum; the energy in one γ-ray photon is equivalent to

106 up to 1014 times the energy of optical photons. This implies that even

the most energetic processes in the universe can only produce relatively small

amounts of γ rays, which limits the number of emitted photons. Moreover,

the Earth’s atmosphere is totally opaque to photons with a wavelength below

300 nm, making direct ground observation impossible.

One method to observe γ rays is from above the atmosphere level. Since

the number of high energy γ rays decreases with an increase of their energy, a

large collection area is needed. The current advancement in the development

of instruments (satellites) with large collecting areas which are sensitive to

higher energy photons allow us to observe γ-ray photons with energies less

than ∼ 100 GeV.

The first mission sent by NASA that carried a γ-ray detector was SAS-2

in 1972 (Derdeyn et al., 1972), it mapped the galactic plane and detected an

isotropic γ-ray radiation in addition to discrete γ-ray sources. The COS-B

satellite in 1975 launched by ESA (Bignami et al., 1975) confirmed the SAS-2

findings and expanded the discrete γ-ray sources catalogue. Later, Compton

Gamma Ray Observatory (CGRO) was launched in 1991 with four detectors on

board (EGRET, COMPTEL, OSSE and BATSE), each one designed to observe

in specific energy regime (Gehrels et al., 1993). The latest γ-ray satellite, Fermi

Large Area Telescope (Fermi LAT Atwood et al., 2009), has been surveying
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the high energy sky since 2008, increasing the γ-ray catalogue by more than a

thousand new sources.

The second method is indirect observation from the ground. This is achieved

by observing the interaction of the VHE γ-ray with our atmosphere. A primary

particle with energy greater than a few GeV interacts with the atmosphere cre-

ating secondary particles (electron-positron pairs) which in turn interacts with

the atmosphere, resulting in a cascade of particles and lower energy photons

(as discussed in section 2.2.2.3). Gamma-ray telescopes detect these showers

through the Cherenkov radiation as they propagate through the atmosphere

with a speed higher than the speed of light in the medium. The amount

of the Cherenkov shower produced is proportion to the primary particle en-

ergy. Generally, telescopes that use this technique are called Atmospheric

Cherenkov Telescopes (ACT). Example of ACT include: Whipple Telescope

(Weekes et al., 1989), High-Energy-Gamma-Ray Astronomy (HEGRA) (Mir-

zoyan et al., 1994), High Energy Stereoscopic System (HESS) (Hermann, 1997),

Solar Tower Atmospheric Cherenkov Effect Experiment (STACEE) (Bhat-

tacharya et al., 1997), Themistocle and CELESTE and Pachmarhi Array of

Cherenkov Telescopes (PACT) (Bhat, 1999), Very Energetic Radiation Imag-

ing Telescope Array System (VERITAS) (Krennrich et al., 2004), and Major

Atmospheric Gamma-ray Imaging Cherenkov Telescope (MAGIC) (Cortina

et al., 2009).

2.2.4 Astrophysical γ-ray sources

γ rays are expected to be emitted from the sources that are associated with

energetic activities where particles are accelerated to high energies. In this

section we will discuss γ rays from active galaxies since the emission from

these sources is the focus of this thesis.

2.2.4.1 Active galactic nuclei

Active galactic nuclei (AGNs) refer to the central region of galaxies that har-

bour energetic phenomena and produce enormous amounts of radiation. The

powerful radiation from AGNs is believed to be due to accretion of matter into

a super massive black hole (106 − 108M� Longair (2011)) at the centre of the

galaxy. As the black hole accretes matter from its surrounding, the in-falling

material is highly accelerated. Conservation of the angular momentum forces,

however, the in-falling matter to form an accretion disk rather than fall directly
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into the black hole. Matter is heated to high temperatures by dissipation in

the accretion disk and radiated away. The emission from AGNs covers a wide

range of energies from radio to γ-ray, and it is characteristically non-thermal.

Historically there are many AGN classifications based on their observa-

tional characteristics in different wavebands. One of the main recognized clas-

sifications is according to the strength of their radio emission: radio-loud and

radio-quiet AGNs. There are subclasses in each type. Radio-quiet AGNs are

classified into: radio quiet quasars, Seyfert type I and Seyfert type II. While

radio-loud AGNs are classified into: radio loud quasars; FR I and FR II, low

ionization narrow emission-line (LINERs) and Blazars. However, despite these

classifications it is believed that the central region of AGNs are similar, and

the historical distinction does not reflect their underlying physical properties.

In the current AGN paradigm, different subclasses of AGNs are linked by the

Unified model of AGNs (Urry & Padovani, 1995). According to this model

AGNs can be classified into type 0, 1, and 2 AGNs. This classification is based

on the orientation of the accretion disk and the obscuring dusty molecular

torus around the AGN with respect to the line of sight of the observer.

In type 1 the axis of the torus is close to the line of sight, and the observer

can see both broad-line (emitted from the high-velocity gas clouds orbiting

close to the centre) and narrow-line (emitted from the low-velocity gas clouds

relatively far form the centre). Whereas the orientation of the dust torus in

type 2 blocks the nucleus from the view and we can only see the narrow-line. In

the rare cases where the jet is pointing towards the observer, they are referred

to as type 0 (Urry & Padovani, 1995). Fig. 2.17 shows a schematic of an AGN

and the different classes, according to the Unified model. In the following

sections we will concentrate on blazars and their interaction with the EBL.

2.2.4.2 Blazars

Blazars are a particularly interesting class of AGNs with their jet pointing

towards the observer. This makes them appear extremely bright due to rel-

ativistic beaming. Blazars are characterized by a compact radio core, flat

radio spectrum, high polarization, apparent superluminal motion, high energy

emission, and rapid variability (Longair, 2011). Although Blazars constitute a

small fraction of the total number of AGNs, they are major contributors of the

extragalactic VHE emission. The spectral energy distribution of blazars con-

tain two distinct humps, peaking in the IR- X-ray regime and in the MeV-TeV

regime. The peaks are believed to be produced by synchrotron emission at low
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Figure 2.17: A schematic diagram of AGN from the Unified model point of
view (Beckmann & Shrader, 2012). In Blazars the angle between the AGN’s
jet and line-of-sight is very small. In Seyfert I the angle is about 30◦ and
the narrow-line and broad-line regions are observable; at larger angles these
regions will be blocked by the torus with the corresponding class being Seyfert
II. In the case of radio galaxies, the line-of-sight is perpendicular to the jet
(which might be seen at low frequencies).
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Figure 2.18: The normalize SED of the different types of blazars. The figure
is replotted form Dı́az (2011).

frequencies and inverse Compton at high energies (see e.g., Sikora et al., 1994).

There are two general types of blazars: Flat-Spectrum Radio Quasars (FSRQ)

and BL Lacertae (BL Lac). BL Lacs are further classified into high, interme-

diate, and low-frequency- peaked (HBL, IBL, and LBL) classes, respectively,

depending on the location of the first peak (e.g. Padovani & Giommi, 1995).

Fig. 2.18 shows a schematic of the different types of blazar spectra.

Since Blazars are strong VHE γ-ray emitters, it makes them ideal tools for

indirect measurement of the EBL spectrum through their interaction with the

EBL. VHE γ rays emitted from blazars collide with EBL photons and produce

electron-positron pairs. This interaction causes absorption in the high energy

tail of the blazar spectrum, changing the slope or the spectral index (Γ) of the

VHE γ-ray part of the blazar spectrum.

Different models have been proposed to construct the spectrum of blazars

from different emission mechanisms. In the next section we will give a brief

description of these models and emission mechanisms.

2.2.5 Models of γ-ray emission from Blazars

There are different approaches to model the SED of blazars based on leptonic

and hadronic origins. Leptonic models assume that electrons and positrons

that are accelerated in the jet of the blazar boost low energy photons to high

energies via IC scattering. While, in hadronic models, γ rays are the result

of reactions initiated by protons that are accelerated to very high energies
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producing secondary particles through pions production. The resulting secon-

daries, such as electron-positron pairs lead to γ rays via inverse Compton or

synchrotron radiation.

2.2.5.1 Leptonic model

Generally all leptonic models for blazars agree that the source of the VHE γ

rays is produced by IC scattering of low energy photons by relativistic electrons

found in the jet. The main difference between the various leptonic models is the

source of the low energy photons. Some assume that it is from the scattering

of synchrotron photons by the same electrons responsible for creating them;

this is often called Synchrotron Self-Compton (SSC) (e.g. Marscher & Gear,

1985; Maraschi et al., 1992; Böttcher et al., 2009). Others suggest that the

source is external to the jet and often called Synchrotron External Compton

(SEC). These include photons from the accretion disk, the broad line regions,

or the dusty torus (Dermer et al., 1992; Dermer & Schlickeiser, 1993; Sikora

et al., 1994; Blandford & Levinson, 1995; Ghisellini & Madau, 1996; Dermer

et al., 1997).

2.2.5.2 Hadronic model

Hadronic models are alternative to the leptonic ones where protons are accel-

erated to ultra-relativistic energies. Protons are ∼ 1000 times heavier than

electrons, in order to accelerate the protons to ultra-relativistic energies a very

strong magnetic field (tens of Gauss) must be present. Two scenarios are pro-

posed for the VHE γ-ray production: i) shock acceleration of protons to a

very high energy ∼ 1019 eV producing γ-ray via synchrotron mechanism; ii)

accelerated protons interact through p−γ or p−p interactions producing pions

π0 with a lifetime τ = (8.4± 0.5)× 10−17s, and subsequently decay into VHE

γ rays (Rachen & Mészáros, 1998; Mücke et al., 2000; Mücke & Protheroe,

2001).

2.3 INTERACTION BETWEEN γ-RAY AND EBL

2.3.1 γ-ray opacity

At the energies of the γ-ray > 10 GeV, the interaction of the EBL photons

with a VHE γ-ray producing electron-positron pair is the main absorption
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mechanism of the latter. This process is kinematically possible when:

ε > εthr(Eγ, θ) ≡
2m2

ec
4

E(1− cos θ)
, (2.20)

where ε and Eγ are the energies of the EBL and γ-ray, respectively, θ is the

angle between the two photons. Due to the cosmic expansion, the energies

of these photons are proportional to (1 + z) as they propagate along the line

of sight. The interaction cross-section σγγ can be written as Breit & Wheeler

(1934):

σγγ =
2πα2

3m2
e

W (β) ' 1.25× 10−25W (β)cm2, (2.21)

where

W (β) = (1− β2)

[
2β(β2 − 2) + (3− β4) ln

(
1 + β

1− β

)]
, (2.22)

and

β(Eγ, ε, θ) ≡
[
1− 2m2

ec
4

Eε(1− cos θ)

] 1
2

. (2.23)

This cross-section reaches its maximum (σmax
γγ ' 1.7×10−25cm2) in a head-

on collision at θ = π with β ' 0.7.

In the case of a high energy photon being absorbed in an isotropic back-

ground photon, the most effective attenuation of γ-ray photon of energy E ∼
1 TeV by a soft photon is equal to a wavelength (Vassiliev, 2000),

λIR = 1.33µm
E

1TeV
. (2.24)

Thus, γ rays in the energy range of 100 GeV−10 TeV experience attenuation

by low energy photons with energies from 10 eV to 0.1 eV.

By convolving the EBL photon number density (nε) with the cross-section

between the EBL and γ-ray, and integrating over distance, energies of the EBL

and the scattering angle, we can get the optical depth for γ rays (e.g. Dwek &
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Figure 2.19: The opacity computed using different EBL models at different
redshifts. The blue, red, magenta, yellow, and green lines represents the opac-
ities using Gilmore et al. (2008); Finke et al. (2010); Stecker et al. (2006);
Primack et al. (2005) and Kneiske et al. (2004) EBL models, respectively.

Krennrich, 2013):

τ(E, z) =

∫ z

0

dz′
dl

dz′

∫ −1

1

d cos θ
1− cos θ

2∫
2m2

ec
4

E(1−cos θ)

dε(z′)nε(ε(z
′), z′)σ(E(z′), ε(z′), θ), (2.25)

where

dl

dz
=

c

H0

1

(z + 1)[(z + 1)2(ΩMz + 1)− ΩΛz(z + 2)]
1
2

. (2.26)

Fig. 2.19 shows the calculated opacity using different EBL models at different

redshift (z = 0.5, 1.0, 3.0).

The intrinsic flux of the γ-ray emitted from a blazar can be related to the

observed flux by (Rybicki & Lightman, 1985):

FIntrinsic = FObserved exp[τ(z)]. (2.27)

The attenuation of the intrinsic γ-ray spectrum caused by the EBL taking

its redshift dependency into account can be used in three ways. Knowledge of
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any two of the three (intrinsic γ-ray spectrum, EBL density, or redshift) can

be used to determine the third or at least put a constrain on the third (see

e.g., Dwek & Slavin, 1994; Biller et al., 1998; Funk et al., 1998).

2.3.2 γ-ray horizon

The probability of a VHE γ-ray encountering an EBL photon and producing

an electron-positron pair depends on the energy of the VHE photon, redshift

of the source and density of the EBL along the path. The γ-ray horizon is the

redshift at which the optical depth becomes one (τ(Eγ, z) = 1). In other words,

it is the distance of the source at which the intrinsic γ-ray flux experience an e-

fold attenuation, where the VHE photons with higher energies experience more

severe attenuation. The relation between the Eγ and redshift of the horizon is

called the Fazio-Stecker relationship (Fazio & Stecker, 1970). Fig. 2.20 shows

the Fazio-Stecker relation for different EBL models. All models have almost

the same pattern, however, the model by Stecker et al. (2006) is most opaque.

While models by Kneiske et al. (2004); Gilmore et al. (2008) and Finke et al.

(2010) follow a similar pattern at all redshifts, the model by Primack et al.

(2005) experience more attenuation at higher redshifts. In general, the Fazio-

Stecker relation is a useful tool to visualize the attenuation of the γ-rays at

different redshift.

2.3.3 GeV/TeV break

The VHE blazar spectrum is a small part of the spectrum at the highest

energies. The VHE spectrum can be fitted with two spectral indices for GeV

(ΓGeV ) and TeV (ΓTeV ) ranges. An important feature in this spectrum is the

break in the spectral index (∆ΓGeV ≡ ΓTeV − ΓGeV ). The ΓGeV is determined

by fitting the energy between ∼ 1 − 10 GeV, which is neutral to the EBL.

Under the assumption that the intrinsic spectrum of the blazar has only one

spectral index (∆ΓGeV = ΓTeV − ΓGeV = 0 ⇒ ΓTeV = ΓGeV ), any change in

the ΓTeV can be directly attributed to the effect of the EBL. The position of

the GeV/TeV break is expected to change with redshift. Studying the ∆ΓGeV

offers an important tool to understand the EBL and its effect on the VHE

γ-ray photons, assuming that the intrinsic spectrum dose not turn up between

HE and VHE regimes (see Dwek & Krennrich, 2013, for more detail).

Fig. 2.21 shows the ∆ΓGeV as a function of redshift for different γ-ray

sources. The figure shows a clear trend of increasing |∆ΓGeV | with redshift.
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Figure 2.20: The Fazio-Stecker relationship τ = 1 calculated for different EBL
models. The blue, red, magenta, yellow, and green lines show the Fazio-Stecker
relationship obtained using Gilmore et al. (2008); Finke et al. (2010); Stecker
et al. (2006); Primack et al. (2005) and Kneiske et al. (2004) EBL models,
respectively.

Almost all the sources have ∆ΓGeV < 0, which strongly implies that the break

in the GeV/TeV spectrum is due to the attenuation by the EBL. In addi-

tion to the trend in the figure, there is a scatter at any redshift. The scatter

could indicate intrinsic softening/hardening of the sources. An upper limit in

the scatter implies that the break is only caused by the EBL (e.g., spectral

hardening in 1ES 0502+675; Abdo et al., 2011a), a lower limit suggests a com-

bination between the EBL absorption plus an intrinsic softening in the source

(e.g., spectral softening in PKS 1510-089 and 3C 279). In some cases there

are no spectral cut-offs up to 300 GeV (Mrk 501 Abdo et al., 2011b) and (Mrk

421 Abdo et al., 2011c) or even up to TeV ranges (Krennrich et al., 2002).

Disentangling the effects EBL and the intrinsic inherited features of the source

(softening/hardening of the spectra) is very challenging, therefore, multiwave-

length observations are crucial to fully understand the TeV spectrum.

2.3.4 ‘EBL-crisis’

As mentioned earlier the EBL absorbs VHE γ rays from distant sources, the

higher the distance the higher the absorption. Therefore, the spectral index

at this range must steepen with distance. According to most EBL models, the

VHE spectra at energies below 1 TeV and above 10 TeV are expected to be
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Figure 2.21: The difference between the spectral indices at TeV (ΓTeV , at
H.E.S.S, VERITAS and MAGIC energy range) and GeV (ΓGeV , at Fermi en-
ergy range) as function of redshift for different extragalactic γ-ray sources
(radio galaxies, HBLs, IBLs, LBLS, and FSRQs). The data is taken from
Dwek & Krennrich (2013).

steeper relative to the energies between 1 TeV and 10 TeV given that τ > 1

at the corresponding energies (Aharonian et al., 2008; Furniss et al., 2013).

However, recent studies of distant TeV sources show that the γ-ray spectra

corrected for EBL absorption appear unusually hard, or up-turns in some

cases, at the highest energies. The VHE γ rays show that the Γ does not

follow the expected pattern considering the estimated EBL density on these

γ-ray paths. Fig. 2.22 shows the observed Γ with respect to redshifts together

with the expected Γ only considering the EBL effect. We can clearly see the

deviation between the two, creating the so-called ‘EBL-crisis’. In other words,

it suggests that the Universe is more transparent than it should be.

Various solutions have been suggested to solve this discrepancy. These in-

clude lower EBL density than predicted by models (see Furniss et al., 2013,

and references therein), the production of secondary VHE photons due to the

interaction with extragalactic ultrahigh-energy cosmic rays (UHECR) along

the line of sight (see e.g., Essey & Kusenko, 2010). Some also suggested γ-ray

coupling with axion-like particles (ALP), predicted by several beyond stan-

dard models of particle physics (e.g., Domı́nguez et al., 2011; Horns & Meyer,

2012; Harris & Chadwick, 2014; Tavecchio et al., 2015). The idea of the γ-ray

mixing with ALP is that the γ-ray can potentially convert to ALP in magnetic

field. The magnetic field can be close to the source or in the intergalactic
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Figure 2.22: The observed spectral index Γobs at VHE γ-ray from blazars as
a function of redshift (green dots) with theoretical values of Γ considering the
EBL attenuation (lines). We consider three different intrinsic spectral indices
(Γ = 2, 2.5, and 3 in red, green , and blue lines, respectively). There is a clear
deviation between the observed and the expected values, specially at higher
redshifts. Data taken from table 1 in Sinha et al. (2014).

medium. The ALP does not interact with EBL therefore helps γ-ray avoid the

EBL absorption till it enters our Galaxy which the magnetic field will convert

them back to γ-ray. Another proposal to fix the Universe transparency prob-

lem requires a violation of the Lorentz invariance. The possibility of Lorentz

invariance violation altering the threshold of the interaction of the EBL with

the VHE photons (> 10 TeV) and reducing the EBL opacity to the γ-ray

(Tavecchio & Bonnoli, 2016).

In this thesis we will tackle the problem by studying the presence of the

EBL fluctuations (Furniss et al., 2015; Kudoda & Faltenbacher, 2016; Abdalla

& Böttcher, 2017) and its possible impact on the VHE γ-ray spectrum from

distance sources such as blazars.
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Chapter 3

EFFECTS OF SPATIAL

FLUCTUATIONS IN THE

EXTRAGALACTIC

BACKGROUND LIGHT ON

HARD GAMMA RAY

SPECTRA

This work is based on the EBL model developed during my master titled ‘Mod-

elling the Inhomogeneities of the Extragalactic Background Light’ on August

2015. After fixing some bugs in the code, we reconfirm the results published in

the Masters thesis. For the following publication in MNRAS we extended the

work by: 1) including a comprehensive comparison with existing models, 2)

calculation of the γ-ray horizon, 3) calculation of γ-ray transmissivity, 4) de-

termination of the de-absorbed γ-ray spectra of four observed blazars, and 5)

the derivation of predictions and constraints for future VHE γ-ray observations

with the Cherenkov Telescope Array.

This work has been published in Monthly Notices of the Royal Astronomical

Society, Kudoda & Faltenbacher Volume 467, Issue 3, 1 June 2017, Pages 2896-

2902. The corresponding author of the work is Ayman Kudoda, No content

was modified aside from necessary formatting.
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Abstract

This study investigates the impact of the fluctuations in the ex-

tragalactic background light (EBL) on the attenuation of the hard

γ-ray spectra of distant blazars. EBL fluctuations occur on the

scales up to 100 Mpc and are caused by the clustering of galax-

ies. The EBL photons interact with high-energy γ-rays via the

electron-positron pair production mechanism: γ + γ′ → e+ + e−.

The attenuation of γ-rays depends on their energy and the den-

sity of the intervening EBL photon field. Using a simple model for

the evolution of the mean EBL photon density, we implement an

analytical description of the EBL fluctuations. We find that the

amplitudes of the EBL energy density can vary by ±1 per cent as

a function of environment. The EBL fluctuations lead to mild al-

terations of the optical depth or equivalently the transmissivity for

γ-rays from distant blazars. Our model predicts maximum changes

of ±10 per cent in the γ-ray transmissivity. However, this trans-

lates into marginal differences in the power-law slopes of currently

observed γ-ray spectra. The slopes of deabsorbed γ-ray spectra dif-

fer by not more than ±1 per cent if EBL fluctuations are included.



3.1 INTRODUCTION

The extragalactic background light (EBL) is the light between 0.1 and 1000

µm accumulated by the global stellar population throughout cosmic time. It

contributes about 1 per cent to the sky brightness from the ultraviolet (UV) to

infrared (IR) wavelength range (Bernstein, 2000) with two peaks dominating

the spectrum: a first peak between 0.1 and 10µm, which is due to direct

stellar emission; and a second peak between 10 and 1000µm caused by the

dust contribution (Hauser & Dwek, 2001; Dwek & Krennrich, 2013).

The EBL contains a wealth of information related to the evolution and

the structure of the Universe and its astrophysical components. Measuring

the EBL directly, however, is difficult for various reasons. For example, it is

challenging to separate the EBL from the zodiacal light of our Solar system and

from the foreground light of our Galaxy (Costamante, 2013). For direct source

counts, the foreground light causes a systematic bias against the detection

of individual faint or low surface brightness galaxies and intergalactic stars.

Despite all difficulties, the measurement of the EBL can provide useful integral

constraints on star formation models and the baryonic matter content of the

Universe (Bernstein, 2000).

Several observational studies have been carried out to investigate fluctua-

tions in the EBL. Fluctuations in the EBL are expected due to the density fluc-

tuations of the underlying galaxy population. For instance, Shectman (1973)

and Shectman (1974) study the anisotropy in the optical regime, and Kashlin-

sky et al. (1996b) investigate the clustering in the near-IR region using Cosmic

Background Explorer (COBE) and Diffuse Infrared Background Experiment

(DIRBE) maps. Although one cannot determine the EBL density by knowing

only the fluctuations in the EBL, the fluctuation measurements can be used

to derive limits on the EBL density at certain regions of the spectrum (Pénin

et al., 2012; Dwek & Krennrich, 2013).

Indirect measurements of the EBL can be obtained from observations of the

attenuation of γ-ray spectra of distant very high energy (VHE) sources such

as quasars. As γ-rays travel through the Universe, they interact with EBL

photons producing electron-positron pairs (γ + γ′ → e− + e+). This process

leaves a finger print on the spectral index of the quasars in the VHE regime

(Stecker et al., 1992; Yuan et al., 2012; Stecker et al., 2016). Electron-positron

pair production is the main channel for γ-ray absorption at VHE, and the

only absorption process we consider here for γ-ray photons travelling cosmic

distances. It can take place only if the total energy of the two interacting



photons is higher than the rest mass of the electron-positron pair. Based on

the cross-section of the photon-photon interaction and a model of the EBL

density, the optical depth (τ) can be computed for VHE γ-ray sources at

redshift z.

It is well known that galaxies, the sources of the EBL, are clustered. Thus,

the EBL density is expected to be subject to fluctuations too. However, since

the EBL is accumulated throughout the history of the Universe, the fluctu-

ations may be small as they are largely overpowered by the homogeneous

contribution of EBL sources at larger distances. To what extent these small

fluctuations can impact the attenuation of VHE quasar spectra is currently

still under debate. Recently, Furniss et al. (2015) found a correlation between

VHE-emitting sources and cosmic voids along the line of sight. However, they

estimate that the attenuation decreases less than 10 per cent for a γ-ray source

with opacity τ ∼ 5 if the line of sight goes entirely through underdense regions.

The model presented here provides a quantitative analysis of EBL fluctuations,

which allows us to predict the alteration of the attenuation of VHE γ-rays from

distant quasars.

The structure of this paper is set as follows. In Section 3.2, we introduce

the analytical EBL model, which is based on the work of Razzaque et al. (2009)

and Finke et al. (2010) with an extension allowing for the implementation of

EBL fluctuations. The calculations for the absorption of γ-rays due to the in-

teraction with EBL photons are reviewed in Section 3.3. Based on deabsorbed

quasar spectra, the impact of the EBL fluctuations is discussed in Section 3.4.

Finally, a brief conclusion is given in Section 3.5.

3.2 MODELLING THE EBL

The EBL model employed here is similar to the approach presented in Raz-

zaque et al. (2009), hereafter referred to as RDF09, which is a forward evo-

lution model. RDF09 take into account only the contribution of the stellar

component, which is inferred from the stellar thermal surface emission of main-

sequence stars modelled as blackbody radiation. Contributions from off-main-

sequence stars are ignored. Since the total contribution of quasars and active

galactic nuclei (AGNs) to the optical and the IR regime of the EBL spectrum

is 10− 20 per cent at maximum (Hauser & Dwek, 2001), the contributions of

AGNs are ignored by RDF09 and in our model as well.

The IR re-emission of stellar light absorbed by dust is modelled following

Finke et al. (2010), hereafter referred to as FRD10. As an extension, we
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Figure 3.1: Model of the EBL energy density including stellar and dust com-
ponents at different redshifts (solid lines). The model of the stellar component
(dashed lines) is a reproduction of model B in Razzaque et al. (2009). The
emission of the dust component, responsible for the two peaks at λ & 8µm, is
computed following Finke et al. (2010).

implement a statistical description of fluctuations of the EBL photon densities

due to the clustering of galaxies. For that purpose, we utilize the small-scale

(< 100 Mpc) variance of the cosmic star formation rate.

3.2.1 Stellar component

This section gives a brief review of the RDF09 model; for more details, we

refer the interested reader to the original article by RDF09. The RDF09

model estimates the EBL at z = 0 by integrating the contributions from stars

of all masses formed throughout the history of the Universe. The emission of

stars is modelled as blackbody radiation at a given temperature emitted from

the spherical surface of the star. Temperature and radius are expressed as

fitting functions with the stellar mass as free variable. The mass distribution is

modelled by a given initial mass function (IMF) plus a stellar lifetime criterion,

which eliminates the contribution of stars that have left the main sequence.

A further element for the integration of the EBL is the global star formation

rate (SFR).

With these ingredients, the spectral energy distribution (SED) of the stellar

64



component of the EBL measured at present (z = 0) can be expressed by

dN(ε, z = 0)

dεdV
=N

∫ ∞
z=0

dz′′
∣∣∣∣ dtdz′′

∣∣∣∣ψ(z′′)

∫ Mmax

Mmin

dMξ(M)

×
∫ z′′

max{z=0,zd(M,z′)}
dz′
∣∣∣∣ dtdz′

∣∣∣∣
fesc(ε

′)
dN(ε′,M)

dε′dt
(1 + z′), (3.1)

where N is the normalization factor for the IMF ξ(M), Mmin and Mmax are

0.1 M� and 120 M�, respectively, ψ(z) is the SFR at redshift z, ε′ = ε(1 +

z′) is the redshifted energy of the EBL photons, zd is the redshift when the

star evolves away from the main sequence and dN(ε′,M)
dε′dt

is the total number

of emitted photons per unit time per energy interval from a star with mass

M that uniquely determines the radius R and temperature T . The averaged

photon escape fraction from a galaxy, fesc(ε
′), is given by an empirical fitting

function adapted from Driver et al. (2008). The fraction of photons generated

in stars, which does not escape, is 1 − fesc(ε
′). In the RDF09 model, these

photons are considered to be lost. In the FRD10 model, discussed in the next

section, these photons are re-emitted in the IR band.

RDF09 considers different combinations between the SFR and IMF. We use

their best-fitting EBL model (model B with a single power law for the mass-

luminosity and mass-temperature relations) to calculate the SED. Model B is

based on the SFR described in Cole et al. (2001)10 and the modified ‘Salpeter

A’ IMF, dN/dM ∝ M−κ with κ = 1.5 for M < 0.5 M� and κ = 2.35 for

M > 0.5 M�.

In the following, we will make use of the comoving EBL energy density,

εuε, at a given redshift z = z1, which can be derived from the SED (equation

3.1) as follows:

εuε = (1 + z1)4ε2
dN(ε, z = z1)

dεdV
. (3.2)

Note, for the determination of the comoving EBL energy density at z = z1, all

occurrences of ‘z = 0’ in equation (3.1) have to be replaced by ‘z = z1’. Fig.

3.1 shows the evolution of εuε with redshift. The dashed lines represent the

stellar component and the solid lines show the full EBL with dust re-emission,

which is discussed in the following section.

10ψ(z) = [h(a+ bz)]/[1 + (z/c)d] with fitting parameters from Hopkins & Beacom (2006):
{a, b, c, d}={0.0166, 0.1848, 1.9474, 2.6316}
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Figure 3.2: Comparison of EBL energy density model spectra with observa-
tional data. The solid black line represent our EBL energy density at z = 0
and the dashed red line is model by Finke et al. (2010). The symbols repre-
sent EBL measurements: green circle - Xu et al. (2005); red octagon - Gardner
et al. (2000); blue triangle down - Bernstein (2007); cyan triangle up - Totani
et al. (2001); magenta triangle down - Mattila (1990); yellow triangle down -
Matsuoka et al. (2011); orange triangle down - Dube et al. (1979); grey triangle
down - Levenson et al. (2007); pink triangle up - Keenan et al. (2010); magenta
diamond - Ashby et al. (2013); blue square - Arendt & Dwek (2003); orange
pentagon - Hopwood et al. (2010); green star - Teplitz et al. (2011); grey plus
- Béthermin et al. (2010); cyan triangle down - Finkbeiner et al. (2000); pink
triangle down - Matsuura et al. (2011); green triangle up - Berta et al. (2011);
orange triangle down - Fixsen et al. (1998); grey triangle down - Pénin et al.
(2012); red star - Béthermin et al. (2012); orange dot - Odegard et al. (2007);
blue circle - Zemcov et al. (2010).

Table 3.1: Dust parameters

Component n fn Tn(K)
Warm large grains 1 0.60 40
Hot small grains 2 0.05 70

PAHs 3 0.35 450
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3.2.2 Dust component

In order to compute the dust re-emission spectrum, we start with the total

number of photons emitted per unit energy and time by a star of radius R

given by (as discussed in RDF09)

dN

dεdt
=

R2

πc2~3

ε2

exp(ε/kT )− 1
. (3.3)

RDF09 present fitting formulas, which allow us to compute all relevant stellar

quantities, such as radius R, temperature T and luminosity L as functions of

stellar mass M . The averaged fraction of photons absorbed by the dust is

given by 1 − fesc (cf. equation 3.1). The absorbed photons are re-radiated

in the IR. Assuming quasi-static equilibrium, the total energy absorbed and

re-emitted by the dust per unit time interval, dEdust(M)/dt, for a star of mass

M is given by

dEdust(M)

dt
=

∫ ∞
0

(1− fesc) ε
dN(ε,M)

dεdt
dε . (3.4)

To compute the dust IR emission spectrum, the interstellar medium is mod-

elled by three major dust components (cf. Desert et al., 1990): (1) large dust

grains; (2) small dust gains; and (3) polycyclic aromatic hydrocarbons (PAHs).

The superposition of the three associated blackbodies results in the dust IR

emission spectrum. The properties of the three blackbodies are indicated in

Table 3.1, where n is an arbitrary index, fn is the fraction of absorbed emis-

sivity re-radiated by a particular blackbody at temperature Tn. Consequently,

the total absorbed emissivity is equal to

dEdust(M)

dt
=

3∑
n=1

∫ ∞
0

Ωn(M)ε3

exp(ε/kTn)
dε , (3.5)

where the scaling factors Ωn(M) can be determined as follows:

Ωn(M) = fn
dEdust(M)/dt∫∞
0

ε3

exp(ε/kTn)
dε

. (3.6)

The dust re-emission term (equation 3.5) is plugged into equation (3.1),

resulting in the following integral expression for the comoving EBL energy

density measured at redshift z = z1:
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dN(ε, z = z1)

dεdV
=N

∫ ∞
z=z1

dz′′
∣∣∣∣ dtdz′′

∣∣∣∣ψ(z′′)

∫ Mmax

Mmin

dMξ(M)

×
∫ z′′

max{z=z1,zd(M,z′)}
dz′
∣∣∣∣ dtdz′

∣∣∣∣ (1 + z′)[
3∑

n=1

Ωn(M)ε′2exp(ε′/kTn) + fesc(ε
′)
dN(ε′,M)

dε′dt

]
(3.7)

The solid lines in Fig. 3.1 show the comoving EBL energy densities for

a set of redshifts as indicated. Fig. 3.2 compares the EBL spectrum for the

present epoch (blue solid line) with observations (symbols) and the FRD10

model (red dashed line). The FRD10 model comprises a more sophisticated

stellar evolution model (based on fits to stellar evolution tracks presented in

Eggleton et al. 1989), which leads to a slightly higher integrated luminosity of

individual stars. Consequently, our model provides a lower limit to the EBL

measurements as it employs a slightly underluminous stellar population. This

has no effect on our results as we are interested in the relative differences of

the γ-ray attenuation caused by the fluctuations of the EBL photon densities.

3.2.3 Implementing spatial EBL fluctuations

Galaxies show spatial clustering, which causes spatial fluctuations in the inten-

sity of the EBL. In order to develop a mathematical framework for computing

the EBL fluctuations, we start by determining the spatial fluctuations in the

SFR. The rationale behind this approach is that (1) the calculation of the

EBL in the RDF09 model is based on the integration of the SFR over cosmic

time; and (2) spatial differences in the SFR cause spatial differences in the

galaxy density. Thus, if a region shows a lower than average SFR, then the

galaxy density is lower and thus also the EBL intensity is lower compared to

the cosmic mean. For regions of higher than average SFR, the opposite holds

true.

For a rough (but sufficient) estimate of the spatial fluctuations in the SFR,

we employ a semi-analytical galaxy catalogue based on the Millennium Sim-

ulation Run 7 (MR7, Lemson & Virgo Consortium, 2006; Guo et al., 2013),

which reproduces the observed galaxy populations reasonably well. We extract

the distribution of the SFR within shells of 10 Mpc h−1 thickness centred on

1000 seed points which span a regular grid filling the volume of the simulation
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Figure 3.3: The SFR history derived from the semi-analytical galaxy catalogue
by Guo et al. (2013) as function of redshift. The red points represent the mean
star formation rate in the entire simulation box at the redshifts of the snap-
shots. The fluctuations are indicated as vertical, “trumpet-shaped”, shaded
regions delineated by the lower 5 and upper 95 percentiles of the distribution
of SFRs in shells of various radii (redshifts) about 1000 centres located on a
regular grid within the simulation box.

box. The 5th and 95th percentiles of the distribution of SFRs in each shell

give a measure of the scatter in the SFR as a function of the distance to the

location of the observer.

The determination of the scatter is repeated for all snapshots, which com-

prise galaxies (z . 10). The comoving shell radii, Ri, can be converted into

a redshift separation, zi = z − zsnap, by using the distance-redshift relation,

czi = H(zsnap) a(zsnap) Ri, where zsnap is the redshift of the snapshot, Ri is

the comoving distance, and H(z) and a(z) are the Hubble parameter and the

scalefactor at that redshift. Fig. 3.3 shows the mean SFR in the simulation

box for the snapshots between z = 0 and z = 1 (red circles) and the scatter

as a function of z (blue ‘trumpets’). The trumpet shape is easily explained:

Locally within Ri . 100 Mpc/h (zi . 0.03) the scatter in the SFR is large,

but as the radii of the shells increase, the scatter of the SFR reduces, which

is simply a volume effect. To obtain a time-independent approximation for

the spatial scatter of the SFR, we fit polynomials to the trumpet shapes of all

redshifts simultaneously: one polynomial for the upper 95 percentile margin

and another polynomial for the lower 5 percentile margin.

Adding the upper or lower margins to the smooth SFR at a given redshift
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Figure 3.4: Limits for γ + γ′ → e−e+ pair production for various redshifts.
The lines represent the s0 = 1 condition (Gould & Schréder, 1967) as a func-
tion of γ-ray, Eγ and EBL photon energy, εEBL. For each given redshift pair
production is possible in the area above the line.

allows us to model the EBL intensity in overdense and underdense regions,

respectively. The continuous use of the upper margin of the SFR for the

computation of the local EBL intensity along the path of a γ-ray models a

γ-ray traversing the Universe within a cylinder of enhanced galaxy (SFR)

densities. In contrast, a continuous use of the lower margin of the SFR mimics

a γ-ray within a cylinder of reduced galaxy (SFR) densities. These are the

two extreme cases, which we employ to determine the upper and lower limits

of γ-ray attenuation.

3.3 ABSORPTION OF γ-RAY SPECTRA

The total cross-section, σ, for electron pair production, γ + γ → e+ + e− (cf.

Gould & Schréder, 1967), is

σ =
1

2
πr2

0(1− β4)

[
(3− β4) ln

1 + β

1− β − 2β(2− β2)

]
, (3.8)

where β =
√

1− 1
s

is the electron and positron velocity, r0 is electron radius

and s = s0
2

(1−cos θ) is square energy of the centre of mass, where s0 =
(

εE
m2c4

)
.

According to equation (3.8), pair production can occur only if s > 1. Fig. 3.4

shows the s = 1 lines as a function of the γ-ray and EBL photon energies

at different redshifts. Pair production is possible in the regions above the
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Figure 3.5: E − z contours for values of τγγ = 1− 9 based on the EBL energy
density predicted by our model. Each line is labeled by the corresponding τ .
The bottom line for τγγ = 1 defines the γ-ray horizon which separates γ-ray
transparent (below) and γ-ray opaque (above) areas.

lines. At z = 0, for instance, γ-rays above ∼ 261 TeV can produce e−, e+ pairs

through interactions with EBL photons of the entire range shown (10−3 .

εEBL . 10 eV). In contrast, the EBL is transparent to the γ-ray photons below

∼ 0.02 TeV.

Based on the total cross-section, equation (3.8), we calculate the optical

depth, τγγ, as a function of γ-ray energy, E, and redshift, z (cf. Razzaque et al.,

2009), as follows:

τγγ(Eγ, z) = cπr2
0

(
m2
ec

4

Eγ

)2 ∫ z

0

dz1

(1 + z1)2

∣∣∣∣ dtdz1

∣∣∣∣
×
∫ ∞
m2
ec

4/Eγ(1+z1)

dε1
uε1
ε31
ϕ[s0(ε1)] , (3.9)

where s = Eγ(1 + z1)ε1/2m
2
ec

4, ϕ[s0(ε1)] =
∫ s0(ε)

1
sσ(s)ds andσ(s) = 2σ(s)

πr20
,

s0 = Eγ(1 + z1)/m2
ec

4.

As expected, τγγ(Eγ, z) increases with z, i.e. the γ-ray emission from

a source at a larger distance will be attenuated more strongly. For nearby

sources, τ is usually < 1, in which case the Universe becomes optically thin

for γ-rays. Still, at very high γ-ray energies, the optical depth can be larger

than 1, leading to an optically thick Universe. For a given Eγ, the redshift

at which τγγ = 1 defines the γ-ray horizon (Fazio & Stecker, 1970). Fig. 3.5

71



10-3

10-2

10-1

100

T
γ
γ z =0.02

z =0.08
z =0.14
z =0.2
z =0.5
z =1.0
z =2.5
z =5.0

10-2 10-1 100 101

 Eγ [TeV]

95

100

105

%

Figure 3.6: Upper panel : gamma-ray transmissivity as a function of γ-ray
energy at different redshifts. Lower panel : The relative difference between
the mean γ-ray transmissivity and the upper and lower limits due to EBL
fluctuations as a function of observed γ-ray energy. The lines above and below
the horizontal 100 per cent demarcation correspond to the lower and upper
limits of the EBL fluctuations, respectively.
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shows the E − z contours for values of τγγ = 1 − 9 based on the EBL energy

density predicted by our model.

The transmissivity, Tγγ, is defined as the probability to observe γ-rays with

energy, Eγ, from a source at redshift z. It can be calculated by

Tγγ(Eγ, z) = e−τγγ(Eγ ,z) . (3.10)

The upper panel in Fig. 3.6 shows the transmissivity as predicted by our

EBL model for different redshifts. The graphs in the lower panel are discussed

in the next section.

3.4 RESULTS

We use the EBL spectrum discussed in Section 3.2 as our fiducial model for the

mean EBL density. Upper and lower EBL density limits are implemented as

discussed in Section 3.2.3 corresponding to γ-rays travelling through overdense

and underdense regions along the entire path from the source to the observer.

We first discuss the impact of the spatial fluctuations of the SFR on the EBL

spectrum. The results are used to determine the mean, the upper and the lower

limits of the γ-ray transmissivity, which, in turn, is employed to deabsorb

VHE spectra of observed blazars. At the end of this section, we present a

speculation on how the spectra of very high redshift blazars would be affected

by the fluctuations in the EBL.

3.4.1 Fluctuations in the SFR and EBL

Equation (3.7) is the core of the model presented here. Basically, it integrates

over the cosmic SFR to obtain the comoving EBL energy density at z = z1. The

SFR is subject to spatial fluctuations, which we include in a statistical manner,

as illustrated in Fig. 3.3. The integration of the upper and lower limits of

the SFR allows us to compute the EBL intensity in overdense and underdense

regions, respectively. We find that the EBL intensity changes by ±1 per cent

over the entire frequency range, depending on whether the observer is located in

an overdense or an underdense region. This relatively small change is expected

since the majority of EBL photons arrive from shells with large radii, which

reflect the average luminosity of the Universe. However, cumulative effects for

γ-rays traversing the Universe along predominantly overdense or underdense

paths may still alter the γ-ray attenuation. The following section investigates

whether cumulative effects are significant
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Figure 3.7: Observed γ-ray fluxes of blazars indicated as blue circles and de-
absorbed counterparts shown as yellow squares. The blue and yellow lines
are power law fits (dN/dE ∝ E−Γ) to the observed and the deabsorbed data
points, respectively. The Γs as obtained from the power law fits are given in
Table 3.2.

3.4.2 Fluctuations in the γ-rays transmissivity

The lower panel of Fig. 3.6 displays the relative difference between the upper

and the lower limits of the transmissivities obtained by plugging in the lower

and upper limits of the EBL density in equation (3.9). Choosing the upper

(lower) SFR limit for every integration step mimics the cumulative effect of

γ-rays travelling through overdense (underdense) regions along the entire path

from the source to the observer. It turns out that spatial fluctuations of the

EBL intensity have a negligible impact on the transmissivity for γ-ray sources

with z < 0.5 and Eγ < 1 TeV (. 2 per cent). But for larger energies and

redshifts, we find increasing deviations from the mean transmissivity. For

instance, sources at z > 0.5 with γ-ray energies Eγ > 0.1 TeV show a change

of up to ±10 per cent in the transmissivity.
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Table 3.2: Logarithmic slope of deabsorbed blazar spectra

Blazar Redshift Observed Γ Deabsorbed Γ
PKS 1424 + 240‡ 0.6035 4.26 2.072.05

2.08

PKS 1222 + 216† 0.432 3.84 2.772.75
2.78

lES 0229 + 200? 0.1396 2.51 1.721.71
1.73

3C 279• 0.536 3.94 2.662.64
2.67

‡Archambault et al. (2014), †Kushwaha et al. (2014), ?Aharonian et al. (2007) and
•Albert et al. (2008) Note: The superscripts and subscripts in column 4 represent

the upper and lower Γ based on the upper and lower transmissivity limits of the

EBL fluctuation model.

3.4.3 Impact on deabsorption of γ-ray spectra

Knowing the transmissivity allows us to determine the deabsorbed γ-ray flux

of the observed VHE blazar spectra as follows:[
dN

dE

]
deabsorbed

= exp[τ(z, E)]

[
dN

dE

]
observed

(3.11)

Deabsorbed spectra provide valuable insights into the intrinsic blazar physics.

Fig. 3.7 shows the deabsorbed spectra for a sample of four different VHE

sources at different redshifts. The lines present power-law fits to the observed

(blue) and deabsorbed (green) data points. Table 3.2 gives the exponents of

the deabsorbed spectra, which are slightly larger (spectra are steeper) than

reported in the literature. This is a result of the slightly underluminous stellar

population used in our model.

Employing the upper and lower limits of the transmissivity due to fluctu-

ations in the EBL causes marginal differences in the deabsorbed data points.

The ranges of the exponents of the respective power-law fits are indicated in

the fourth column of Table 3.2. The exponents differ by ∼ 1 per cent. This

leads to the conclusion that fluctuations in the EBL intensity have a marginal

impact on the slope of the spectra for the redshift range covered by the blazar

sample considered here.

3.4.4 Impact on high redshift γ-ray spectra

As a final speculative outlook, we calculate the maximum impact of the EBL

fluctuations on γ-ray sources at larger redshifts than observed to date. As a

starting point, we use the deabsorbed spectrum of lES0229 + 200 (cf. Fig.
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the data points. The magenta, green and red dots would be the observed fluxes
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line is the predicted CTA sensitivity for 50 hour observation. It is interesting
to note that the slope of the quasars and the sensitivity limit of CTA are very
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Figure 3.9: The yellow squares show the deabsorbed γ-ray fluxes with mea-
surement errors for PKS 1222+200. The magenta, green and red lines indicate
the upper and lower limits due to EBL fluctuations if the source is shifted to
z = 0.3, 0.5, and 1.0 and subsequently deabsorbed assuming the γ-rays travel
through over and under dense regions along the entire path from the source to
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Table 3.3: Deabsorbed slopes of blazar shifted to different z

Blazar Redshift Observed Γ Deabsorbed Γ

lES 0229+200
0.3 3.70 1.721.69

1.74

0.5 5.56 1.721.66
1.77

1.0 11.63 1.721.55
1.85

3.7), which is a nearby high-γ-ray energy source. We then shift this spectrum

to various redshifts by ‘absorbing’ it, i.e. multiplying it by exp[−τ(z, E)mean].

This is the reverse process to deabsorbing it.

Fig. 3.8 shows the absorbed data points. Purple diamonds, red stars

and green circles correspond to redshifts z = 0.3, 0.5, and 1.0, respectively.

For comparison, we copy the observed and the deabsorbed data as already

displayed in Fig. 3.7. The grey line represents the sensitivity limit for 50h

observations with the Cherenkov Telescope Array (CTA). The third column

of Table 3.3 gives the slopes of the absorbed (observable) data for the three

redshifts.

For γ-ray sources at increasing redshifts, the high-energy tails of the spectra

drop below the detection limit at decreasing energies. The spectrum of the

source shifted to z = 0.5, for instance, drops below the CTA sensitivity for

γ-ray energies above 700 GeV. It is interesting to note that the slope of the

spectrum is very similar to the slope of the sensitivity limit. Thus, a slight

change in the slope of the observed spectrum, possibly due to fluctuations in

the EBL, can have an effect on the detectability of the γ-ray source.

The fourth column of Table 3.3 gives the slopes of the deabsorbed γ-ray

spectra. Upper and lower limits are based on deabsorption for γ-rays prop-

agating through overdense or underdense regions along the entire path from

the source to the observer. Concretely, the absorbed (i.e. observable) data

points are deabsorbed by multiplying with exp[τ(z, E)mean], exp[τ(z, E)upper]

and exp[τ(z, E)lower]]. The deabsorbed data are fit to be power laws. Fig. 3.9

compares the ranges of the respective slopes to the intrinsic errors of the ob-

servation. The figure indicates that the change in the slope even for the most

extreme cases is comparable to the intrinsic error of current measurements.
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3.5 CONCLUSION

Understanding the evolution of the EBL is crucial for the interpretation of γ-

ray observations (and also for setting constraints on galaxy evolution models).

We employ a simple model introduced by RDF09 and include dust re-emission

following FRD10 to describe the evolution of the EBL spectrum. The use of

oversimplified stellar evolution models results in spectra that are at the lower

bound of current EBL measurements and theoretical predictions. This does

not affect our conclusions since we are interested in relative differences between

EBL in high and low luminosity density environments.

As an extension of current EBL models, we include EBL intensity fluctu-

ations, which are assumed to be the result of spatial fluctuations in the SFR.

The statistical description of the spatial fluctuations of the SFR is derived

from the semi-analytical galaxy catalogue based on MR7. The modified EBL

model allows us to investigate the impact of EBL fluctuations on the atten-

uation of VHE γ-ray spectra due to γ + γ′ → e+ + e− pair production. As

mentioned above, contributions of AGNs are ignored. However, despite the

relatively small contribution of AGNs to the overall EBL spectrum, the strong

clustering of AGNs at high redshifts (e.g. Porciani et al., 2004; Coil et al.,

2007; Ross et al., 2009) may slightly enhance EBL fluctuations at early times.

Testing this conjecture requires the implementation of an AGN model, which

is beyond the scope of this work.

The overall outcome of our study is that, in general, the impact of EBL

fluctuations on the slope of VHE γ-ray spectra is negligible. A deabsorption

procedure that includes this effect deviates by less than 1 per cent from deab-

sorption based on mean EBL intensities.

78



Chapter 4

DETAILED MODELLING OF

THE EBL ALONG VHE

γ-RAY PATHS

This work has been published in Monthly Notices of the Royal Astronomical

Society, Kudoda & Faltenbacher Volume 481, Issue 1, 21 November 2018, Pages

405-413. The corresponding author of the work is Ayman Kudoda, No content

was modified aside from necessary formatting.
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Abstract

Interactions between the extragalactic background light (EBL) and

very high-energy (VHE; E > 10 GeV) γ-rays from cosmological

sources alter their γ-ray spectrum. The stronger absorption of

harder γ-rays causes a steepening of the observed γ-ray spectrum

at the high-energy tail, which can be expressed by an increase of

the power index. The effect provides a link between high-energy

astrophysics and the evolution of galaxies. In this work we develop

a new hybrid EBL model by augmenting our previous analytic

model with information from semi-analytic galaxy catalogues. The

model allows us to study the γ-ray opacities of individual γ-ray

paths through the (simulated) universe and evaluate the effect of

local fluctuations in the EBL intensity along each path. We confirm

an order of magnitude fluctuations in the local EBL (based on the

cumulative light from model galaxy distributions within spheres

of 50 h−1Mpc). However, the effect of these fluctuations on the

VHEγ-ray opacity is insignificant due to the overall very small

contribution of the local EBL to the total EBL. We also investigate

the effect that a galaxy crossing the line of sight of the γ-ray source

may have on the VHE spectrum. We find that galaxies with stellar

masses of M > 1011 M� could have a significant effect on the γ-

ray absorption. It is unlikely that the observed variation in the

spectral index is caused by the proximity of single galaxies to the

γ-ray paths as these are extremely rare.



4.1 INRODUCTION

The extragalactic background light (EBL) is the integrated diffuse light from

stars and active galactic nuclei (AGNs) emitted through the history of the

Universe redshifted to longer wavelengths due to cosmic expansion. The spec-

trum of the EBL lies between the ultraviolet (UV) and far-infrared (FIR) with

two distinct peaks: a first peak at ∼ 1 µm due to direct stellar emission and

a second peak at 100m caused by stellar light that has been absorbed and

re-emitted by the intragalactic dust. Since the EBL carries information of the

star formation history of the Universe, its measurements can be used to pro-

vide constraints on star formation models and the baryonic matter content of

the Universe (Dwek, 2001).

Direct measurements of the EBL are difficult because of strong foreground

contamination by Galactic and zodiacal light. Nevertheless, efforts have been

made to provide upper and lower limits on the EBL using intensity measure-

ments of the sky and deep galaxy counts, respectively (see Dwek, 2001; Dwek &

Krennrich, 2013, and references therein). However, setting lower limits based

on galaxy counts is less reliable at longer wavelengths since unresolved galax-

ies become a source of confusion. Furthermore, constraining the EBL in the

10− 70µm range is complicated by the emission from the interplanetary dust

(Kelsall et al., 1998).

On the other hand, indirect measurements of the EBL can be obtained by

studying the spectral attenuation of distant γ-ray sources. Cosmic γ-rays can

be absorbed along the way through pair production, γ + γ′ → e+ + e−, where

γ′ indicates an EBL photon. This process causes spectral steepening of blazar

spectra in the very high-energy (VHE;E > 10 GeV) regime (Abramowski

et al., 2013). Since the attenuation depends on the γ-ray energy and the EBL

density along the line of sight, it can be used to constrain the EBL. This

method requires an understanding of the γ-ray source spectrum, which is still

a matter under discussion (e.g., Stecker et al., 1996; Dwek & Krennrich, 2005;

Aharonian et al., 2006; Mazin & Raue, 2007; Albert et al., 2008). Thus, it is

difficult to differentiate between the source-inherent effects and the signature

of the EBL on the observed spectrum (Mazin & Raue, 2007).

As illustration of the above, we replicate a figure from Sinha et al. (2014)

(Fig. 4.1) that shows a positive correlation between the spectral index (Γ) of

the high-frequency peaked BL Lac (HBL) sources and redshift, suggesting that

more distant sources have a higher probability of interacting with the EBL

along the path leading to the steepening of the VHE spectra. The authors



excluded extreme HBLs for homogeneity purposes, which brings out more

clearly the observed intrinsic systematic spectral hardening within this blazar

class (see also Ackermann et al., 2011). However, even with this homogeneous

sample there still is a large scatter in the Γ for sources at the same redshift.

Various models of blazar emission mechanisms indicate that blazars have a

broad range of γ-ray peak frequencies, and therefore varying VHE spectral

indices. In this work, we investigate a possible contribution from the EBL

fluctuations to the scatter of the observed spectral indices.

Several models have been developed to derive an overall spectrum of the

local EBL and its evolution. These models use different strategies to determine

the evolution of the comoving luminosity density as a function of redshift.

The most recent models can be classified into four types: ‘backward’ evolution

models, ‘forward’ evolution models, ‘cosmic chemical’ evolution models, and

‘semi-analytic’ models (Dwek, 2001).

Backward evolution models begin with the observed present day luminosity

functions for galaxy populations in the local Universe and extrapolate them to

higher redshift (e.g. Malkan & Stecker, 1998; Rowan-Robinson, 2001; Stecker

et al., 2006). Forward evolution models start with early structure formation

scenarios to predict the galactic evolution forward in time (e.g. Dwek & et al.,

1998; Razzaque et al., 2009; Finke et al., 2010; Kudoda & Faltenbacher, 2017,

, hereafter referred to as KF17). Cosmic chemical evolution models consider

basic galaxy ingredients such as gas, metallicity, and radiation content and

follow their evolution in a large comoving volume element (e.g. Pei & Fall, 1995;

Pei et al., 1999). Semi-analytic models apply physically motivated descriptions

and recipes to simulate galaxy formation and evolution (e.g. Kauffmann et al.,

1993; Cole et al., 1994; Somerville & Primack, 1999; Gilmore et al., 2012).

Semi-analytic models are a more challenging approach, but they provide a

better insight into the complex physical processes involved in the production

of the EBL.

The standard γ-ray absorption models assume spatially homogeneous EBL

densities. However, the spatial galaxy distribution is inhomogeneous on small

scales; thus one expects the EBL to fluctuate to a certain degree as well.

To what extent fluctuations affect the γ-ray transmissivity is not fully un-

derstood. The effect of inhomogeneous EBL densities on γ-ray opacities has

been explored by Furniss et al. (2015); Kudoda & Faltenbacher (2016); Ku-

doda & Faltenbacher (2017) and Abdalla & Böttcher (2017). KF17 predicted

maximum changes of ±10 per cent in the γ-ray transmissivity, which is in
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agreement with the results reported by Furniss et al. (2015) and Abdalla &

Böttcher (2017). A change of ±10 per cent in the γ-ray transmissivity, how-

ever, translates into only marginal differences in the power-law slopes of the

absorbed γ-ray spectra (. ±1 per cent).

In KF17, we developed a purely analytical framework for computing the

EBL fluctuation based on the phenomenologically determined variance of the

star formation rate (SFR). In this work we develop a new technique to model

the EBL (which may be adaptable for other problems as well) by combining the

forward and semi-analytic approaches in order to study the impact of the local

environment on the overall EBL spectrum and its effect on the γ-ray opacity

of the universe. The forward approach, borrowed from KF17, will be used

to model the isotropic contribution to the local EBL from galaxies at large

distances, while the semi-analytical galaxy catalogues from the Millennium

database (Lemson & Virgo Consortium, 2006; Guo et al., 2013) will be used

to create a light cylinder through the Universe to simulate the γ-ray path with

a more realistic distribution of galaxies close to the line of sight. Combining

the two approaches allows us to model γ-rays on individual paths through a

locally inhomogeneous EBL.

The structure of the paper is set as follows. We detail the new EBL model

in Section 4.2. The results of the EBL model and comparison with our previous

EBL model are presented in Section 4.3. The calculations of the γ-ray opacity

are discussed in Section 4.3.2. The case of a galaxy encounter with the γ-ray

path is shown in Section 4.4. Finally, we summarize and give a brief conclusion

in Section 4.5. In this work we used the WMAP7 cosmological parameters (Ωm,

Ωb, ΩΛ, h) = (0.272, 0.0455, 0.728, 0.701 km/s/Mpc).

4.2 MODELLING THE EBL

This work focuses on the effect of the stochasticity of local EBL fluctuations on

the absorption of VHE γ-rays. We employ a semi-analytical galaxy catalogue

to model the local EBL fluctuations. The spatial information of semi-analytical

galaxy positions allows us to investigate the γ-ray absorption along individual

γ-ray paths and evaluate the effects of different environments (EBL energy

density along the line of sight). Since the universe can be considered homoge-

neous on scales & 100 Mpc, it implies that the EBL originating for sources with

large distances to the γ-ray paths can be considered homogeneous. However, if

the γ-rays pass over or underdense structures such as galaxy clusters or voids,

the EBL is expected to take on values higher or lower than the average values.
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Figure 4.1: Observed spectral indices Γ of HBL as a function of redshift (data
obtained from table 1 in Sinha et al. (2014)) excluding extreme HBLS and
those with uncertain redshifts.

Consequently, we divide the computation of our EBL model into two parts: the

local EBL contribution (within a radius< 50h−1 Mpc) derived directly from

the semi-analytical galaxy positions and brightness and the contribution from

a homogeneous, analytically modelled EBL background (> 50h−1 Mpcc).

4.2.1 The local EBL contribution

The EBL differential specific flux at wavelength λ0, dFν(λo), arriving from

sources contained by a comoving volume element dVc(z) at redshift z and

wavelength λ can be computed as (e.g. Mo et al., 2010)

dFν(λo) = (1 + z)
Lν(λ, z)dVc(z)

4πdL(z)2
, (4.1)

where Lν(λ, z) and dL are the comoving specific luminosity density of the

sources and their luminosity distance, respectively. Since this formula is used

only for distances ≤ 50h−1 Mpc here we ignore the factor (1 + z) for the

computation of the local EBL contribution.

4.2.1.1 The light-cone cylinder

To investigate the impact of the ambient luminous structures on different γ-

ray paths, we use the semi-analytical galaxy catalogue MR7 (Lemson & Virgo

Consortium, 2006; Guo et al., 2013) and construct a rectangular volume with
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Figure 4.2: Example of the galaxy distribution within a cylinder enclosing an
individual γ-ray path with comoving radius of 50h−1 Mpc from z = 0 up to
z = 0.5. The red points in the middle of the cylinder represent the locations
where the local EBL density from a sphere of radius 50 h−1Mpc (red circles)
was computed. Note that here we are plotting a 10 Mpc slice of the cylinder.
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Figure 4.3: The mean galaxy stellar mass distribution within all the 961 cylin-
ders considered. The volume of a cylinder is 15.7× 106 (h−1 Mpc)3.
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two dimensions coincident with two edges of the simulation cube and the third

dimension extending into redshift space. In essence this is a rectangular sec-

tion of the cosmic light cone. The MR7 data provides 62 snapshots of a

5003 h−1 Mpc3 comoving simulation volume from redshift z = 50 up to z = 0.

We draw a total of 961 parallel γ-ray paths (with cylinders with a radius

R = 50h−1 Mpc around them) separated by ∼ 15 Mpc through the light cone

starting from z = 0 up to z = 0.5 (' 2000h−1 Mpc)).

In order to avoid periodic repetition of structures within the light cones we

randomly rotate the simulation cubes before stitching them together. More

precisely, we cut a slice from each snapshot with a thickness equal to the

comoving distance between two consecutive snapshots and place the slices at

the comoving distance corresponding to their redshifts. Fig. 4.2 shows an

example of the resulting cylinders, where the red dots represent the chosen

points (separated by dz = 0.01) to calculate the light intensity from the local

galaxies located in a sphere with radius of 50 h−1 Mpc (plotted as red circles

in the figure). The mean distribution of the stellar mass component of the

galaxies in all cylinders is shown in Fig. 4.3. The stellar mass of most galaxies

in the cylinders lies between 107 and 1011 M�.

To assign a spectrum to every galaxy in the cylinders, we use the galaxy

properties age, metallicity, and stellar mass (all listed in the MR7 catalogue)

together with the stellar population synthesis library BC03 (Bruzual & Char-

lot, 2003), assuming each galaxy has only a single stellar population. BC03

uses PADOVA 1994 stellar evolutionary tracks and Chabrier (2003) initial

mass functions (IMFs) to determine the high-resolution spectral evolution of

stellar populations with different metallicities and ages. Fig. 4.4 shows the

dust-free spectrum normalized with solar luminosity (L�) at different ages.

To get the total spectrum of the individual galaxies and estimate the light

absorbed by the dust, we apply an empirical formula for the light escape frac-

tion from (Razzaque et al., 2009) on the BC03 spectra and generate the stellar

component spectrum. The dust content is modelled by three components:

large dust grains, small dust gains, and polycyclic aromatic hydrocarbons

(PAHs) with the temperatures 40, 70 and 450 K, respectively (Finke et al.,

2010). In order to get the dust spectrum we integrate the total energy density

of the photons absorbed by the dust and distribute it over three blackbodies

representing the three dust components with the fractions0.60, 0.05, and 0.35,

respectively. The full spectrum is then obtained by combining the stellar and

the dust spectrum. Fig. 4.5 shows dust-free stellar and dust+stellar spectral
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Figure 4.4: The Bruzual & Charlot (2003) dust free spectrum using Padova
1994 evolutionary tracks with Chabrier IMFs at different ages.

energy distributions (SEDs) of the stellar population normalized to M� at an

age of 5 Gyr and solar metallicity.

In order to calculate the local contribution of the EBL at the sampling

points (the red dots in Fig. 4.2) we derive the EBL intensity by utilizing

equation (4.1) and add the contribution of the light from all galaxies within

the 50 h−1 Mpc comoving sphere. In this way we produce the local EBL

spectrum for all sampling points along the line of sight.

4.2.2 The homogeneous EBL background

For the homogeneous EBL background (beyond 50 Mpc) we use our previous

EBL forward model (KF17), considering only the contribution from main-

sequence stars to the EBL stellar component. The EBL at z = z1 is derived

by integrating the contributions from stars of all masses formed throughout

the history of the Universe from z = 10 to z = z1. The number of photons

N emitted from a star with mass M? at a specific energy interval dε and time

dt is modelled as blackbody radiation at a given temperature T? and radius

R? from the spherical surface of the star. An IMF [ξ(M)] is then employed to

model the mass distribution of the stars. A further element for the integration
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Figure 4.5: Illustration of the composition of a galaxy spectrum normalized
with solar luminosity. The dust free model at 5 Gyr from (Bruzual & Charlot,
2003) in red. The yellow represents the stellar emission, while the blue lines is
the total spectrum (stellar + dust extinction).

Figure 4.6: The local EBL spectra in different spheres at z = 0 (grey lines).
The yellow dashed line represents the median local EBL in one sphere as an
example. The observed fluctuations between different spheres can be explained
by the variation in the number of galaxies or large structures in each sphere
and their distances from the centre of the sphere. In other words, the lines
reflect the variation of the distance of the large structures from the line of
sight.
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Figure 4.7: The total EBL intensity at different redshifts (grey lines). The red
dash-lines represent the analytic KF17 model. The symbols represent EBL
measurements: green circle (Xu et al., 2005); red octagon (Gardner et al.,
2000); blue triangle down (Bernstein, 2007); cyan triangle up (Totani et al.,
2001); magenta triangle down (Mattila, 1990); yellow triangle down (Mat-
suoka et al., 2011); orange triangle down (Dube et al., 1979); Grey triangle
down (Levenson et al., 2007); pink triangle up (Keenan et al., 2010); magenta
diamond (Ashby et al., 2013); blue square (Arendt & Dwek, 2003); orange
pentagon (Hopwood et al., 2010); green star (Teplitz et al., 2011); Grey plus
(Béthermin et al., 2010); cyan triangle down (Finkbeiner et al., 2000); pink
triangle down (Matsuura et al., 2011); green triangle up (Berta et al., 2011);
Orange triangle down (Fixsen et al., 1998); Grey triangle down (Pénin et al.,
2012); red star (Béthermin et al., 2012); Orange dot (Odegard et al., 2007);
blue circle (Zemcov et al., 2010); the yellow x (Matsumoto et al., 2005); green
diamonds (Kashlinsky & Odenwald, 2000).
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Figure 4.8: The grey lines show the total EBL intensity along the various γ-ray
paths (961 cylinders) starting from z = 0 up to z = 0.5. The red dash-doted
line is the pure analytic approach KF17 from Kudoda & Faltenbacher (2017),
the red dashed line shows an example of the integrated total EBL intensity in
one cylinder

.

of the EBL is the global SFR (ψ(z)),

dN(ε, z = zi)star
dεdV

=N
∫ ∞
z=zi

dz′′
∣∣∣∣ dtdz′′

∣∣∣∣ψ(z′′)

∫ Mmax

Mmin

dMξ(M)

×
∫ z′′

max{z=0,zd(M,z′)}
dz′
∣∣∣∣ dtdz′

∣∣∣∣
fesc(ε

′)
dN(ε′,M)

dε′dt
(1 + z′), (4.2)

where N is the normalization factor for the IMF ξ(M), Mmin and Mmax are

0.1 M� and 100 M�, ε′ = ε(1+z′) is the redshifted energy of the EBL photons,

zd is the redshift when the star evolves away from the main sequence, and
dN(ε′,M)
dε′dt

is the total number of emitted photons per time per energy interval.

The averaged photon escape fraction from a galaxy, fesc(ε
′), is given by an

empirical fitting function adapted from Driver et al. (2008). The fraction of

photons generated in stars which do not escape is 1− fesc(ε
′).

To compute the dust component (dN(ε,z=0)dust
dεdV

), we followed the recipe dis-

cussed in the previous section by replacing the third integral in equation (4.2)
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with

×
∫ z′′

max{z=z1,zd(M,z′)}
dz′
∣∣∣∣ dtdz′

∣∣∣∣ (1 + z′)
3∑

n=1

Ωn(M)ε′2

exp(ε′/kTn)
, (4.3)

where n is an arbitrary index and Ωn are the scaling factors of the fraction of

starlight reradiated by a particular blackbody at temperature Tn. Combining

the stellar and dust components, we can obtain the full spectrum.

4.2.3 The total EBL spectrum

Finally, we derive the total EBL intensity by adding the local contribution

at zi to the homogeneous contribution zi − 0.01, which is approximately the

redshift corresponding to a 50 h−1Mpc comoving distance (the radius of the

sphere used to compute the local EBL contribution). The comoving radius of

the observable Universe is roughly 14.26 Gpc, which is roughly two orders of

magnitude larger than the radius of the sphere used for the computation of

the local EBL contribution. Therefore, one would expect the light intensity

of the homogeneous background to be roughly two orders of magnitude larger

than the intensity from the local contribution. Since the analytic background

model only considers main-sequence stars and assumes a redshift-independent

IMF and dust absorption to determine the EBL density, this results in an EBL

density lower than the observed one.

The inclusion of the post-main-sequence stars in the local EBL increases the

EBL density slightly compared to the analytical model but this contribution is

not sufficient to outweigh the shortfall of EBL contribution from the analytical

model.

4.3 RESULTS

In this section we first present the results of our hybrid EBL model and a

comparison with our previous pure forward analytic EBL model. We then

discuss the fluctuations of the γ-ray opacity using the EBL density along the

different γ-ray paths.

4.3.1 EBL spectra

We apply the method described in Section 4.2 to calculate the EBL energy

density, that is model the contribution of the local EBL and the homogeneous
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Figure 4.10: The distribution of the distances and stellar masses of the galaxies
closest to the individual γ-ray path (one galaxy per γ-ray path).
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Figure 4.11: Effect of close encounter between the γ-ray path and an inter-
vening galaxy on the EBL energy density, the γ-ray opacity and the VHE
γ-ray spectrum. The intervening galaxy is assumed to be located at a distance
corresponding to z = 0.15. The first column from the left shows the prob-
ability distribution of finding a galaxy at a specific radius (derived from the
relative positions of the semi-analytical galaxy population and the assumed
γ-ray paths), where the rows from top to bottom represent different stellar
mass bins. The second column shows the impact on the EBL energy density
when we insert a galaxy at 20, 40, 60 and 80 kpc from the line of sight repre-
sented by blue, red, yellow and green lines, respectively. For comparison the
EBL energy density at z = 0.15 without intervening galaxy is shown by the
black line. Assuming the γ-ray source at z = 0.16, the third column gives
the opacities corresponding to the different EBL spectra shown in the second
column. The last column presents the impact of the altered opacities on the
shape of VHE spectra with intrinsic power law index of Γ = −1.5 at z = 0.16.
The dashed magenta line indicates the intrinsic VHE spectrum without EBL
absorption.
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background separately. Fig. 4.6 shows the local EBL spectra from the 961

spheres at z = 0 as grey lines. The median of the spectra is indicated by

the yellow dashed line. We observe an EBL intensity variation of one order

of magnitude between the spheres, which is a result of the different galaxy

content within the individual 50h−1Mpc spheres. We observe a steep decline

of the local EBL intensity above 4 eV. This is due to the prevalence of galaxies

with old stellar populations (see Fig. 4.4).

In Fig. 4.7 we show the hybrid total EBL spectra (the summation of

the local contribution and the homogeneous background) within all light-cone

cylinders at different redshifts as grey lines and compare them with the EBL in-

tensity from our previous pure analytic model (KF17), displayed as red dashed

lines and observations given by the symbols. The total EBL intensity increases

with redshift, which is a consequence of the increasing number density of galax-

ies in physical coordinates. The total EBL spectrum at z = 0 is ±1 per cent

the spectrum in the KF17 model. This is the result of the more comprehensive

simple stellar population (SSP) evolution model used to determine the emis-

sion from the semi-analytical galaxies employed for the estimation of the local

EBL here.

The magnitudes of the total EBL intensity derived from our model are at

the lower limit of the observations but roughly in agreement with the data

points by Totani et al. (2001) and Fixsen et al. (1998). The low model EBL

intensities are caused by the oversimplified treatment of the stellar component

employed for the calculation of the homogeneous background. Since our main

focus is the impact of the EBL fluctuations on γ-ray opacity, an exact matching

of the observed EBL magnitudes is not necessary.

The fluctuations in the total EBL, that is the variation of the magnitudes of

the model EBL spectra for a specific redshift (bundles of grey lines in Fig. 4.7),

are small compared to the fluctuations in the local EBL (Fig. 4.6) because

the isotropic background is more than ∼ 100 times brighter than the local

contributions. The fluctuations between ∼ 0.004 and 4 eV are more visible as

a result of the local EBL spectrum shape (see Fig. 4.6) where older galaxies

dominate the spectrum.

Fig. 4.8 shows the evolution of the total integrated EBL spectrum (
∫
Iεdε

from 0.001 to 10 eV) as a function of redshift. Each grey line displays the

integrated EBL intensity along an individual γ-ray path. As expected the

amplitude of the fluctuations here also increases with redshift for the same

reason mentioned above. The red dashed line depicts the KF17 model and

94



indicates good agreement between the new semi-analytical approach and the

KF17 model.

4.3.2 γ-ray opacity

Based on the total cross-section σ for pair production in the photon-photon

interaction described in (cf. Gould & Schréder, 1967), we calculate the γ-ray

opacity τγγ as a function of the γ-ray energy Eγ and redshift, z (cf. Razzaque

et al., 2009):

τγγ(Eγ, z) = cπr2
0

(
m2
ec

4

Eγ

)2 ∫ z

0

dz1

(1 + z1)2

∣∣∣∣ dtdz1

∣∣∣∣
×
∫ ∞
m2
ec

4/Eγ(1+z1)

dε1
uε1
ε31
ϕ[s0(ε1)] , (4.4)

where r0 is the classical electron radius, s = Eγ(1 + z1)ε1/2m
2
ec

4 is the centre-

of-momentum energy square, ϕ[s0(ε1)] =
∫ s0(ε)

1
2sσ(s)

πr20
ds, and s0 = Eγ(1 +

z1)ε1/m
2
ec

4.

Using the above integral we determine the optical depth as function of γ-

ray energy for different redshifts. Fig. 4.9 shows the γ-ray opacity in the range

0.01−300 TeV for the 961 γ-ray paths as a function of the γ-ray source redshift.

The opacity increases rapidly above 1 TeV, implying that γ-ray photons at the

tail of the spectrum are most attenuated. The overall opacity also increases

with redshifts, showing that γ-rays from distance sources experience more

attenuation along their path. In addition, the resulting opacities for all γ-

ray paths overlap each other at all redshifts. This means that the small EBL

fluctuations along the γ-ray path, shown in Fig. 4.8 as grey zigzag lines, are

smoothed out over redshift, suggesting an average opacity along vast distances.

We can also say that the different structures along the various γ-ray paths

have no impact on the total EBL density and the consequent opacity over long

distances. The absence of fluctuations on the total EBL densities and opacities

along all possible γ-ray paths simulated here agrees with the purely analytical

results in KF17 where the variation in the EBL and the opacity was only ±1

per cent.

In conclusion, we find that the γ-ray opacities along the different γ-ray

paths simulated here do not show significant fluctuations.

Because of the finite number of γ-ray paths used here in combination with

the relatively low number densities of massive galaxies (see Fig. 4.10), which
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substantially enhance the local EBL photon density, we were not able to ex-

plore close encounters between massive galaxies and the γ-ray paths in a com-

prehensive manner. Therefore, in the following section we investigate close

encounters of galaxies with γ-ray paths by manually moving a model galaxy

into the line of sight.

4.4 THE IMPACT OF CLOSE GALAXY ENCOUN-
TERS

In this section we study the effect of galaxy encounters with the γ-ray path on

EBL energy density, opacity and γ-ray spectral index. To obtain an insight

into the frequency of close galaxy-γ-ray encounters, we select for each γ-ray

path the galaxy with the minimal perpendicular distance to the line of sight.

Fig. 4.10 shows the mass distribution of the 961 selected galaxies as a function

of distance from their corresponding γ-ray paths. The stellar mass of most of

these galaxies falls in the range of 107 − 108 M� between 10 and 30 kpc from

the line of sight. No galaxy with mass & 1011 is found at a distance less than

60 kpc from the γ-ray path. This is consistent with the overall stellar mass

distribution shown in Fig. 4.3, which indicates a stellar mass range of the

model galaxies from 107 to 1010 M�. In general, massive galaxies are rarely

found very close to the γ-ray paths simulated here.

However, one also has to consider the gravitational lensing effect caused

by an intervening galaxy, which counteracts the steepening of the VHE γ-ray

spectrum if the line of sight goes directly through the visible part of the inter-

vening galaxy (Barnacka et al., 2014). The deciding factor here is the impact

relative to the Einstein radius rE, which characterizes the strength of the grav-

itational lensing. The Einstein radius depends on the mass of the encountering

galaxy and the angular distances from the γ-ray source to the observer, from

the γ-ray source to the encountering galaxy, and from the encountering galaxy

to the observer. The lensing effect is significant if the γ-ray passes through one

rE ∼ 5 kpc of the intervening galaxy. Therefore, in this work we choose the

distance between the γ-ray path and the intervening galaxy to be & 20 kpc so

that we cover the effect of the encounter outside the lensing radius.

In order to quantify the effect of a close encounter we now insert a galaxy

close to the γ-ray path manually with a very simple model. In principle,

this will allow us to vary the distance, mass, and redshift of the encountering

galaxy, and investigate their importance. Fig. 4.11 summarizes the effects
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of the presence of a galaxy near the line of sight at z = 0.15 with the γ-

ray source at z = 0.16. There are no changes in the opacities if we change

the encountering galaxy’s redshift. Each row in the figure represents different

stellar mass bins starting from M < 107 M� at the top to M > 1013 M� at the

bottom with a logarithmic mass bin. The first column shows the probability of

finding a galaxy within a given perpendicular distance from the line of sight.

To compute the probability, we sum all galaxies at certain mass and radial

bins along all lines of sight and divide them by the total number of galaxies

inside a maximum radius of 0.1 Mpc. Using the total number of galaxies for

normalization instead of the number of galaxies in each mass bin separately

enables us to easily compare the relative radial probability distribution of the

galaxies in each mass bin. The second column displays the impact of a close

galaxy encounter with the line of sight on the EBL at different distances (20,

40, 60, 80 kpc). The third column gives the effect on the corresponding γ-ray

opacity due to the EBL, and the last column shows the absorbed VHE γ-ray

spectrum assuming an intrinsic Γ = −1.5 (displayed in black).

We find that the EBL density does not change much if the encountering

galaxy has a stellar mass less than 108 M�, even for a very close encounter

(e.g. as close as ∼ 20 kpc), whereas if the galaxy has stellar mass greater than

109 M� the impact can be significant depending on the distance from the line

of sight. Large galaxies with stellar masses ∼ 1011 M� have a substantial effect

on the spectrum even at relatively large distances (e.g. ∼ 80 kpc) from the

line of sight. However, the impact on the opacity can only be observed if the

galaxy’s stellar mass is higher than 1010 M�.

Table 4.1 shows the spectral index (Γ) fitted at two γ-ray (Eγ) energy

ranges (0.01 < Eγ ≤ 0.33 TeV and 0.33 < Eγ ≤ 10.8 TeV) for different galaxy

masses and distances. The last row in the table shows the spectral index for

this model where there is no galaxy inserted near the γ-ray path. The effects

of a galaxy encounter with the γ-ray path are significant only in the highest

energy range.

A steepening of the spectral index Γ due to a galaxy located close to the

γ-ray path can only be seen if the galaxy’s stellar mass is larger than 1010 M�.

The significance of the effect varies with the γ-ray energy: For Eγ < 0.33 TeV,

there is no observable change in Γ; for the 0.33 < Eγ ≤ 10.8 TeV range a

galaxy with stellar mass 5× 1011 M� causes a clearly visible steepening of the

γ-ray spectrum if it is close to the line of sight (. 40 kpc). Although the

probability of finding galaxies with stellar mass > 1012 M� is extremely low,
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Table 4.1: The spectral index Γs for different masses of galaxies at different
distances

Mass [M�] Energy [TeV] Γ20 kpc Γ40 kpc Γ60 kpc Γ80 kpc

5× 106 0.01 ≤ Eγ ≤ 0.33 1.50 1.50 1.50 1.50
0.33 < Eγ ≤ 10.8 1.53 1.53 1.53 1.53

5× 107 0.01 ≤ Eγ ≤ 0.33 1.50 1.50 1.50 1.50
0.33 < Eγ ≤ 10.8 1.53 1.53 1.53 1.53

5× 108 0.01 ≤ Eγ ≤ 0.33 1.50 1.50 1.50 1.50
0.33 < Eγ ≤ 10.8 1.53 1.53 1.53 1.53

5× 109 0.01 ≤ Eγ ≤ 0.33 1.50 1.50 1.50 1.50
0.33 < Eγ ≤ 10.8 1.53 1.53 1.53 1.53

5× 1010 0.01 ≤ Eγ ≤ 0.33 1.50 1.50 1.50 1.50
0.33 < Eγ ≤ 10.8 1.54 1.53 1.53 1.53

5× 1011 0.01 ≤ Eγ ≤ 0.33 1.50 1.50 1.50 1.50
0.33 < Eγ ≤ 10.8 1.62 1.55 1.54 1.54

5× 1012 0.01 ≤ Eγ ≤ 0.33 1.53 1.51 1.50 1.50
0.33 < Eγ ≤ 10.8 2.39 1.75 1.63 1.59

No galaxy
0.01 ≤ Eγ ≤ 0.33 1.50
0.33 < Eγ ≤ 10.8 1.53

they could have an enormous effect on the γ-ray spectrum even if they are

located as far as ∼ 80 kpc form the line of sight. The scatter in the observed

spectral indices Γ of the VHE γ-ray sources displayed in Fig. 4.1 cannot be

caused by galaxy proximity to the γ-ray paths as they are too infrequent to

cause the amount of scatter observed.

4.5 SUMMARY AND CONCLUSION

With this work we introduce a new hybrid EBL model combining semi-analytic

and forward evolution approaches to determine the EBL and its fluctuations

in a realistic manner. Instances of the local EBL are calculated at the centre

of 50 h−1Mpc spheres as the cumulative intensity of all galaxies within those

spheres. The galaxy properties are obtained from the MR7 galaxy catalogue.

The spectra of individual galaxies are generated using those galaxy proper-

ties and the stellar population synthesis spectral library BC03. The EBL

originating from all sources outside the 50 h−1Mpc spheres is assumed to be

homogeneous and calculated analytically following KF17. We find one order

of magnitude fluctuations in the local EBL. However, when we compute the
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total EBL by adding the homogeneous background contribution the variation

is less than ∼ 1 per cent. This is expected as the local EBL contribution is

only a small fraction of the total EBL intensity.

Based on the hybrid model, we calculate the EBL along ∼ 1000 γ-ray paths

up to z = 0.5; that is, enveloping the γ-ray we construct light-cone cylinders

of 50 h−1Mpc comoving radius through the MR7 simulation volume within

which we compute the local EBL based on the local galaxy content. The EBL

beyond the cylinder is determined analytically for every time-step. The hybrid

EBL model approach then allows us to integrate the VHE γ-ray absorption

along the γ-ray paths and determine the change of the observed γ-ray spectral

index due to the preferential absorption of VHE γ-rays by the EBL photons.

The integrated opacities agree with the observed steepening of the hard

γ-ray spectra as a function of redshift. But, we find only negligible variations

of the opacities along the different γ-ray paths. Thus, our hybrid model which

takes into account the contribution of individual galaxies close to the γ-ray

path cannot account for the scatter in the spectral index seen in Fig. 4.1.

To cover very close encounters of galaxies with γ-ray paths (which are not

apparent in our statistical sample), we manually insert an individual galaxy of

different stellar mass 5×106 M� to 5×1012 M�) very close to the line of sight.

We then compute γ-ray absorption and the increase of the spectral index Γ,

which is set to be Γ = −1.5 without absorption. We find that the presence of

a single galaxy with stellar mass < 109 M� has no measurable impact on Γ

independent of its distance to the line of sight. On the other hand, high-mass

galaxies with 1010 − 1012 M� at distances less than 50 kpc from the line of

sight cause a clearly visible steepening of the VHE γ-ray spectrum. Given the

future increase of the number of observed VHE γ-ray sources (roughly a factor

of 10 with the coming Cherenkov Telescope Array, CTA), these encounters

may become more important.

99



Chapter 5

EVALUATING THE POWER

SPECTRUM OF THE

EXTRAGALACTIC

BACKGROUND LIGHT

This work is in preparation for publication.
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Abstract

In this work we discuss a model of the extragalactic background

light (EBL) which is based on the representation of the EBL inten-

sity contrast in Fourier space. In particular, we describe the EBL

and its fluctuations by computing its three dimensional power spec-

trum, a concept which is well known from the description of cos-

mic density fields. The EBL itself is derived from a semi-analytical

galaxy catalogue based on the Millenium dark matter simulation.

The amplitude of the EBL fluctuations is about four orders of mag-

nitude lower than those of the corresponding matter fluctuations.

We find that on scales . 10 Mpc the amplitudes of the EBL power

spectrum are six orders of magnitude lower than the corresponding

amplitudes of the matter power spectrum. An obvious explanation

for this behaviour is the 1/r2 law for the light distribution around

point sources (i.e. galaxies) which blurs the spatial EBL intensity

distribution compared to the matter density field. We find a sub-

stantial increase of the amplitudes on scales of & 100 Mpc, which

corresponds to the size of large voids and super-clusters. At these

scales the amplitudes of the EBL power spectrum are four orders of

magnitude lower than the corresponding amplitudes of the matter

power spectrum. Comparing the power spectra of the EBL and the

underlying matter distribution we determine the EBL-matter bias

factor as a function of wave number k. Knowing the bias factor

between EBL and matter distribution gives way for a theoretical

interpretation of possible future EBL fluctuation measurements. It

also allows one to model the distribution of light and matter in a

realistic and efficient way.



5.1 INTRODUCTION

The spectrum of the extragalactic background light (EBL) spans from ultra-

violet to infrared wavelengths. However, the foreground emission from our

Galaxy and the zodiacal light from our solar system in this range complicate

its measurements. Measuring the EBL directly is a daunting task, but one can

measure the fluctuation to set limits on the intensity (Hauser & Dwek, 2001;

Dwek & Krennrich, 2013).

The EBL traces radiation from the formation and evolution of structure

in the Universe since the epoch of recombination. Thus, measurements of the

EBL spectrum may serve to constrain models of the star formation history

of the Universe. It has been established that most of the EBL is produced

by discrete galactic or primordial stellar sources (Dwek & Krennrich, 2013).

EBL source models, therefore, should predict the fluctuations in their number.

Fluctuations in the EBL reflect number density fluctuations of the sources, i.e.

their clustering properties driven by the underlying distribution of gravitating

matter.

Several studies of EBL fluctuations have been conducted, the first being in

the optical band by Shectman (1973, 1974), and Kashlinsky et al. (1996a) in

the infrared using the COBE DIRBE maps (see Kashlinsky et al., 2018, for a

review on infrared fluctuations). Based on these studies the spectrum in the

optical band has a strong dependence on the luminosity density of the Universe

with a similar covariance structure as the large scale galaxy distribution. The

minimum fluctuations in the infrared is found to be 10 per cent,which is much

larger than seen in the galaxy distribution. More recently, Kashlinsky et al.

(2012) analyzed the 3.6 and 4.5µm bands from Spitzer Extended Deep Survey

and confirmed infrared EBL fluctuations more than 10 times larger as expected

from known galaxy populations on 1◦ angular scales.

In a previous study (Kudoda & Faltenbacher, 2017) we have shown based

on a statistical approach that the spatial fluctuations of the star formation rate

produce ±1 per cent fluctuations of the EBL. In this work we employ a power

spectrum approach to model the spatial fluctuations of the EBL based on the

underlying cosmic matter density field. The comparison of a realistically mod-

eled EBL (Kudoda & Faltenbacher, 2018) and the underlying matter power

spectra allows us to derive a scale dependent bias factor, b(k), between EBL

and matter distribution. We determine b(k) in a heuristical manner which

allows us to analyze the statistical properties of the EBL in view of the un-

derlying matter distribution. This approach also provides an efficient way to



generate realistic EBL distributions from known cosmic density fields with-

out the necessity to model the galaxy population. More specifically, with the

known bias function one can use any N-body simulation, compute its Fourier

spectrum, multiply the amplitudes with the bias function and superimpose the

altered waves to generate a realization of associated EBL distribution.

The structure of this paper is as follows. Theoretical background is given

in Section 5.2. In Section 5.3 the EBL model is presented. The EBL power

spectrum calculation is given in Section 5.4. Finally, we discuss and give a

brief conclusion in Section 5.6. We used the WMAP7 cosmological parameters

(Ωm, Ωb, ΩΛ, h) = (0.272, 0.0455, 0.728, 0.701 km/s/Mpc) throughout this

work.

5.2 THEORETICAL BACKGROUND

5.2.1 Cosmic density field

In the standard paradigm of the large scale structure formation, the initial

density fluctuations, which are the seeds for subsequent structure formation,

are grown and amplified by gravity. The origin of these fluctuations is believed

to be quantum fluctuations magnified to macroscopic scales by inflation. The

large structures are reflections of these initial conditions of the cosmic density

field. To fully describe the cosmic density field one needs to determine the

density, ρ, or equivalently, the density contrast δ(x) = ρ(x)/ρ− 1 at any point

in space. However, this is infeasible due to the infinite number of field values.

An alternative is to consider the Fourier representation of the density field or

the density contrast. The amplitudes of the plane waves allow to investigate the

statistics of the Universe in a global (non localized) manner at sufficiently large

scale. Fortunately, the density distribution of the Universe can be represented

by a Gaussian11 random field. In a statistical sense, the density field of the

Universe is fully determined by its power spectrum.

5.2.2 Power spectrum of Gaussian random fields

It turns out that a homogeneous and isotropic Gaussian random field is a good

approximation to describe the linear (or primordial, i.e. before gravitational

evolution causes an exchange of information between the basic wave modes)

11The field δ(−→r ) = V
(2π)3

∫
δ−→
k
e−i
−→
k .−→r d3k is called a Gaussian field when the phases δ−→

k
=

|δ−→
k
|eiφ−→k of the different Fourier components are uncorrelated.
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density fluctuations of the Universe (e.g. Bardeen et al., 1986). Thus, the

cosmological principle which states that the Universe ought to be statistically

homogeneous and isotropic at sufficiently large scale, is obeyed. The power

spectrum P (k) is related to basic wave modes by the following expression:

P (k) = 〈|δ(k)|2〉, (5.1)

where δ(k) is the Fourier transformation of the density contrast, δ(x), and k

is the Fourier mode or wavenumber. For a Gaussian random field the power

spectrum entails the complete statistical information of the density distribu-

tion.12.

The power spectrum is directly predicted from the theory of standard cos-

mology. The primordial power spectrum is assumed to follow a power-law

(p(k) ∝ kn, where n ∼ 1 is found for inflationary models, Baugh, 2000). The

evolution of the shape of power spectrum on different scales depends on the

growth of the fluctuation with the corresponding wavelengths (Baugh, 2000).

During linear evolution all fluctuation grow independently. In the non linear

regime the waves of different wavelength do interact.

5.2.3 Bias between galaxy and matter distribution

Observation of distribution of galaxies is needed to constrain the cosmolog-

ical models that predict the distribution of total matter (dark matter) in

the Universe. For this, we need some kind of relation between the observed

distribution of galaxies and dark matter. The simplest relation is to as-

sume that density fluctuations of both galaxies and dark matter are identical

(δgalaxy(x) = δdark matter(x)) on some scale x.

However, the number density of galaxy clusters is much less compared to

the number density of the galaxies. Therefore, one expects a strong bias in the

density field of clusters of galaxies than in the galaxies density field (Kaiser,

1984). More generally Davis et al. (1985) extended this hypothesis as a bias

between galaxy and dark matter. The simplest form of their hypothesis is

called a linear bias:

δgalaxy(x) = b δdark matter(x), (5.2)

12The statistical properties of the density field can also be determined by the two point
correlation function ξ(r). The two point correlation function is the Fourier transformation

of the power spectrum, and is given as: ξ(r) = 1
2π2

∫∞
0
k2P (k) sin(kr)

kr dk.
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where b is a constant bias that is independent of scale.

The relation between galaxy distribution and matter field is more complex

and may have dependencies other than density (such as merger history and gas

temperature etc.), which impact the bias factor, resulting in a nonlinear scale

and time dependencies. Also different galaxy populations can have different

relations13 (Strauss et al., 2000). In order to compute the bias ratio using

the power spectrum, a square root must be introduced as given in Coles &

Erdogdu (2007):

Pgalaxy(k) = b2(k)Pmatter(k), (5.3)

5.2.4 Bias between EBL intensity and matter distribu-

tion

In this work we focus on the relation between the distribution of photons and

the matter field. The spatial distribution properties of light sources correlate

with the emitted background photons to a certain degree. However, the light

distribution around point secures (i.e. galaxies) follows a 1/r2 profile. This

correlation is expected to be smoother than the galaxy distribution on small

scales. Furthermore, any processes which cause a bias between the overall

gravitating matter and the galaxy distribution, such as radiative and feedback

processes may cause a deviation of photon and matter fields (Baugh, 2000). In

order to describe the deviation phenomenologically, we will compare the power

spectra of both components.

If we use a sample that is drawn randomly from a Gaussian distribution

field, it is expected to be homogeneous, implying a flat power spectrum. There-

fore, if the density of the EBL photons is homogeneously distributed in the

Universe, as it is commonly assumed (Dwek, 2001; Hauser & Dwek, 2001; Dwek

& Krennrich, 2013), it should produce a flat power spectrum.

5.3 THE EBL MODEL

In order to model the EBL we used a mock galaxy catalogue by Guo et al.

(2013), which is based on the Millennium simulation run 7 (MR7). The MR7

is a cosmological N-body simulation that uses a customized version of GAlax-

ies with Dark matter and Gas intEracT 2 (GADGET2; Lemson & Virgo

13More generally, the form of the bias can be written as: δgalaxy(x) = f(δdark−matter(x))+
ε, where f is a bias function and ε expresses the dependence on physical variables.
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Figure 5.1: Schematic representation of the MR7 simulation box with grid
points (red points). The blue points represents galaxies in the simulation box.
The gray spheres represent the 50Mpc spheres used in the calculation of the
EBL around each point in the grid.

Consortium, 2006). The MR7 simulate 21603 dark matter particles (with

mp = 8.61× 108M�) within (500 Mpc/h)3 box. Simulation outputs are stored

in 62 snapshots between redshift z = 50 and z = 0. The Millennium simula-

tion web-portal provides dark matter halo catalogues and associated merger

trees. In addition, mock galaxy catalogues can be obtained, which are based

on a sophisticated semi-analytic model (Guo et al., 2013). The galaxy cata-

logues comprise comprehensive information of the individual galaxies, such as

star formation history, gas content, color composition etc. Unfortunately, the

galaxy spectra are not publicly available, therefore, we generate the spectra

based on the information of the stellar population as described in the subse-

quent paragraph.

To determine the overall EBL spectrum, we generate the spectrum of in-

dividual galaxies in the MR7 catalogue, assuming that each galaxy contains a

single stellar population. Using the stellar population synthesis library BC03

(Bruzual & Charlot, 2003), we select a stellar spectrum (absorption free) for

each galaxy according to its age and metallicities; and normalize the spectrum

by its stellar mass. In order to model the dust absorption/remission, we apply

the empirical formula presented in Razzaque et al. (2009) and estimate the

amount of light absorbed by the dust. Thereafter, we redistribute the energy

absorbed by the dust into three black-bodies with temperatures of 40, 70, and
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Figure 5.2: The local EBL spectra from the 1,000,000 points in the grid. The
red line is the median spectrum.

450 K respectively, as representations of the dust components (i.e., large; small

dust gains; and polycyclic aromatic hydrocarbons (PAHs)).

After determining the spectrum emitted from each galaxy in the simula-

tion box, we choose a 3D grid (100 × 100 × 100) inside the (500 Mpc/h)3, at

z = 0.0 and compute the flux received within spheres of certain radii Rs at

each point of the grid. Figure 5.1 shows a schematic of the grid points. Figure

5.2 shows the local EBL spectra for all the 1, 000, 000 points computed using

Rs = 50 Mpc/h spheres, assuming periodic boundary condition. A homoge-

neous EBL background spectrum, computed following Kudoda & Faltenbacher

(2018), is then added to the local flux to drive the total EBL spectrum for all

grid points at z = 0.0.

5.4 THE EBL POWER SPECTRUM

In order to compute the power spectrum, which will be used to compute the

bias factor b(k) =
√
PEBL(k)/Pmatter(k), we use the bolometric EBL intensity

(Ibol,point) for all points in the grid by integrating each EBL spectrum over the

energy:

Ibol,point =

∫ 10 eV

0.001 eV

Iε,pointdε, (5.4)

This is done to reduce the computational cost, since our aim is to present

a proof of concept rather than a detailed modelling of the EBL spectrum. The

approach is, however, extendable to the spectrum in an obvious manner.
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In the next step, we then compute the bolometric EBL contrast (δ) of all

the grid points as:

δEBL(x) =
Ii bol,point

Ibol

− 1, (5.5)

where I =

1000000∑
i=1

Ii bol,point

1,000,000
and x gives the coordinates of the individual grid

points. The Fourier representation of the bolometric EBL contrast, δEBL(k) is

then employed to compute the 3D power spectrum:

PEBL(k) = 〈|δEBL(k)|2〉. (5.6)

Convergence test

The adaption of 50 Mpc as radius for the light collecting spheres within which

the individual galaxies are used, allows us to consider the local EBL as a

smoothing scale. In order to understand how this smoothing scale affects the

power spectrum, we perform a convergence test. For this purpose the power

spectrum is computed using the local EBL intensity only (without adding the

homogeneous background). Figure 5.3 shows the power spectrum for the local

EBL using different spheres radii (5, 25, 50, and 100 Mpc).

If the EBL distribution were homogeneous (as assumed in most of the EBL

models), one expects an entirely flat power spectrum. However, Fig. 5.3 shows

that there exist two regimes where the power is approximately constant: one

for scales larger than 100 Mpc and the other for scales below 10 Mpc. The

power on large scales is about 3 orders of magnitude larger than the power

on small scale. The origin of the large scales power comes from super-clusters

and void structures which are known to extend to & 100 Mpc. The drop of

power for scales . 10 Mpc is most likely caused by the superposition of light

emission profiles around point sources. The choice of 50 Mpc light collecting

radii seems to be justified as it converges at the small scales . 10Mpc and still

does not ‘blur’ the power associated with the super structures.

5.5 THE EBL BIAS FUNCTION

In order to determine our heuristic EBL bias function

b(k) =

√
PEBL(k)

Pmatter(k)
, (5.7)

108



10-1 100

 k[Mpc−1]

101

102

103

104

P
(k

)

P(k)l,  R= 5[Mpc]

P(k)l,  R= 25[Mpc]

P(k)l,  R= 50[Mpc]

P(k)l,  R= 100[Mpc]

101102
 x[Mpc]

Figure 5.3: The power spectrum of the local EBL for four different radii 5, 25,
50, and 100 Mpc in red, blue, green, and black lines, respectively.

we employ the total EBL, i.e. including the light coming from galaxies beyond

the radius of the spheres within which we determine the local EBL intensity

directly. In accordance with the convergence study above, we use a light

collecting radius of 50 Mpc and add a homogeneous background following

Kudoda & Faltenbacher (2017), to get the total EBL at z = 0. A side effect

of using a radius of 50 Mpc is that from a cosmological perspective the radius

it is not large enough to necessitate the consideration of the retardation of

light, i.e. we do not need to consider time delay of light arrival due to large

distances.

Following the method described above, we use the total bolometric EBL

to compute the power spectrum p(k)EBL at z = 0, which we then compare

to the well established matter and the galaxy power spectrum. To determine

the galaxy power spectrum, we compute the galaxies mass density contrast,

by binning the mass of each galaxy in (5 Mpc/h)3 cells, and drive the 3D

power spectrum of the masses of the galaxies P (k)g. The top panel in figure

5.4 compares the EBL, galaxy, and total matter distribution power spectra,

the EBL power spectrum is scaled by a factor of 104. Since the dark matter

distribution for the MR7 is not publicly available, we have used the power

spectrum by Smith et al. (2003). The authors used a cosmological N-body

simulations to simulate the nonlinear evolution of the matter power spectrum.

The lower panel of figure 5.4 shows the scale dependent bias, b(k), between

the light distribution and the total mass distribution as a solid green line and
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Figure 5.4: Top panel: the power spectrum expected by ΛCDM model (pur-
ple line), the power spectra for the galaxy and total EBL photon are in blue
dashed-line and green line (multiplied by a factor of 10000), respectively. Bot-
tom panel: show the bias between the galaxy distribution and dark matter
(ΛCDM) in blue dashed line, and EBL and dark matter in green line.

between the galaxy masses distribution and the total mass distributions as a

dashed blue line.

5.6 DISCUSSION AND CONCLUSION

Current EBL models usually assume that the EBL is homogeneous. As a

consequence one expects the power spectrum associated with the EBL inten-

sity distribution to be flat, i.e. showing the same amplitudes independent

of wavenumber k. Computing the power spectrum based on a realistic EBL

model which takes the contributions of individual galaxies within a cosmolog-

ical simulation into account, we find that the amplitude of the fluctuation of

the EBL is four to five order of magnitudes (less clustering and this almost

homogeneous) less than the amplitude of the fluctuations on the corresponding

matter distribution (see Fig. 5.4). At scales & 100 Mpc the EBL power spec-

trum is four orders of magnitude lower than the power spectrum of the large

scale matter distribution. In addition, the slope of the EBL power spectrum is
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almost the same as the corresponding matter power spectrum at these scales.

In contrast, on scales . 10 Mpc the amplitudes of the EBL power spectrum are

much smaller (roughly six orders of magnitude less) than those of the matter

power spectrum. Moreover, the power spectrum at small scales is flat.

Here we have a strong negative bias which is a result of the 1/r2 profile of

the light distribution about point sources (i.e. galaxies). The two regimes are

connected by a steeply falling curve. Thus, we find that the EBL is clustered

on very large scales in a similar way as the overall matter distribution and is

much less clustered than the matter distribution on small scales.

The EBL power spectrum, as computed above, can be used to model the

EBL photon distribution in a realistic manner including its fluctuations with-

out having to model the underlying galaxy distribution. In practice, at first

one would generate a random realization of the matter density based on the

matter density power spectrum which is routinely done to set up cosmological

N-body simulations. In a second step one would prune the individual ampli-

tudes of the matter power spectrum according to the bias function displayed in

Fig. 5.4. Finally, the Fourier transformation of the pruned amplitudes would

give the EBL photon intensity field associated with the matter distribution of

that particular realization. In particular, the EBL intensity associated with

super-structures, such as large voids or super-clusters, is captured by this ap-

proach without the need for determining the underlying galaxy distribution.

The analysis presented so far shows the potential to increase our under-

standing of the connection between the EBL and the underlying matter dis-

tribution. In future, the increasing sensitivity of instruments may allow as-

tronomers to observe the EBL fluctuations in a direct or indirect way. Then

our analysis can serve as a cornerstone of the theoretical interpretation of the

observations.
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Chapter 6

CONCLUSION

The extragalactic background light (EBL), spanning from ultraviolet to in-

frared wavelengths, captures the redshifted radiation emitted from all stellar

sources since the recombination era. Understanding the production and evo-

lution of the EBL is crucial for many aspects of cosmology and astrophysics.

For instance, for setting constraints on galaxy evolution models and the in-

terpretation of γ-ray observations. This requires an accurate measurements

of the EBL density. However, the faintness of the EBL (1% of the night sky

brightness) in addition to foreground emission form our Galaxy and zodiacal

light makes its direct measurement extremely challenging. Fortunately, we can

indirectly constrain its density through analysis of the EBL fluctuations.

The EBL also plays a significant role in the propagation of high energy γ

rays emitted from extragalactic sources (such as blazars). γ-ray photons in-

teract with the EBL en-route to Earth, affecting number of photons observed.

This interaction results in attenuation of the intrinsic γ-ray spectrum through

pair-production, thereby causing the observed spectrum to differ significantly

from the emitted one. The level of the attenuation of the γ-ray is strongly

controlled by the intensity of the EBL along their way to the Earth. However,

since the intrinsic VHE spectrum of blazars is still not fully understood, de-

termining the EBL provides an indirect tool to shed light on their spectrum.

Conversely, we can derive limits on the EBL density by assuming an intrinsic

VHE spectrum.

In recent years, thanks to the advancement in detecting techniques (from

ground and space), our knowledge of the γ-ray sky and high energy astro-

physics has substantially improved. The increasing number of observed VHE

sources provides us a bigger sample to study the signature of the EBL on

their spectra (seen as steepening of the VHE spectrum). With an eye to the
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Cherenkov Telescope Array (CTA) and other future γ-ray observations and

also to galaxy surveys, an accurate determination of the EBL fluctuation may

prove to be a powerful tool in cosmology to obtain insight into the workings

of our Universe.

In this thesis I focus on modeling the fluctuations in the EBL density

throughout the Universe, and on evaluation of the impact of the EBL fluctu-

ations on the VHE γ-ray from cosmological sources. This study is divided in

to three parts: first we look at the spatial EBL fluctuations in the Universe;

second, the impact of structures close to the γ-ray path on the EBL fluctu-

ation and thus the γ-ray opacity; last we investigate the correlation between

the EBL distribution and the underlying matter.

In Chapter 1 I present the standard cosmological framework briefly and

summarize the main ingredients of the formation and evolution of the Universe

from the ΛCDM model point of view. I also discuss the different parts of the

diffuse extragalactic background radiation spectrum.

In Chapter 2 of this thesis I provide an extensive review on the production,

measurements, and modelling of the EBL and its use as a cosmological probe.

I also provide a review of γ-ray astronomy: production, and interaction mech-

anisms, and astrophysical γ-ray sources. Special attention is given to Blazars,

the most ubiquitous VHE source detected in the extragalactic sky, and their

VHE γ-ray spectrum. Finally, I discuss the link between the EBL and the

γ rays, and mention some of the challenges linking the EBL and VHE γ-ray

astronomy.

In Chapter 3 I describe the EBL model that I developed extending the

model proposed by Razzaque et al. (2009) in the range of (0.1 − 10 eV) to

a full EBL spectrum in the range (0.001 − 10 eV) following the model by

Finke et al. (2010). The new model implements the fluctuations in the EBL

analytically based on the spatial fluctuations in the SFR that were derived

from the semi-analytic galaxy catalog by Guo et al. (2013).

We find that the fluctuations of the SFR density in small volumes, 25 Mpc

radius, can reach up to ±50% of the mean SFR density. By introducing the

SFR upper and lower limits on the EBL model, we compute the respective

upper and lower EBL density limits at different redshifts, which turns out to

be small (±1%). We use the upper and lower EBL limits at different redshifts

to compute the γ-ray transmissivity at different redshifts, and find that the
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variation in the transmissivity to minor. It turns out that spatial fluctuations

of the EBL intensity have negligible impact on the transmissivity for γ-ray

sources with z < 0.5 and Eγ < 1 TeV (. 2%). For higher energies and

redshifts, however, we find increasing deviations from the mean transmissivity.

For instance, sources at z > 0.5 with γ-ray energies Eγ > 0.1 TeV show a

change of up to ±10% in the transmissivity. However, the impact of the

is transmissivity variation on the spectral index of the γ-ray spectrum is ∼
1%. This leads to the conclusion that fluctuations in the EBL intensity have

marginal impact on the slope of the spectra for the redshift range covered by

the blazar sample considered here. From opacity calculations we see that the

higher the γ-ray energies the higher the effect of the fluctuations.

In Chapter 4 I introduce a new EBL, hybrid, model, where we combine

two modelling approaches: forward and semi-analytic. The goal is to study

the impact of the stochastic effect of the large scale structures on the γ-ray

path. In order to achieve this goal we construct ∼ 1000 cosmological cylinders

(γ-ray paths) with a thickness of 100 Mpc from z = 0 up to z = 0.5 using

the MR7 galaxy catalog. The total EBL through these paths is computed in

two steps the EBL within the cylinders (local) and a homogeneous background

(using our previous EBL model (Kudoda & Faltenbacher, 2018)). We use the

BC03 stellar library to assign different stellar spectrum for each galaxy in each

cylinder according to its age and metallicities and employ their stellar mass for

normalization. Thereafter, we use an empirical result to determine the dust

absorption, and redistributed the dust absorbed energy into three black body

spectra representing different dust populations. We use the inverse square law

to compute the flux from all galaxies within 50 Mpc at the centre of the cylin-

ders. At discrete points with dz = 0.01 through each cylinder are chosen to

compute the local EBL. We add to each point (at z = zpoint) the corresponding

background spectrum (at z = zpoint + 0.1). One order of magnitude difference

between different cylinders at the same redshift is confirmed. However, when

we added the background the differences become insignificant, because the

background is three orders of magnitude higher than the local flux (within

50 Mpc spheres). Due to the minor difference in the EBL between the paths,

the opacities (along all the paths) overlapped and no significant difference are

found between the γ-ray paths.

In addition, I present an investigation of the effects of a close encounter

between the γ-ray path and an intervening galaxy on the spectral index Γ of
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the VHE sources. This was done by inserting an artificial galaxy spectrum

close to the γ-ray path. We studied the different scenarios by changing the

distance from the γ-ray path (20, 40, 60 and 80 kpc) and the mass of the

inserted galaxy between 5 × 106 M� and 5 × 1012 M�. No significant effects

were observed on Γ when the stellar mass of the intervening galaxy is less

than 109M�. However, very high stellar mass galaxies could have a significant

attenuation on the VHE spectral index even at distances of 50 kpc from the

line-of-sight.

In Chapter 5 I investigate the EBL fluctuations in a different way from

the previous two methods. In this method I determine the bolometric EBL

density fluctuations in space and compute the 3D power spectrum of the EBL

density contrast. Based on this the correlation with the underlying matter

(dark matter) distribution in the Universe is investigated. For this, we follow

the EBL model described in Chapter 4. Then we compute the local EBL

using spheres distributed (in a grid of 100×100×100) within MR7 simulation

box at z = 0 (instead of light cones), to obtain the total EBL spectrum we

add a homogeneous background to all grid points. The bolometric intensity

is then computed by integrating these spectra over the energy. To quantify

the relation between the distributions of the EBL and the underlying matter

at different scales (k), we compute the bias between the power spectra of the

EBL and the overall matter distribution as predicted by the ΛCDM model.

We confirm that the EBL is almost homogeneous, the amplitudes of the

power spectrum are more than four orders of magnitude smaller compared to

the amplitudes associated with the matter fluctuations. Thus the EBL shows

a much lesser degree of clustering compared to the matter distribution in the

universe. Regarding the scale dependence of the EBL power spectrum, we

find that fluctuations on large scales (∼ 100 Mpc) are two orders of magnitude

larger than on small scales, i.e. < 10 Mpc. On small scales the power spectrum

is flat, implying a homogeneous distribution of the EBL photons which is

caused by the 1/r2 profile about the light sources. The EBL power spectrum

provides a realistic way to model the light distribution based on the outcome

of N body dark matter simulations. This way, the matter and corresponding

light distribution can be approximated without the need to model the light

emitting galaxy distribution. If one is interested only in modelling the EBL

including its fluctuations then the power spectrum can be used directly to

generate a realization of the EBL.
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6.1 FUTURE WORK

Although the work presented here provides a comprehensive analytical and

numerical method to constrain and evaluate the EBL fluctuations, the small

amplitudes of the EBL fluctuations and their effect of the VHE γ-ray spec-

trum from distant sources, is not enough to resolve the EBL crisis. Therefore,

in the near future we plan to investigate the effects of the secondary γ-ray

production from the first generation electron-positron pairs based on a Monte

Carlo approach.

In detail, VHE γ rays from distant sources such as blazars or γ-ray bursts

interact with the EBL photons, which on small scales are not distributed homo-

geneously. Since the cosmic electron density follows the large scale structure,

it is expected that the production of secondary γ rays, by annihilation of a

primary positrons for instance, will trace the large scale structure. Then, from

an observational perspective, the size of the γ-ray halo around the primary

source would allow us to make estimates of the integrated density along the

path of the γ-ray. Pair production and electron-positron annihilation will be

the main physical processes to consider in our Monte Carlo simulation which

will use the EBL as computed in the first part as input data.
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Abdalla H., Böttcher M., 2017, ApJ, 835, 237

Abdo A. A., et al., 2011a, ApJ, 726, 43

Abdo A. A., et al., 2011b, ApJ, 727, 129

Abdo A. A., et al., 2011c, ApJ, 736, 131

Abel T., Bryan G. L., Norman M. L., 2000, ApJ, 540, 39

Abel T., Bryan G. L., Norman M. L., 2002, Science, 295, 93

Abramowski A., H.E.S.S. Collaboration et al. 2013, A&A, 550, A4

Ackermann M., Ajello M., Allafort A., et al. 2011, ApJ, 743, 171

Ackermann M., et al., 2015, ApJ, 799, 86

Aharonian F. A., 2000, New A, 5, 377

Aharonian F., Akhperjanian A. G., et al. 2006, Nature, 440, 1018

Aharonian F., et al., 2007, A&A, 475, L9

Aharonian F. A., Khangulyan D., Costamante L., 2008, MNRAS, 387, 1206

Ajello M., et al., 2008, ApJ, 689, 666

Albert J., et al., 2008, Science, 320, 1752
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Rachen J. P., Mészáros P., 1998, Phys. Rev. D, 58, 123005

Razzaque S., Dermer C. D., Finke J. D., 2009, The Astrophysical Journal, 697,

483

Rieke G. H., Alonso-Herrero A., Weiner B. J., Pérez-González P. G., Blaylock
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